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2011

In this thesis we describe the generation and analysis of hydrodynamical simulations of galaxy clus-

ters and their intracluster medium (ICM), using large cosmological boxes to generate large samples, in

conjunction with individual cluster computations. The main focus is the exploration of the non-thermal

processes in the ICM and the effect they have on the interpretation of observations used for cosmo-

logical constraints. We provide an introduction to the cosmological structureformation framework for

our computations and an overview of the numerical simulations and observations of galaxy clusters.

We explore the cluster magnetic field observables through radio relics, extended entities in the ICM

characterized by their of diffuse radio emission. We show that statistical quantities such as radio relic

luminosity functions and rotation measure power spectra are sensitive to magnetic field models. The

spectral index of the radio relic emission provides information on structure formation shocks,e.g., on

their Mach number. We develop a coarse grained stochastic model of active galaxy nucleus (AGN) feed-

back in clusters and show the impact of such inhomogeneous feedback onthe thermal pressure profile.

We explore variations in the pressure profile as a function of cluster mass,redshift, and radius and pro-

vide a constrained fitting function for this profile. We measure the degree ofthe non-thermal pressure

in the gas from internal cluster bulk motions and show it has an impact on the slope and scatter of the

Sunyaev-Zel’dovich (SZ) scaling relation. We also find that the gross shape of the ICM, as characterized

by scaled moment of inertia tensors, affects the SZ scaling relation. We demonstrate that the shape and

the amplitude of the SZ angular power spectrum is sensitive to AGN feedback,and this affects the cos-

mological parameters determined from high resolution ACT and SPT cosmic microwave background

data. We compare analytic, semi-analytic, and simulation-based methods for calculating the SZ power

spectrum, and characterize their differences. All the methods must rely, one way or another, on high

iii



resolution large-scale hydrodynamical simulations with varying assumptions for modelling the gas of

the sort presented here. We show how our results can be used to interpret the latest ACT and SPT power

spectrum results. We provide an outlook for the future, describing follow-up work we are undertaking

to further advance the theory of cluster science.
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Chapter 1

Introduction

1.1 Motivation

How life on earth and the Universe originated are questions at the frontierof human curiosity. Astro-

physics are addressing such grand questions through the cosmological,and solar/extrasolar planet fields.

Cosmology is a vast field, with many sub-fields posing specific questions related to the larger one of the

origin of the Universe. In that vein, this thesis describes a collection of work focusing on structure

formation in the Universe, in particular on the study of giant galaxy clusters.

Galaxy clusters were first discovered by Edwin Hubble (Hubble, 1926)and later classified by Fritz

Zwicky (Zwicky, 1937), who discovered that a mysterious source of additional mass (known as dark

matter) was needed for the clusters to have a potential well massive enoughto keep the galaxies inside

from flying apart. Only after the galaxy cluster catalogs of George Abell (Abell, 1958) and early X-

ray satellites began observing extended emission from the clusters (e.g., Gursky et al., 1971), did their

utility as a cosmological tool become an important growing field. The interest in galaxy clusters and

their potential to constrain cosmological parameters has grown over time. Butwhy?

Simply put, galaxy clusters are the largest gravitationally bound objects in the Universe. They are

found at the nodes of the cosmic web (Bond et al., 1996), where filaments intersect. They are the high-

est peaks of the initial matter density, the extremely massive and rare end of structure formation in the

Universe. This makes them great observational tools for both cosmologyand astrophysics. Just as with

so many other observations in astronomy and astrophysics of collapsed objects, we wish to use clus-

ter observations to determine their masses and their distances. There are several observational proxies

for determining such quantities: for example, through dynamical measurements of the galaxies within

the cluster and X-ray emission from the hot gas within the cluster. The proxies require a theory to

convert such observables to a physical quantity like mass. The first attempts to model the thermody-

namic properties of clusters used the fact that clusters were in deep gravitational potentials and could

be modelled by virialized systems (e.g., Kaiser, 1986). For the early state of cluster observations these

1
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theoretical models were adequate. However, the theory of clusters needs to keep pace with the increased

demands on it from the higher precision of current observations, now the standard for all of cosmology.

The precision of cosmological parameter measurements over the past 20 years, primarily from the cos-

mic microwave background (CMB), has increased dramatically, so much so that we are considered by

many to be in thegolden ageof cosmology. This places pressure on we astrophysicists to develop our

theoretical models of galaxy clusters to rise to these standards.

The requirements now for cosmological parameters is to achieve percent level precision. This ne-

cessitates extremely accurate modelling of the intracluster medium (ICM) if the cluster system is to

contribute competitively to present standards. At this level of accuracy,there are several sub-dominant

thermal and non-thermal processes that become important to model correctly. The unique environment

of the ICM is also an astrophysical laboratory where, for example, one can study turbulence, pressure

support from bulk motions, cosmic rays, and energetic feedback from active galactic nuclei (AGN). The

overall goal of this thesis is to provide more accurate theoretical models of galaxy clusters and the ICM,

quantifying and modelling the non-thermal process within the ICM, and addressing the utility of galaxy

clusters as cosmology tools.

1.2 The Current Cosmological Paradigm

Understanding where galaxy clusters fit into the standard cosmology framework first requires a brief

overview of the current theoretical cosmological models and the formation of structure in the Universe.

Here we outline the basic cosmological framework and parameters, which are well understood, in large

part due to the observations of the CMB (e.g., the Wilkinson Microwave Anisotropy Probe, WMAP).

The concordance cosmological model is aΛCDM Universe in which the Universe is roughly composed

of 71% dark energyΛ1, 25% dark matter and 4% baryonic matter. These and other cosmological

parameters are constrained to within a few percent by observations of thetemperature and polarization

anisotropies in the CMB, type 1a supernova, weak lensing, baryonic acoustic oscillations, the Lyman-α

forest, and the large-scale structure of galaxy clusters.

The modern cosmological model is based on two underlying postulates: the Universe is homoge-

neous and isotropic. Observations of the CMB, from the surface of lastscattering, give the strongest

support for these postulates, with measurements of large-scale curvature fluctuations in the early epoch

of the Universe to be on the order of 10−4 (cf. Fig 1.1). A nearly homogeneous and isotropic expanding

Universe has an unperturbed background modelled by the Friedmann-Robertson-Walker (FRW) metric

ds2 = dt2 − a(t)2

c2

[

1
1− kr2

dr2 + r2dΨ2
]

(1.1)

wherec is the speed of light,k is the spacial curvature,a(t) is the scale factor, andr, θ, andφ form a

1Throughout this work unless stated otherwise, we assume that dark energy is a cosmological constant.
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Figure 1.1: The CMB temperature fluctuations from the surface of last scattering are extremely uniform.

Shown is the Internal Linear Combination Map, a weighted linear combination ofthe five WMAP

frequency maps. The weights are computed using criteria which minimize the Galactic foreground

contribution to the sky signal. The resultant map provides a low-contamination image of the CMB

anisotropy. Here Galactic coordinates are use with a Mollweide projection and the scale is linear from

-200 to 200µK (−7× 10−5 to 7× 10−5 in relative temperature fluctuations). Credit: the WMAP Science

Team.

spatial comoving coordinate system withdΨ2 = dθ2 + sin2θdφ2. Observations indicate the Universe is

flat to good approximation. Hereafter the spacial curvature (k) is 0. The scale factor,a(t), is conveniently

normalized such that its current value isa(t0) = 1. It is related to the cosmological redshift byz =

a(t0)/a(t) − 1: a photon is emitted at timet has its wavelength stretched by a factor of 1/a(t) when it

reaches a present-day observer.

The FRW metric evolves according to the Friedmann equations derived fromgeneral relativity that

describe the dynamics of the FRW Universe. The Friedmann equations are

ä(t)
a(t)
= −4πG

3
(ρtot + 3ptot) , (1.2)

H2(a) ≡
(

ȧ(t)
a(t)

)2

=
8πG

3
ρtot, (1.3)

whereρtot and ptot are the current total energy density and pressure for all components inthe Uni-

verse. These energy density components consist of baryonic matter (ρb), dark matter (ρDM), relativistic

particles (ρr), and dark energy (ρΛ). The Hubble expansion rateH, has a present-day Hubble value

H0 = ȧ(t0)/a(t0) = 100h km Mpc−1 s−1 in terms of a dimensionless parameterh. The observational
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value forh from the Hubble Space Telescope and supernova observations is 0.742± 0.036 (Riess et al.,

2009).

One can identify a critical density by rearranging Eq. 1.3

ρcrit =
3H(t)2

8πG
, (1.4)

where the present day values is

ρcrit,0 =
3H2

0

8πG
. (1.5)

As mentioned above, in the absences of curvature (k = 0) the total energy density isρtot = ρb + ρDM +

ρr + ρΛ, which can be rewritten as dimensionless energy densities by normalizing to thepresent day

critical densityΩi = ρi/ρcrit,0. These obey the simple sum ruleΩb + ΩDM + Ωr + ΩΛ = 1. The redshift

evolution of these energy densities is obtained from energy conservationin the Universe. Under the

influence of gravity, energy conservation is

ρ̇c2 = −3
ȧ(t)
a(t)

(ρc2 + p). (1.6)

Given an equation of state,w ≡ p/(ρc2), the equations can be integrated. For each energy density

component the redshift evolution isρi ∝ a(−3(1+wi )). The equation of state for non-relativistic matter is

w = 0, soΩb andΩDM are proportional toa−3 = (1 + z)3. Radiation has aw = 1/3 equation of state,

henceΩr ∝ a−4 = (1+ z)4. If we assume the dark energy is a cosmological constant,w = −1, soΩΛ is

constant in time.

We can now express the Hubble parameter and critical density at any redshift (or scale factor) as,

H(z) = H0

√

(Ωb + ΩDM)(1+ z)3 + Ωr(1+ z)4 + ΩΛ, (1.7)

and the critical density as

ρcrit(z) =
3H2

0

8πG

(

(Ωb + ΩDM)(1+ z)3 + Ωr(1+ z)4 + ΩΛ

)

. (1.8)

The Equation 1.7 provides the foundation to calculate cosmological distances. Integrating of the

comoving line elementdχ = c dt/a(t) gives the comoving distance

χ(z) = c
∫ z

0

dz′

H(z′)
. (1.9)

For a flat universe (Ωtot = 1), χ(z) = DM(z), whereDM(z) is called the transverse comoving distance. It

follows that the angular diameter distance isDA(z) = DM(z)/(1+ z).
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1.3 Structure Formation

With the standard cosmological framework in place for the FRW Universe from Section 1.2, we turn to

the question of how structure grows in the Universe. Initially the patch of theUniverse we observe must

have been very smooth with tiny fluctuations in the density, at least on large-scales. Structure grows first

by the gravitational collapse of small over dense regions, then it grows hierarchically through smaller

structures merging into larger structures. We define the initial density fluctuations about the background

density as

δ(x) =
ρ

ρ0
− 1, (1.10)

whereρ0 is the mean background density in the Universe over a volumeV andx is a comoving coordi-

nate. The model forδ(x) is a Gaussian random field.

The power spectrum encodes a complete description of the early Universe density fluctuations since

they are Gaussian2. Taking the Fourier transform of Equation 1.10 yields

δ̃k(k) =
∫

δ(x)eik·xd3x. (1.11)

And the power spectrum is simplyP(k) ≡
〈

|δ̃k|2
〉

, where the angle brackets is the expectation values of

the enclosed quantity. The variance can be written in terms of a smoothed mass density as a function of

mass scale,M,

σ2(M) =
∫

P(k)W̃th(Rk)d3k, R≡
(

3M
4π(ρb + ρDM)

)1/3

, (1.12)

whereW̃th(k) is the Fourier transform of the window function over which the field is smoothed. Here

the window function is a spherical top hat,Wth(x). The power spectrum is modelled locally by a simple

power-law that is scale dependent (ie P(k) ∝ kα). A natural choice for the matter power spectrum is the

Harrison-Zel’dovich spectrum, which is scale invariantP(k) ∝ k. This power spectrum happens to be

a good approximation of the measured power spectrumP(k) ∝ k0.963±0.014 (Larson et al., 2011) and a

slightly tiled index is preferred by most inflationary models.

We now briefly cover the main aspects that govern the growth of these density fluctuations using

linear theory. Gravity causes the positive parts of fluctuations to grow with time, only the Hubble

expansion slows the growth ofδ̃k, since this collapse is extremely sub-sonic. Given the initial power

spectrum one can relate the current matter power to it with a the transfer function T(k) and the linear

growth factorD(a),

2Tiny primordial non-Gaussianity is one of the big questions in cosmology, and is being looked for in CMB and large-scale
structure observations. See Dalal et al. (2008) for an example of non-Gaussian simulations.
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P(k,a = 1) = T(k)2D(a)2P(k,a). (1.13)

The time dependent growth of the density linear fluctuations is is given by the linear growth function

D(a) ∝ δρρ ∝
ȧ
a

∫

da
ȧ3 (for a derivation ofD(a) see Peebles, 1993). The transfer function describes the

scale dependent evolution of the fluctuations through horizon crossing and the radiation-matter equiva-

lents (whereΩr(z) = ΩDM(z)+Ωb(z)). Here we used the prior assumption that a majority of the matter in

the Universe is cold (non-interacting) dark matter. Detailed transfer functions are calculated by numeri-

cal solutions to coupled Boltzmann and Einstein field equations, assuming adiabatic cold dark matter. A

faster alternative is to use fitting functions provided in the literature (e.g., Bardeen et al., 1986), modified

to include the effects of baryons (e.g., Eisenstein & Hu, 1998). Now one just gets the transfer function

from numerical codes, such as CAMB (Lewis & Bridle, 2002).

The amplitude of the initial power spectrum is not specified by any theory of initial conditions, so it is

normalized to the power spectrum measured by observations. A natural measure of the power spectrum

as shown earlier is the variance within a given smoothing scale (cf. 1.12). From early observations

of galaxy counts, a conventional smoothing scale of 8h−1 Mpc was chosen, since measurements then

hinted that the value forσ was close to 1 upon linear extrapolation. Thus the parameter is calledσ8 and

is constructed to be thermsvariation of density fluctuations on scales of 8h−1 Mpc and is described by

σ2
8 =

∫

P(k)W̃th(Rk)d3k, R≡ 8h−1 Mpc. (1.14)

The abundances of galaxy cluster, also referred to as cluster mass functions, are dependent on cos-

mological parameters. There are analytic theories for cluster mass functions that use overdensity thresh-

olds to determine whether or not a region of a given mass (smoothing length) would collapse (e.g., Press

& Schechter, 1974; Bond et al., 1991). They work surprisingly well. Over the past couple of decades,

computation capabilities have increased roughly according to Moore’s law inhardware as well as algo-

rithmic advances. Hence, cluster mass functions have been determined through simulations, but using

the underlying analyticalansatzthat they depend onσ2(M). The cluster mass function is used as a

foundation for theoretical predictions in cluster cosmology that focus on the growth of structure3.

1.3.1 Galaxy Clusters as Cosmological tools

Galaxy clusters are not the only probes of cosmological parameters. However, for every individual

observational probe in cosmology, parameters will be correlated, and mayhave near-degeneracies. As

well, every probe has systematic uncertainties. Degeneracies are broken with complementary measure-

3Galaxy clusters have also been hypothesized to be standard rulers through a combination of X-ray and Sunyaev-Zel’dovich
observations (see Carlstrom et al., 2002, for a review), but this method is dominated by systematic uncertainties and the
assumption that galaxy clusters are spherically symmetric.
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ments. Thus, all measurements of cosmological parameters can play an important part in decreasing

uncertainties (increasing precision).

It is apparent from the arguments and equations in sections 1.2 and 1.3 thatgalaxy clusters are great

probes of cosmology. Section 1.3 shows how structure formation is governed by the initial matter power

spectrum, transfer function, and linear growth factor. More explicitly, thenormalization of the matter

power spectrum,σ8, is sensitive to the growth of structure. Hence any measurements of structure for-

mation, such as counts per volume or spacial correlation functions, are dependent on the underlying

cosmological parameters of the Universe. And galaxy clusters are the extreme end of structure forma-

tion.

In pioneering work, galaxy clusters were modelled as simple self-similar objects whose thermo-

dynamic properties simply scaled by the cluster mass (Kaiser, 1986; Cole & Kaiser, 1988). Another

approach to galaxy clusters was to identify them in initial Lagrangian space with a point process ofpeak

patches, and determine the thermodynamic quantities from the total internal energy (Bond, 1988; Bond

& Myers, 1996a,b,c). The initial hypotheses were based on the hope thatgalaxy clusters were com-

pletely dominated by their gravitational potential, which could then be used to interpret observations

with theoretical quantities like cluster mass. X-ray observations have shownthat galaxy clusters are

not the simple systems initially hypothesized/hoped (e.g., Voit, 2005, for a review of self-similarity and

observations).

1.3.2 Non-Thermal Processes in Galaxy Clusters

As more and more observations of galaxy clusters are made with finer and finer resolution, we are finding

these objects display increasing complexity, especially in their central coresand their outskirts. There

are clearly different ICM properties in the cores of galaxy clusters: some are dramaticallycooling their

hot ICM gas and forming stars, but at a much smaller rate than simple radiativecooling models would

predict; some show no signs of a cooling flow, but exhibit a morphologically disturbed ICM relative

to a simple hydrostatic equilibrium; and there is a whole spectrum in between. With such variety, the

consensus is that every cluster is or was once dynamically disturbed, the mechanism being the merger

history inherent in hierarchical structure formation.

In the core, non-thermal processes are dominant, like the aforementionedradiative cooling and the

resulting star formation. Other physical processes such as thermal instabilities, energetic feedback in the

cores from AGN or massive stars etc., can act to inhibit cooling and star formation. All these processes

are not understood individually, so their interactions as a whole on the ICMare still uncertain.

As one progresses from the galaxy cluster center outwards, the pressure support predominantly from

internal bulk motions and turbulence becomes increasingly important. Equality isreached in the cluster

outskirts (around the virial radius) between the thermal pressure and thepressure support from bulk

motions. Additionally, there are magnetic fields and cosmic rays which are thought to contribute at
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Figure 1.2: Map of the dark matter in slices from the Hubble Volume SimulationΛ CDM cosmology

(Evrard et al., 2002). Regions of high density are white and regions of low density are black.

least a few percent of the total pressure support in clusters. Althoughobservations of magnetic field

and cosmic ray energy densities (volume averaged pressure) are still scarce and uncertain, measuring

one often constrains the other since they are linked through the dynamical arguments (cosmic ray are

confined to move along magnetic field lines).

1.4 Numerical Methods

Although the simple self-similar models for the ICM are useful as a first approach to observations, they

are far too simple to meet the accuracy demanded by precision cluster cosmology. Most of the nuances

in the structure formation captured by large numerical simulations are missed byself-similar models.
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Furthermore, numerical simulations allow one to study individual galaxy clusters and their formation,

as well as statistically-averaged quantities.

Simulations of the growth of structure start by giving a simulation’s initial condition, where the

equations of motion can still be well approximated by Lagrangian linear perturbation theory (Zel’dovich,

1970). Given the cosmological parameters, these initial conditions are calculated using the initial power

spectrum of density fluctuations, and the transfer function. The system isthen evolved numerically

under gravity (and sometimes hydrodynamically). The dark matter aspects are well understood. The

addition of baryonic physics, mentioned in Section 1.3.2, is the main challenge for these simulations.

Numerically simulating galaxy clusters has had a long history, beginning with the first simulations

that included collision-less matter only (Peebles, 1970; White, 1976), with theaddition of baryons only

coming over in the late eighties (e.g., Evrard, 1988, 1990; Thomas & Couchman, 1992; Katz & White,

1993; Bryan et al., 1994; Kang et al., 1994). These simulations have laid asolid foundation in the

understanding of galaxy cluster properties and large-scale structure formation on the whole (cf. Fig.

1.2). Some highlights include: The characterization of the correlations between X-ray observables and

galaxy cluster masses (Evrard et al., 1996); a practically universal fitting function for the dark matter

density distribution in galaxy clusters (Navarro et al., 1997); a collaborative comparison amongst the

several different approaches used to simulate a galaxy cluster with the inclusion of hydrodynamics,

known as theSanta Barbara comparison cluster project(Frenk et al., 1999); a numericalansatzfor the

dark matter halo mass function (e.g., Jenkins et al., 2001; Warren et al., 2006; Tinker et al., 2008); large

hydrodynamical simulations on the scales of the observable Universe (e.g., Evrard et al., 2002). This

list is not nearly complete (see the article by Borgani & Kravtsov, 2009, for a more detailed review of

status of cosmological simulations).

In this work we use a modified version of the numerical code GADGET-2 (Springel, 2005). GADGET-

2 is a massively parallel Tree smoothed particle hydrodynamics (SPH) code. We chose it because we

had access to a version that already included radiative cooling, star-formation, galactic winds, cosmic

rays and shock statistics, the latter described in Pfrommer et al. (2006). Some of this work required us

to further modify GADGET-2. Our modifications included implementing a coarse grained treatment for

the energetic feedback from AGN. We do not discuss in this thesis the merits of SPH versus Eulerian

grid codes. Both have played important roles in numerical simulations of clusters. However, we note

that SPH codes have difficulties resolving shock fronts: an artificial viscosity is used to dissipate bulk

energy into thermal energy across the fronts.

1.5 Current and Future Observations

Galaxy clusters are observed from radio waves toγ-rays. Each wavelength regime provides a valuable

window into the emission processes and properties of the ICM. Large cluster surveys are mostly carried
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out in the optical, Infrared, X-ray, microwave and radio wavelengths. The focus of this work is on

emission in the microwave (through the Sunyaev-Zel’dovich effect) and in low frequency radio wave

(through synchrotron radiation).

1.5.1 Brief Overview of Optical and X-ray Observations of Galaxy Clusters

Optical techniques use galaxy colours to identify spatial over-densities ofgalaxies, galaxy clusters, in

large surveys, such as thered sequencetechnique (Gladders & Yee, 2000). X-ray observations search for

diffuse bremsstrahlung emission from the hot ICM (Felten et al., 1966). Cosmological parameters from

both optical and X-ray surveys are determined through counting galaxy clusters as a function of observ-

able properties within a given volume (e.g., Gladders et al., 2007; Vikhlinin etal., 2009; Rozo et al.,

2010). Systematics associated with their selection functions and mass proxiesare the most significant

uncertainties in these measurements.

Besides the clusters abundance measurements there are many other techniques used to measure

cosmological parameters. Two examples are:

• In the X-rays, measurements of cosmological parameters have been made with a highly selected

sample of relaxed clusters using the ratio of gas mass to total mass contained within these clusters

(Allen et al., 2008). A central concern is the assumptions of universality inthe evolution of the

ratio of gas mass to total mass.

• Optical observations, which utilize the property that galaxy clusters act aslarge gravitational

lenses. Weak lensing measurements of the statistical shear distortion of several background galax-

ies can also be used to determine cosmological parameters (e.g., Kaiser, 1992). Uncertainties in

weak lensing measurements come from the modelling the lenses and from the photometric red-

shifts of the background galaxies.

All these measurements have been used in the determination of the current cosmological constraints.

1.5.2 The Sunyaev-Zel’dovich effect

The thermal Sunyaev-Zel’dovich (SZ) effect (Sunyaev & Zeldovich, 1970) is the Compton up-scattering

of CMB photons by hot electrons. This process produces temperature distortions in the CMB with a

unique spectral signature: a decrement belowν ∼ 220 GHz, and an excess above (see Fig. 1.3). In the

non-relativistic limit, the Kompaneets (1956) equation is used to approximate this scattering process,

∂n
∂y
=

1

x2
e

∂

∂xe
x4

e

[

∂n
∂xe
+ n+ n2

]

, (1.15)

wheren(ν) is the photon distribution function (occupation number). It describes a diffusion process (for

a detailed derivation see Bond, 1996; Birkinshaw, 1999). Herexe = hpν/kbTe, wherehp is Planck’s
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Figure 1.3: Illustration of the spectral distortion of CMB spectrum caused by the SZ effect (Carlstrom

et al., 2002). Note that this distortion has been greatly exaggerated by using a fictional galaxy cluster

with a mass 1000 times greater than a typical massive cluster.

constant,kb is Boltzmann’s constant, andTe is the electron temperature. The parametery is the Comp-

tonization parameter

y =
∫

neσT
kb (Te− Trad)

mec2
dl. (1.16)

Herene is the electron density,σT is the Thompson cross-section,Trad is the blackbody temperature of

the CMB, andme electron mass. Under an isothermal assumption, the Equation 1.16 is the opticaldepth

of electron time the fractional gain in energy from the scattering, or a more physical understanding ofy

is the integrated electron pressure along the sight. In the limit of smallxe, appropriate for hot electrons

and CMB photons,∂n/∂xe≫ n,n2 so Equation 1.15 becomes

∂n
∂y
=

1

x2
e

∂

∂xe
x4

e
∂n
∂xe
. (1.17)

Making the assumption that∂n∂y =
∆n
y , for smally, andn(x) = 1/(ex−1) , wherex = hpν/kbTrad, Equation

1.17 is further reduced to
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∆n = yx
ex

(ex − 1)2
(xcoth(x/2)− 4). (1.18)

Equation 1.18 describes the spectral change cause by scattering, with thefeatures describe above. The

temperature distortions in the CMB from this scattering are∆T = x∆nTrad, which simplifies to

∆T
Trad
= y (x tanh(x/2)− 4) . (1.19)

In this work, our concern is with the thermal SZ effect from inverse-Compton scattering of the ICM,

the hot plasma within galaxy clusters. Galaxy clusters are the most likely extra galactic source for the

thermal SZ effect and thus the most commonly referred to source for this scattering. In addition to the

thermal SZ effect, there is a smaller effect which arising from the bulk motion of the scattering medium

relative to the Hubble flow. This temperature distortion is referred to as the kinetic SZ effect and is

described by the equation

∆T
Trad
=

vz

c

∫

neσTdl (1.20)

where thevz peculiar velocity is along the line of sight. The kinetic SZ does not have a distinct spectral

signature like the thermal effect. Hence, the thermal SZ null ofν ∼ 220 GHz is useful ideal for digging

out the kinetic SZ measurement. For relatively massive galaxy clusters, it is easy to show that in the

Rayleigh jeans limit the thermal SZ effect is an order of magnitude larger than the kinetic SZ effect by

just taking the ratio of Equations 1.19 and 1.20

∆Tthermal

∆Tkinetic
= 2

(

c
vz

) (

kbTe

mec2

)

, (1.21)

= 11.75

(

kbTe

10keV

) (

1000km s−1

vz

)

. (1.22)

(1.23)

We ignore all relativistic corrections to the SZ effect in this work, since they are small except for ex-

tremely massive clusters.

An important feature of the thermal SZ effect is that it is virtually independent of redshift for clusters

of the same properties. This feature of the thermal SZ effect makes it a great probe for massive clusters

at high redshift that would otherwise be expensive for optical or X-ray to survey. In practice X-ray,

optical, and SZ observations of galaxy clusters taken together are instrumental for determining ICM

properties. For example, joint SZ and X-ray probes give insight into thene andTe distributions, since it

is the same hot electrons of the ICM that scatter off the ions to produce the bremsstrahlung emission in

the X-rays (cf. Fig. 1.4). Optical observations are great at identifyinglower mass low redshift clusters
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SZ Observations Radio Relic

Figure 1.4: Examples of the SZ effect and radio relic observations from galaxy clusters. Left: Composite

image of galaxy cluster Abell 2218. The X-ray emission measured by ROSATis shown in colour and the

SZ observations at 28.5 GHz are from the Berkeley Illinois Maryland Array interferometer is illustrated

by the contours. Credit: Prof. John Carlstrom. Right: Composite image of galaxy cluster Abell 3667,

the X-ray emission measured by ROSAT is shown in colour and the radio emission from Australia

Telescope Compact Array is illustrated by the contours. Credit: Dr. MelanieJohnston-Hollitt.

that are missed by X-ray and SZ observations, especially through thered sequencetechnique. Weak

lensing observations provide independent measurements of mass.

There is currently a wave of new observations of microwave sky being made by the Atacama Cos-

mology Telescope (ACT), the South Pole Telescope (SPT), and the Plancksatellite. They provide large

SZ cluster surveys, and the goal of these surveys is to make cosmologicalmeasurements (for references

to these measurements see Chapters 3, 4, and 5). These SZ observationsare pushing the boundaries of

the current theoretical models for the ICM.

1.5.3 Diffuse Radio Relic Emission

Diffuse radio emission from galaxy clusters was first observed in the Coma cluster of galaxies (Large

et al., 1959). This emission was not associated with any galaxy. Such emission is now observed in well

over 50 clusters. It has a steep power-law spectrum, which is indicative of synchrotron radiation, hence

the presence of relativistic electrons, cosmic ray electrons, with large Lorentz factors, orbiting around

the weak magnetic fields lines of the ICM. The origin of these electrons as wellas ions are hypothesized

to be from structure formations shocks, where they are accelerated through diffusive shock acceleration

(also known as Fermi 1 acceleration). The two main types of diffuse radio emission in clusters have
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been given working definitions based on the morphology and orientation withinthe cluster:

• Radio Halos are located at the centers of clusters and regular/symmetric morphologies, much like

the X-ray emission from clusters.

• Radio Relics are located in the outskirts of clusters and have irregular morphologies.

There are further classifications for other less common diffuse radio emissions, such as radio Phoenix

and radio mini halo. These are not discussed in this thesis.

The different morphology and orientation of radio relics and halos is hypothesizedto come from

separate emission mechanisms. The source of the radio relic emission is widely accepted to be relativis-

tic electrons emitting at the location of their acceleration by a structure formation shock. The emission

mechanism for radio halos is still debated. In chapter 2 we focus on only radio relic emission, since

it traces structure formation in galaxy clusters, the ICM magnetic field strengthand the cosmic ray

electron content of the ICM. Current Radio telescopes such as the Low Frequency Array, and future

telescopes such as the Square Kilometer Array should find even more radiorelics.

1.6 Thesis Outline

In chapter 2 we explore the magnetic fields in the galaxy clusters and ICM through radio relic emission.

We present a coarse grained self-regulating model of AGN feedback ingalaxy clusters and its effects

on the ICM and SZ power spectrum in chapter 3. In chapter 4 we characterize the non-thermal pressure

support in clusters and the ICM shape. We also explore the impact of non-thermal pressure support

and ICM shapes on the SZ scaling relations. In chapter 5 we present a detailed study of the thermal SZ

power spectrum. We provide an outlook and summary in chapter 6, and present ideas for future projects.



Chapter 2

Exploring the magnetized cosmic web

through low frequency radio emission

A version of this chapter has been published in the Monthly Notices of the Royal Astronomical Society as

“Exploring the magnetized cosmic web through low frequency radio emission” Battaglia, N., Pfrommer,

C., Sievers, J. L., Bond, J. R.,& Enßlin, T. A. 2009, Volume 393, pp. 1073-1089. Reproduced by

permission of MNRAS.

2.1 Chapter Overview

Recent improvements in the capabilities of low frequency radio telescopes provide a unique opportunity

to study thermal and non-thermal properties of the cosmic web. We argue that the diffuse, polarized

emission from giant radio relics traces structure formation shock waves and illuminates the large-scale

magnetic field. To show this, we model the population of shock-accelerated relativistic electrons in high-

resolution cosmological simulations of galaxy clusters and calculate the resulting radio synchrotron

emission. We find that individual shock waves correspond to localized peaks in the radio surface bright-

ness map which enables us to measure Mach numbers for these shocks. Weshow that the luminosities

and number counts of the relics strongly depend on the magnetic field properties, the cluster mass and

dynamical state. By suitably combining different cluster data, including Faraday rotation measures, we

are able to constrain some macroscopic parameters of the plasma at the structure formation shocks,

such as models of turbulence. We also predict upper limits for the propertiesof the warm-hot inter-

galactic medium, such as its temperature and density. We predict that the current generation of radio

telescopes (LOFAR, GMRT, MWA, LWA) have the potential to discover a substantially larger sample of

radio relics, with multiple relics expected for each violently merging cluster. Future experiments (SKA)

should enable us to further probe the macroscopic parameters of plasma physics in clusters.

15
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2.2 Introduction and key questions

The plasma within and between galaxies is magnetized. Despite many observational efforts to measure

galactic and intergalactic magnetic fields, their properties and origins are notcurrently well understood.

The magnetic fields influence the physics of the plasma in several important ways. They couple the col-

lisionless charged particles to a single but complex fluid through the Lorentz force, and trace dynamical

processes in the Universe. Magnetic pressure and tension mediate forces and provide the plasma with

additional macroscopic degrees of freedom in terms of Alfvénic and magnetosonic waves. They cause

the turbulent cascade to become anisotropic towards smaller scales and suppress transport processes

such as heat conduction and cosmic ray diffusion across the mean magnetic field. They are essential

for accelerating cosmic rays by providing macroscopic scattering agents which enables diffusive shock

acceleration (first order Fermi process) and through magneto-hydrodynamic turbulent interactions with

cosmic rays leading to second order Fermi acceleration. They illuminate distant cosmic ray electron

populations by enabling synchrotron emission and tell us indirectly about violent high-energy astro-

physical processes such as formation shock waves orγ-ray bursts. The magnetic fields in spiral galaxies

are highly regular, showing alignment with the spiral arms. They are believed to arise from weak seed

fields amplified by dynamo processes, driven by differential rotation in galactic disks. The seed fields

could have been produced by many sources, ranging from stellar windsand jets of active galactic nuclei,

to plasma instabilities and battery effects in shock waves, in ionization fronts, and in neutral gas-plasma

interactions. More hypothetical ideas for the seed field origins invoke primordial generation in early

Universe processes, such as phase transitions during the epoch of inflation. In order to understand more

about magneto-genesis, we need to study the least processed plasma possible that still shows some pri-

mordial memory. This points us to the magnetized plasma in intergalactic space, in particular to the

plasma in galaxy clusters. There, magnetic fields show a smaller degree of ordering compared to spi-

ral galaxies. However, their primordial properties may be masked in clusters because of processing by

turbulent gas flows, driven by galaxy cluster mergers, and the orbits ofthe member galaxies. For an

overview on the present observational and theoretical knowledge the reader is pointed to the review

articles by Rees (1987); Wielebinski & Krause (1993); Kronberg (1994); Beck et al. (1996); Kulsrud

(1999); Beck (2001); Grasso & Rubinstein (2001); Carilli & Taylor (2002); Widrow (2002). This work

aims at closing a gap between theoretically motivated phenomenological models of large scale magnetic

fields and actual observational non-thermal phenomena associated with them.

Diffuse radio synchrotron emission has already been observed in more than 50 galaxy clusters (Fer-

rari et al., 2008). The emission is associated with the entire intra-cluster medium (ICM). The syn-

chrotron emission process demonstrates the presence of highly relativisticelectrons (cosmic ray elec-

trons, CRe) with a Lorentz factor typically up toγ ∼ 104 and magnetic fields within the ICM. The

diffuse radio emission can be classified into two categories: radio halos and radio relics. Giant radio
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halos are centrally located, trace the thermal emission and show no sign of polarization, while radio

relics are located at the periphery of clusters, are polarized and are elongated in appearance. There exist

a number of classes of radio objects that have been referred to over theyears as “radio relics” (Kempner

et al., 2004, and references therein). Two of these are associated withextinct or dying active galactic

nuclei (AGN). These either host a synchrotron cooling radio plasma from a past AGN outburst that cre-

ated the radio lobes or are revived “radio ghosts” where an aged radiorelic has been re-energized by a

merger or an accretion shock (Enßlin & Gopal-Krishna, 2001).

The focus of this paper is on a third type of radio relic emission, sometimes referred to as radio

“gischt”1 (Kempner et al., 2004), that shows diffuse emission on scales up to 1 Mpc. Diffusive shock

acceleration at structure formation shocks can energize a primary population of relativistic electrons

that emit synchrotron radiation (Enßlin et al., 1998; Miniati et al., 2001) in a magnetic field that can be

amplified by the post-shock turbulence. Prominent examples for this class ofradio relics can be seen

in Abell 3667 (R̈ottgering et al., 1997), Abell 2256 (Bridle & Fomalont, 1976; Masson & Mayer, 1978;

Bridle et al., 1979; R̈ottgering et al., 1994; Clarke & Enßlin, 2006), Abell 3376 (Bagchi et al.,2006),

and, more recently, Abell 2255 (Pizzo et al., 2008) and Abell 521 (Giacintucci et al., 2008). All galaxy

clusters with observed radio relic emission are merging or show signs of ongoing dynamical activity,

but not all dynamically active galaxy clusters are observed to have relics. This raises the question of

whether diffuse radio emission is a property of a special subset of clusters, or a universal property, with

many relics too faint to be seen by current telescopes.

From CMB measurements we know that the Universe is composed of 4.6% baryonic matter,e.g.

Komatsu et al. (2008). However, when observing the local Universe (z < 1), we can account for

fewer than half of these baryons (Fukugita, 2004; Danforth & Shull, 2005). This is known as the

missing baryon problem. The current cosmological paradigm of large scale structure formation provides

a solution to the missing baryon problem. As the Universe evolves, large scale structure grows from

small density perturbations imprinted during an earlier epoch. In the hierarchical scenario of structure

formation, structure grows from small to large scales, with baryons flowingin a filamentary web with

clusters at the interstices. The temperature of baryons deviates from adiabatic cooling associated with

the Hubble expansion by increasing multiple times in discrete steps – always corresponding to a passage

through a structure formation shock. Before they are shock-heated to the virial temperatureskT ∼ 1−
10 keV of galaxy groups and clusters, where they can be observed through their thermal bremsstrahlung

emission, they are predicted to reside in the warm-hot intergalactic medium (WHIM). Temperatures in

the WHIM are in the range of 105 K < T < 107 K (Hellsten et al., 1998; Cen & Ostriker, 1999; Davé

et al., 2001; Furlanetto & Loeb, 2004; Kang et al., 2005). We will investigate whether it is possible

for diffuse radio emission associated with these formation shocks to be used as a tracer of the WHIM

1The name “gischt” derives from a German word for the crest on top ofwaves that are breaking at the shore thus resembling
the radio emission of freshly injected electrons by formation shocks.
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Figure 2.1: Structure formation shocks triggered by a recent merger of alarge galaxy cluster (M ≃
1015h−1 M⊙) dissipate the associated gravitational energy. Left: the Mach number of shocks weighted

by the energy dissipation rate is shown by the colour (while the brightness displays the logarithm of

the dissipation rate). Right: three-color image of energy dissipation rate at shocks (shown with a color

scale ranging from black over red to yellow) and radio synchrotron emission at 150 MHz from shock-

accelerated relativistic electrons (blue and contours with levels starting at 7× 10−4 mJy arcmin−2 and

increasing with a factor of 15, respectively). This “radio gischt” emissiontraces structure formation

shock waves, highlights the intermittent nature of mass accretion in galaxy clusters, and illuminates

magnetic fields that are amplified by turbulence that can be excited by these shock waves.

boundaries and so indirectly observe the WHIM.

A larger sample size of these diffuse radio sources is required to delve deep into the details of the

non-thermal processes working within galaxy clusters. However, the combination of low surface bright-

ness, diffuseness and small dynamical range in the sensitivity of current radio telescopes makes the

detection of this particular radio emission difficult. With the current capabilities of the Giant Meter Ra-

dio Telescope (GMRT, Ananthakrishnan 1995) and the imminent arrivals of the Low Frequency ARray

(LOFAR, Röttgering 2003), the Murchison Wide-field Array (MWA, Morales et al. 2006) and the Long

Wavelength Array (LWA, Kassim et al. 2005), and eventually the construction of the Square Kilometre

Array (SKA, Keshet et al. 2004b), powerful low frequency radio telescopes are positioned to further

increase our understanding of diffuse radio emission and give us insight into the following important

topics:

• the strength and coherence scale of magnetic fields on scales of galaxy clusters,
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• the process of diffusive shock acceleration of electrons,

• the existence and properties of the WHIM,

• the exploration of observables beyond the thermal cluster emission which aresensitive to the

dynamical state of the cluster.

In the course of this work we will consider how radio relic emission can shedlight on each of these

topics. To do this, we adopt a simplified model for the shock-accelerated population of electrons. The

key figure illustrating these considerations is shown in Fig. 2.1. In our simulations, we can visualize

properties of structure formation shocks that are triggered by a recentmerger of a large galaxy cluster

(M ≃ 1015h−1 M⊙) and dissipate the associated gravitational energy. In the left panel, the shock Mach

numbers, weighted by the energy dissipation rate, are encoded by the colour, while the brightness dis-

plays the logarithm of the dissipation rate. This shows that most of the energyis dissipated in weak

flow shocks internal to the cluster, while the shock waves become strongest and steepen as they break at

the shallower peripheral potentials of the clusters and within filaments. The right panel shows a three-

color image of of energy dissipation rate at shocks (shown in red and yellow) and radio synchrotron

emission at 150 MHz from shock-accelerated relativistic electrons (blue and contours, modeled accord-

ing to Pfrommer et al. 2008). This “radio gischt” emission traces structure formation shock waves and

highlights the intermittent nature of mass accretion, in particular along the filamentextending from the

cluster center to the upper left of the image and for the giant radio relic to the lower-right of the cluster.

This radio emission illuminates magnetic fields that are amplified by magneto-hydrodynamic instabili-

ties that are associated with these shock waves. The paper has been structured accordingly: in Sect. 2.3

we outline our methodology; we describe our results and discuss them in Sects. 2.4 and 2.5; and present

our conclusions in Sect. 2.6.

2.3 Methodology

We briefly summarize our procedure. We model the synchrotron emission by calculating the primary

shock-accelerated electron population using a scheme that is based on thethermal leakage model – a

model that has been developed in the context of diffusive shock acceleration at supernova remnants

(Ellison et al., 1981). We use a simple parametrization for the magnetic field. Thislets us quickly

scan the observationally allowed parameter space associated with the mostly-unknown spatial distribu-

tion of shocks on cluster scales and beyond. In the post-processing, we search for spatially correlated

synchrotron emission from formation shocks, which represent our simulated radio relics and study the

properties of these relics in the clusters in our sample. Our aim is to understand how radio observ-

ables can be used to reconstruct the physical properties of radio relics, which trace structure formation
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Figure 2.2: Surface brightness emission map for radio relics in the simulated cluster g72a. Left to right:

the emission from two sets of relic finder parameters, and the total primary radio emission at 150 MHz.

Our relic finder groups SPH particles using a friends-of-friends algorithm; we additionally require these

particles to exceed a emissivity threshold (ET). The differences in the images illustrate the dependence

on ET (left panel:observable parameterswith ET = 10−43 h3 erg s−1 Hz−1 ster−1 cm−3, central panel:

theoretical parametersET = 10−55 h3 erg s−1 Hz−1 ster−1 cm−3). The central map only lacks surface

brightness at the level of 10−3 compared to the total primary emission. Both relic emission maps to the

left contain more than 99% of the total flux from the total primary emission map.

and large scale magnetic fields. In the subsequent sections there will be a detailed description of our

simulations and modelling.

2.3.1 Adopted cosmology and simulated cluster sample

Our work is based on high resolution smoothed particle hydrodynamics (SPH) simulations of galaxy

clusters (minimum gas mass resolution∼ 8 × 109h−1M⊙ for more details, cf. Pfrommer et al., 2007,

2008) using the ‘zoomed initial conditions’ technique (Katz & White, 1993) that were selected from a

low resolution dark matter only simulation (Yoshida et al., 2001) with a box size of479h−1 Mpc. They

were carried out using a modified version of the massively parallel tree SPH code GADGET-2 (Springel,

2005). The simulations of the galaxy clusters were performed in a “Concordance” cosmology model,

ΛCDM with cosmological parameters of:Ωm= ΩDM + Ωb = 0.3,Ωb = 0.039,ΩΛ = 0.7, h = 0.7, ns

= 1 andσ8 = 0.9. Here,Ωm refers to the total matter density in units of the critical density today,

ρcrit = 3H2
0/(8πG). Ωb andΩΛ denote the densities of baryons and the cosmological constant at the

present day. The Hubble constant at the present day is parametrized as H0 = 100h km s−1Mpc−1, while

ns denotes the spectral index of the primordial power-spectrum, andσ8 is thermslinear mass fluctuation

within a sphere of radius 8h−1Mpc extrapolated toz= 0.

The simulations include a prescription for radiative cooling, star formation, supernova feedback and
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Table 2.1: Cluster sample considered in this paper.

Cluster Dynamical Mb
200 Rb

200 kTc
200

name statea [h−1M⊙] [h−1 Mpc] [keV]

g8a CC 1.8× 1015 2.0 13.1

g1a CC 1.3× 1015 1.8 10.6

g72a PostM 1.1× 1015 1.7 9.4

g51 CC 1.1× 1015 1.7 9.4

g1b M 3.7× 1014 1.2 4.7

g72b M 1.5× 1014 0.87 2.4

g1c M 1.4× 1014 0.84 2.3

g1d M 9.2× 1013 0.73 1.7

g676 CC 8.8× 1013 0.72 1.7

g914 CC 8.5× 1013 0.71 1.6

a The dynamical state has been classified through a combined criterion invoking a merger tree study

and the visual inspection of the X-ray brightness maps. The labels for the clusters are M–merger,

PostM–post merger (slightly elongated X-ray contours, weak cool coreregion developing), CC–cool

core cluster with extended cooling region (smooth X-ray profile).
b The virial mass and radius are related byM∆(z) = 4

3π∆ ρcrit(z)R3
∆
, where∆ = 200 denotes a multiple

of the critical overdensityρcrit(z) = 3H(z)2/(8πG).
c The virial temperature is defined bykT∆ = GM∆ µmp/(2R∆), whereµ denotes the mean molecular

weight.

a formalism for detecting structure formation shocks and measuring the associated shock strengths, i.e.

the Mach numbers (Pfrommer et al., 2006). Radiative cooling was computed assuming an optically

thin gas of primordial composition (mass-fraction ofXH = 0.76 for hydrogen and 1− XH = 0.24 for

helium) in collisional ionisation equilibrium, following Katz et al. (1996). We also included heating by

a photo-ionising, time-dependent, uniform ultraviolet (UV) background expected from a population of

quasars (Haardt & Madau, 1996), which reionises the Universe atz≃ 6. Star formation is treated using

the hybrid multiphase model for the interstellar medium introduced by Springel &Hernquist (2003a).

In short, the ISM is pictured as a two-phase fluid consisting of cold clouds that are embedded at pressure

equilibrium in an ambient hot medium.

The cluster sample is displayed in Table 2.1. From this sample the cluster g72a was chosen for

detailed analysis of the properties of radio relics since it is a relatively large(with a massM ≃ 1015M⊙)

post-merging cluster, similar to the Coma cluster. Additionally, it hosts the brightest radio relic in the

entire sample. This relic resembles already observed ones.
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2.3.2 Realization of magnetic fields

Current SPH implementations that are capable of following the magneto-hydrodynamics (MHD) of the

gas are presently still fraught with numerical and physical difficulties, in particular when following dis-

sipative gas physics (Dolag et al., 1999, 2005; Price & Monaghan, 2004, 2005). Hence we apply a

parametrization in the post-processing of our completed simulations in order to determine the strength

and morphology of the magnetic field (Pfrommer, 2008). Secondly, the parametrization approach pro-

vides us with the advantage of exploring the parameter space of our magneticfield description more

efficiently, since we are not required to re-simulate when we alter the ab-initio unknown magnetic field

parameters. We have chosen a simple scaling model for the magnetic field of

εB = εB0

(

εth

εth0

)2αB

. (2.1)

Our independent model parameters are the magnetic declineαB, and the magnetic core energy density

εB0. The thermal energy densityεth is measured in units of its central energy densityεth0 = 3Pth0/2,

which we calculate by fitting a modifiedβ-model (Eqn. 2.2) to the radial pressure profiles of our clusters.

We first remove the over-cooled core (see Sect. 2.3.4),

P(r) = Pth0

(

1+

(

r
rc

))−3β

. (2.2)

We found that our modifiedβ-model provides a better fit to the pressure profiles than the usually adopted

spherically symmetric King profiles, i.e. aβ-model (Cavaliere & Fusco-Femiano, 1978).

This parametrization (Eqn. 2.1) was motivated by non-radiative SPH MHD simulations (Dolag et al.,

1999) and radiative adaptive mesh refinement MHD simulations (Dubois & Teyssier, 2008) of the for-

mation of galaxy clusters in a cosmological setting. Rather than applying a scaling with the gas density

as those simulations suggest, we chose the energy density of the thermal gas. Current cosmological

radiative simulations (that do not include feedback from AGN) over-cool the centres of clusters, giving

an overproduction of stars, enhanced central gas densities, and lower central temperatures than are seen

in X-ray observations.2 In contrast, the thermal energy density of the gas is well-behaved in simula-

tions. Observationally, the parametrization (Eqn. 2.1) is consistent with statistical studies of Faraday

rotation measure maps (Vogt & Enßlin, 2005). Theoretically, the growth of magnetic field strength is

determined through turbulent dynamo processes that will saturate at a fieldstrength determined by the

strength of the magnetic back-reaction (e.g. Subramanian, 2003; Schekochihin & Cowley, 2006) and

is typically a fraction of the turbulent energy density. The turbulent energy density should be related to

the thermal energy density, thus motivating our model theoretically. The parameterεB0 is constrained

by past measurements of magnetic fields within clusters and is chosen such that B0 = [εB08π]
1/2 to be

2Recently, Sijacki et al. (2008a) found that including cosmic rays from AGN in SPH simulations can solve the over-cooling
problem while providing excellent agreement of the gas fraction and the inner temperature profile.
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Table 2.2: Magnetic field parameters in various combinations.

αB B0 [µG]

magnetic decline core magnetic field strength

0.3 2.5

0.5 5.0

0.7 10.0

0.9 -

Note: We define our standard magnetic field parameters to beαB = 0.5, B0 = 5µG andν = 150MHz.

These parameters are used throughout the paper unless otherwise stated.

on the order of a fewµG (Govoni et al., 2006; Taylor et al., 2007; Guidetti et al., 2008). The parameters

explored in our model are shown in Table 2.3.2.

To predict the polarization angle and Faraday rotation measure in our simulations, we need to model

the magnetic morphology of the ICM. We follow Tribble (1991) in order to create individual compo-

nents of the magnetic vector field that obey a given power spectrum. The details of the magnetic field

structure within the ICM are still unknown. There have been measurements of magnetic correlations

from Faraday rotation measure (RM) maps which are however limited by the finite window size of ra-

dio lobes and hence only constrain the spectrum on smaller scales. These measurements suggest that

the fields are tangled with a Kolmogorov/Oboukhov-type power spectrum for coherence lengths of ap-

proximately 10 kpc scales and smaller (Vogt & Enßlin, 2003, 2005; Guidetti etal., 2008). It has been

argued that shallower magnetic field power spectra allow for longer coherence lengths on the order 100

kpc (Murgia et al., 2004; Govoni et al., 2006). On the other hand, a Fourier analysis of XMM-Newton

X-ray data reveals the presence of a scale-invariant pressure fluctuation spectrum in the range between

40 and 90 kpc and is found to be well described by a projected Kolmogorov/Oboukhov-type turbulence

spectrum (Schuecker et al., 2004). Assuming that the growth of the magnetic field strength is deter-

mined through turbulent dynamo processes suggests a similar spectrum of magnetic and hydrodynamic

turbulence (e.g. Subramanian, 2003).

We model the components of the magnetic field,Bi , as random Gaussian fields. We use a Kol-

mogorov power spectrum on scales smaller than the coherence length, anda flat (white-noise) power

spectrum on larger scales. All three components of the magnetic field are treated independently, which

ensures that the final distribution ofB(r ) has random phases. After mapping our SPH Lagrangian energy

density distribution of the thermal gas onto a 3D grid (cf. Appendix Eqn. 2.23), these realizations of the

magnetic field are then scaled such that the magnetic energy density obeys our assumed scaling given

by Eqn. 2.1. To ensure∇ · B = 0, we apply a divergence cleaning procedure to our fields in Fourier
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space (Balsara, 1998):

B̃i(k) =
3

∑

j=1

(

δi, j −
kik j

k2

)

B̃j(k). (2.3)

Applying this procedure to our Gaussian random field removes a third of themagnetic energy. Thus, we

re-normalizeB to conserve the magnetic energy.

2.3.3 Cosmic ray electrons and synchrotron emission

Collisionless cluster shocks are able to accelerate ions and electrons in the high-energy tail of their

Maxwellian distribution functions through diffusive shock acceleration (for reviews see Drury, 1983;

Blandford & Eichler, 1987; Malkov & O’C Drury, 2001). Neglecting non-linear shock acceleration and

cosmic ray modified shock structure, the process of diffusive shock acceleration uniquely determines

the spectrum of the freshly injected relativistic electron population in the post-shock region that cools

and finally diminishes as a result of loss processes. The radio synchrotron emitting electron population

cools on such a short time scaleτsync < 108 yrs (compared to the very long dynamical time scale

τdyn ∼ 1 Gyr) that we can describe this by instantaneous cooling. In this approximation, there is no

steady-state electron population and we would have to convert the energyfrom the electrons to inverse

Compton (IC) and synchrotron radiation. Instead, we introduce a virtualelectron population that lives in

the SPH-broadened shock volume only; this is defined to be the volume whereenergy dissipation takes

place. Within this volume, which is co-moving with the shock, we can use the steady-state solution

for the distribution function of relativistic electrons and we assume no relativistic electrons in the post-

shock volume, where no energy dissipation occurs. Thus, the cooled CRelectron equilibrium spectrum

can be derived from balancing the shock injection with the IC/synchrotron cooling: above a GeV it is

given by

fe(E) = Ce E−αe, Ce ∝
ρ

εB + εph
(2.4)

Here,αe = αinj +1 is the spectral index of the equilibrium electron spectrum andεph denotes the photon

energy density, taken to be that of CMB photons. A more detailed descriptionof our approach can be

found in Pfrommer (2008). The synchrotron emissivityjν for a power-law spectrum of CRes scales as

jν ∝ CeBαν+1ν−αν , (2.5)

whereαν = (αe − 1)/2. A line-of-sight summation ofjν yields the radio surface brightness,Sν. The

surface brightness are provided in units ofh = 0.7 to simplify comparison with observations.

2.3.4 Finding radio relics

In our search for radio relics in the simulated clusters, we have modified a friends-of-friends (FOF)

(Geller & Huchra, 1983) algorithm so that it groups together connected radio synchrotron emission
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Figure 2.3: Left two panels: simulated GMRT map of the cluster g72a at z=0.05 (similar to the Coma

cluster), with the reconstructed beam in the bottom-left corner. The left panel is the ’dirty’ map and the

right panel is the ’clean’ map, where we removed the brightest relic foundin the dirty map, mimicking

the cleaning procedure of radio maps. Right panel: surface emission map of the relics of g72a using our

calibrated set ofobservable parametersshown with a logarithmic colour scale. Note that we reproduce

the relic emission that can principally be detected by GMRT after applying a cleaning procedure to the

compact and diffuse radio emitting sources.

in 3D. This relic finder works in a manner similar to a FOF finder except we have introduced the

additional criterion of an emission threshold which the SPH gas particle are required to exceed before

being assigned into a group. Thus, our algorithm depends on three internal parameters which determine

the groups of particles that are designated relics: the linking length, emissivity threshold, and minimum

number of particles (Fig. 2.2). The linking length (LL) is the parameter which controls the maximum

distance (dmax) between two particles that can still be considered neighbours,

dmax = LL

[

〈MDM〉
ΩDM ρcrit

]1/3

, (2.6)

whereρDM = ρcritΩDM is the mass density of dark matter and〈MDM〉3 is the average mass of our dark

matter particles. The linking length and the emission threshold parameters have degenerate effects on

the resulting groups of particles. Through inspection, we have chosen tofix the linking length value

of 0.2 resulting indmax = 50 kpc and vary the emission threshold. A minimum particle value of 32

regulates possible SPH shot noise and allows for smaller structures to be included in the relic catalogue.

The final parameter in our relic finder, which we have chosen to vary is theemission threshold. We

compute the synchrotron emissivity of all the particles using Eqn. 2.5 and compare it to the emission

threshold. The sets of grouped particles for each of our clusters are our relic catalogues that form the

basis of our study.

3Note that the quantity in the brackets is equivalent to the ratio of〈Mb〉/ρb except that the baryonic phase consists of gas
and stars.
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Determination of the emission threshold

We tailored the calibration of the emission threshold in the relic finder to two cases: firstly, so that we

would find relics observable by GMRT and LOFAR; secondly, so that we could study the complete

picture that might be achievable with future radio telescopes such as SKA, by pushing the emission

threshold back to the limit of our simulations. For this procedure, we left the magnetic field parameters

unchanged. (We used our standard magnetic field parameters cf. Table 2.3.2.)

We simulate the visibilities and maps from the relics that GMRT would observe. We use the GMRT

primary beam and antenna positions projected against the zenith (i.e. ignoring the z-component of the

antenna positions). For simplicity, we approximate the continuous UV tracks for each baseline by circles

in the UV plane with measurements 18 degrees apart. We observe cluster g72a surface emission at a

redshift of 0.05 (cf. Fig. 2.3) and make a ‘dirty’ radio map, the Fourier transform of the visibilities.

We used an integration time of 2.5 minutes with a sensitivity of 0.2 mJy
√

hr/beam at the frequency

ν = 150 MHz in simulating the visibilities.

To approximate GMRT’s dynamical range, we modelled a simple cleaning procedure by removing

the brightest relic in the ’dirty’ map from the total surface emission map and re-simulated the GMRT

detections – resulting in our ‘cleaned’ radio map. We compared these maps to surface brightness maps

of different relic catalogues where we varied our emission threshold (cf. Fig. 2.3). The emission

threshold which reproduced the simulated images most accurately was 10−43 h3 erg s−1 Hz−1 ster−1

cm−3 with the linking length and minimum number of particles already fixed. These parameters are

referred throughout this paper asobservable parameters.

The choice of a second emission threshold is related to the peak of the emissivity distribution func-

tion which is determined by the mass resolution of the SPH particles in the simulations.We found the

peak emissivity to be atjν = 10−55 h3 erg s−1 Hz−1 ster−1 cm−3. We find that changingjν by six orders

of magnitude does not change the number of relics in a significant way (cf.Appendix 2.8), making

the difference between peak emissivity and theobservable parametersreasonable. Together with the

linking length and minimum number of particle parameters stated above, these parameters are referred

to astheoretical parameters. Since the emissivity scales with frequency, the emission threshold must

scale with frequency as well. The emission threshold (ET) scaling is fixed atour reference frequency

ν0 = 150 MHz,

ET = ET0

(

ν

ν0

)−1

, (2.7)

andET0 adopts the values quoted above for bothobservationalandtheoretical parameters.

In summary, theobservable parameterswere chosen to produce relic catalogues resembling the

ones obtainable from current or near future observations, whereasthe theoretical parameterslead to

hypothetical catalogues only obtainable with a perfect 3-d tomography of the medium which may find

application with the future radio interferometer SKA (cf. Table 2.3.4).
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Figure 2.4: Luminosity functions withobservable parameters(left) andtheoretical parameters(right)

of our relic finder. The top and bottom panels show how the magnetic declineαB and the magnetic

core energy densityB0 impact the luminosity functions, respectively. The choice of magnetic field

parameters has a large impact on the shapes of the luminosity function which is aconsequence of

the inhomogeneous nature of virializing processes in cosmic structure formation. SmallerαB values,

corresponding to a shallower magnetic decline, produce many more brighterrelics compared to larger

values ofαB, which produce slightly more less-luminous relics. IncreasingB0 results in a greater number

of more-luminous relics. Notice the loss of the less-luminous relics from theobservableto theoretical

parameters. This is a result of the brightest relic swallowing up smaller relics due to a decrease of the

emission threshold parameter.



28 C 2. E    

Table 2.3: Parameters chosen for the relic finder.
parameter linking minimum number emission threshold

name length of particles [erg s−1 Hz−1 ster−1 cm−3]

observable 0.2 32 10−55

theoretical 0.2 32 10−43

Removal of galaxy contamination and cool core

Our radiative simulations model star formation (Hernquist & Springel, 2003)which leads to the forma-

tion of galaxies. When applying the criteria described in Sect. 2.3.4, these galaxies appear as false radio

relic candidates since they are dense, compact and have enough emissivity per particle to be selected

by the relic finder. To select against those objects, we impose further constraints on the SPH particles

that are grouped together and require them to have a zero fraction of neutral hydrogen and to be below

a very conservative threshold of number densitynthres= nSFT/32= 0.004 cm−3.

Our relic finder also picks up the over-cooled centres of galaxy clustersin our simulations, con-

taminating the radio emission. Since the candidate relic in the over-cooled centermay be physically

connected to other true relics, it cannot be removed by simply discarding theclosest relic candidate to

the center. We apply a very conservative cut in radius ofr = 40 kpc and neglect the weak dependence

on cluster mass and dynamical state. We note that smaller clusters (M < 5 × 1014M⊙), in particular

those with dynamical activity, tend to have slightly smaller cooling regions.

2.4 Results

2.4.1 Probing the intra cluster magnetic fields

In this section, we investigate how sensitive different radio synchrotron observables are with respect to

the properties of the large scale magnetic field.

Luminosity functions

The magnetic fields within our simulations are parametrized by a simple scaling relation. For each

cluster, we compute radio luminosity functions to aid in differentiating between different magnetic field

parametrizations by employing the dependency of synchrotron emissivity onthe magnetic field of the

ICM. Our luminosity functions are distribution functions of the total luminosity perrelic (Jν), where

Jν =
∑

a

jν,a
Ma

ρa
=

∑

a

Jν,a. (2.8)
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Figure 2.5: Left panel: Faraday rotation measure map of the largest relic ing72a, if the cluster were

placed at z∼0.05 (mimicking A2256). Right panel: Polarization angle map atν = 1.4 GHz, assuming

a uniform rotation angle at the position of the relic. The cluster center is located in the direction of

the upper left corner for both the images. Regions with high RM variance correspond to high spatial

variation of the polarization angle. In combination with a finite beam size, this makes it challenging to

observe a high degree of polarization in such a relic. The magnetic field parameters areαB = 0.7 B0

= 2.5 µG and the contours represent the surface brightness increasing in decades from 5× 10−3 mJy

arcmin−2 at ν = 1.4 GHz.
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The units ofJν,a are erg s−1 Hz−1 ster−1, Ma andρa are the SPH gas particle mass and density respec-

tively for the set of SPH particles within the relic labelled bya.

The number of relics seen depends on the magnetic field parametrization. In Fig. 2.4, we show how

the luminosity functions depend onB0 andαB. As expected, we find more and brighter radio relics for

higher values ofB0. However, rather than simply scaling the luminosity function to higher relic emissiv-

ities for largerB0 (assuming a fixed slopeαB), we find that their shapes change. This is a consequence

of the inhomogeneity of the virializing cosmic structure formation waves that areilluminated by the

synchrotron emitting electrons. The effect of varyingB0 is analogous to the water level within a very

inhomogeneous landscape that corresponds to the strength of the virializing shock waves. This level can

adopt different values depending on the magnetic realization such that the resulting synchrotron emit-

ting objects end up single connected or disjoint. So, one could consider using Minkowski functionals to

characterize the different relics.

The trend forαB is the opposite: higher values ofαB lead to a lower number of radio relics. The

parameterαB represents the slope of the magnetic scaling (εth0 > εth), and a steeper slope will result in

the magnetic field strength falling off faster with radius. We expect the effect of bothB0 andαB on the

luminosity function to be a generic effect for all the simulated clusters, sincejν ∝ Bαν+1/(εB + εCMB)

(cf. Eqns. 2.4 and 2.5) and in the peripheral cluster regions whereεB < εCMB, we obtain jν ∝ Bαν+1.

The luminosity functions alone are not sufficient to fully disentangle the magnetic field properties, this

will require other observables.

Rotation measure

Another independent approach to constrain magnetic field models are Faraday rotation measurements.

Theoretically, one expects the magnetic field in shocks to be aligned with them due to shock compression

(Enßlin et al., 1998) and stretching and shearing motions induced by obliqueshocks (Schekochihin &

Cowley, 2006). In combination with the small synchrotron emitting volume that is caused by the small

synchrotron cooling time, this yields to polarized relic emission. Indeed, radiorelics have been observed

to be polarized up to the 40 per cent level (Feretti et al., 2004; Clarke & Enßlin, 2006). When polarized

radio emission propagates through a magnetized medium, its plane of polarizationrotates for a nonzero

line-of-sight component of the magnetic fieldBz due to the birefringent property of the plasma – Faraday

rotation. The Faraday rotation angle is given by

Φobs= λ
2RM+ Φinit , (2.9)

where

RM(x⊥) = a0

∫ L

0
Bz(x) ne(x) dz (2.10)

≃ 812
rad
m2

B
µG

ne

10−3 cm
L

Mpc
, (2.11)
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wherea0 = e3/(2πm2
ec4), x = (x⊥, l), andne is the number density of electrons. In Eqn. 2.11, we have

assumed constant values and a homogeneous magnetic field along the line-of-sight to give an order of

magnitude estimate for RM values. Assuming statistically homogeneous and isotropic magnetic fields,

the RM dispersion〈RM2〉 reads as follows,

〈RM2〉 = a2
0

〈[∫ L

0
ne(x)Bz(x) dz

]2〉

(2.12)

= a2
0
3λB

2
L 〈ne(x)2Bz(x)2〉 (2.13)

= a2
0
3λB

2
LCneBz 〈ne(x)2〉〈Bz(x)2〉, (2.14)

where

CneBz =
〈B2

zn2
e〉

〈B2
z〉〈n2

e〉
, (2.15)

is defined as the correlation factor andλB = 2/3× λz is the 3D magnetic auto-correlation scale (Enßlin

& Vogt, 2003) which can be estimated from the measuredRM power spectrum.

We studied the Faraday rotation of the largest relic in cluster g72a (Fig. 2.5). The aim is to recover

intrinsic statistical properties of the ICM magnetic field by studying RM statistics. We produce the RM

map by projecting the line-of-sight component of our tangled magnetic field (Sect. 2.3.2) and the thermal

electron density that has also been mapped from its Lagrangian distribution onto a 3D grid.4 Firstly, we

are concerned about the observability of polarized emission. The RM scales with B‖ andne according

to Eqn. 2.10 such that we expect RM values to increase across the relic towards the projected cluster

center. However, large RM values leads to confusion when trying to observe the polarization angle.

Beam width depolarization (Gardner & Whiteoak, 1966) takes place if the polarization angle changes

by a radian on scales shorter then the beam. To avoid this, one can go to shorter wavelengths and smaller

beams at the expense of radio luminosity. Secondly, we are concerned withRM contamination from the

galaxy. Even at moderately high galactic latitudes the galactic RM contribution (Simard-Normandin

et al., 1981) can be approximately the same order as the RM we calculate. However, the strength of our

RM depends on the relic location with respect to the cluster and observer, as well as our magnetic field

parameters. Therefore, a different location or parametrization will lead to stronger or weaker RM. Also,

the galactic RM in principle can be modelled and removed from the RM map.

High-quality rotation measure maps enable one to measure the RM power spectra. The large an-

gular extent of giant radio relics provides a powerful tool of probing the maximum coherence scales of

the magnetic field in clusters; in contrast RM maps from radio lobes are typicallymuch smaller. We

calculate power spectra from our RM maps and magnetic field realizations foreach model separately

(Fig. 2.6 and Table 2.4.1). For consistency reasons, we only consider the volume subtended by the radio

4Note that we neglect gas above the very conservative threshold of number densitynthres = nSFT/32 to be consistent with
our proceeding in Sect. 2.3.4.
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Figure 2.6: Top: power spectrum of the RM mapP[RM](k) and power spectrum of the line-of-sight

component of the magnetic fieldP[Bz](k) for MFR1, where the error bars represent the 1σ confidence

regions.P[RM](k) attains excess power at large angular scales from fluctuations inne. Our RM power

spectrum matches the shape and the peak scale of the input power spectrum within the error bars.

Bottom: power spectra of RM maps for different magnetic field realizations (cf. Table 2.4.1). All RM

power spectra recover the shape and characteristic scale of their magnetic input power spectra.
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Table 2.4: Magnetic field realizations (MFR) used in RM maps.

magnetic field correlation length input slope of

realization name (λB) [h−1 kpc] power spectra

MFR1 100 -5/3

MFR2 200 -5/3

MFR3 100 -2

relic when calculating the magnetic power spectrum. We define the RM power spectra (P[RM]) and the

power spectrum ofBz (P[Bz]) as follows,

〈RM2〉 = 2π
∫ ∞

0
kP[RM] dk, (2.16)

〈B2〉 = 3 · 4π
∫ ∞

0
k2P[Bz] dk, (2.17)

where the additional factor of three accounts for fluctuations in the total magnetic field while assuming

our random Gaussian field. A partial Monte Carlo method was used to determine the 1σ error bars on

the power spectrum. Assuming a constant magnetic coherence scale, we construct the envelope function

by computing the variance of RM (Eqn. 2.13). We multiply this envelope functionwith 103 realizations

of random Gaussian field and measure the power spectrum on each of these maps. The fractional errors

are computed from the variance of these power spectra. While the first sixpower spectrum bins are on

average 50 per cent correlated, the correlations drop to be below 20 per cent for the bins on smaller

scales.

By construction our parametrization of the magnetic field is correlated with the electron number

densityne which might possibly introduce biases in our RM maps. However, comparing RM power

spectrum to the magnetic power spectrum, we find that the RM power spectrumoverall resembles

the original shape of the magnetic power spectrum and the injection scale corresponds to the scale of

maximal power in the RM map. This is true for all our magnetic field realizations. Wemeasure the slope

of these power-laws at small scales to an accuracy of±0.05, which is significant to differentiate between

Kolmogorov (k−5/3) and Burgers (k−2) turbulence spectra. We also find that the measurement of the RM

power spectrum slope is independent of the magnetic field parametersαB andB0. The full correlation

matrix of the power spectrum bins is used when fitting the power-laws and in theerror calculations. We

find that our measured slope is flatter then expected and can be attributed to small scale fluctuations in

ne, sinceP[Bz] has the same slope as the power spectrum ofBz integrated along the line of sight. The

small inhomogeneity ofne in our simulations does not severely affect the intrinsic spectral shape. Thus,

it is possible in principle to recover the intrinsic 3D magnetic power spectrum bysolving the inverse

problem (Vogt & Enßlin, 2003; Enßlin & Vogt, 2003; Vogt & Enßlin, 2005).
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Using Eqns. 2.14, 2.16 and 2.17 we estimated thermsmagnetic field strength fromP[RM] andP[Bz]

respectively and recover our initialrms magnetic field strength. We find that our correlation factor

(
√

CneBz ≃ 5.3) 5 is 20 per cent larger than the correlation factor obtained by fitting a smoothβ-model

to the spherically averaged profile ofne and scalingB ∝ nαB
e with the sameαB = 0.7 that we used to

construct our RM maps (similar to the procedure applied by Enßlin & Vogt 2003 and Murgia et al. 2004).

This result suggests that the fairly homogeneous density distribution in our simulations (after removing

the galaxy contamination described in Sect. 2.3.4) does not severely bias theaverage magnetic field

strengths estimated by RM studies if one takes into account the overall shapeof the profiles ofne andB.

For convenience, we derive a formula for thermsmagnetic field strength (
√

〈B2〉) as a function of

the peak ofP[RM] and thermsfluctuations ofne. Multiplying P[RM] with a Heaviside functionΘ(k) and

ensuring that the intrinsic spectrum is sufficiently steeper thank−2, Eqn. 2.16 becomes

〈RM2〉 ≃ 2π
∫ ∞

0
kP[RM](k)Θ(k− kpeak) dk,

≃ πP[RM](kpeak) k2
peak. (2.18)

The value ofP[RM](kpeak) k2
peakcan be read off directly from Fig. 2.6 and combining Eqns. 2.18 and 2.14

yields an approximate value for
√

〈B2〉,

√

〈B2〉 ≃

√

√

2πP[RM](kpeak) k2
peak

a2
0 λB LCneBz 〈n2

e〉
(2.19)

≃ 0.1µG
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×
(
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)− 1
2
(

L

4h−1 Mpc

)− 1
2
(CneBz

27

)− 1
2

, (2.20)

where we inserted numerical values from our simulation in the last step.

2.4.2 Existence and properties of the WHIM

In this section, we investigate the potential of radio relic observations to inferthe hydrodynamic prop-

erties such as density and temperature of the WHIM.

Properties of virializing shocks

Diffusive shock acceleration determines the shape of the CRe spectrum that we model as a power-

law momentum spectrum (neglecting non-linear effects). Synchrotron losses cause a steepening of this

5We caution the reader that the particular value ofCneBz reflects the parametrization of the magnetic field we adopt in our
model, and may be realized differently in Nature. We also note that the value of the correlation factor in the non-radiative
simulation by Pfrommer et al. (2008) is

√

CneBz ≃ 6. Further work is required to address this question in the context of MHD
cluster simulations.
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Figure 2.7: Spectral index map,αν,2D, between 150 MHz and 1.4 GHz for the largest relic in g72a,

with only the SPH particles selected by the relic finder projected (left panel) and for the total emission

in the same region (right panel). The contours show orders of magnitude insurface brightness in mJy

arcmin−2, with the highest contour representing 5 mJy arcmin−2 atν = 1.4 GHz. Notice the edge effects

that show up in the projection of the single relic where the emission falls off. These effects are due to

the sharp emissivity cutoff of our relic finder and incomplete sampling of SPH relic particles at different

frequencies. More importantly, in regions with high synchrotron brightness, the spectral index is almost

uniform across the central relic implying that this relic traces a single formationshock wave.
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Figure 2.8: Top: spectral index distributions for our largest relic using our standard particular magnetic

field parametrization. 2D spectral index distributions,f (αν2D), of the full map and the brightest 20

percent pixels (top left) are contrasted to the radio luminosity weighted distribution of the 3D spectral

index, dJν,a/dαν,3D (top right). Bottom left: the median off (αν2D) for the brightest 20 percent pixels

(Sν ≥ 12 mJy arcmin−2 at ν = 150 MHz andSν ≥ 1 mJy arcmin−2 at ν = 1.4 GHz) as a function of the

magnetic declineαB with the error bars representing the 1σ percentiles. Bottom right: the median of

dJν,a/dαν,3D as a function of the magnetic declineαB with the error bars representing the 1σ percentiles.

This shows that for the giant radio relic of g72a, the median of the 2D and the3D spectral indices agree

statistically and are almost independent of the magnetic declineαB.
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power-law by one power of momentum. Spatially inhomogeneous virializing shocks with a distribution

of shock strengths cause a spatial variation of the spectral index of the cooled CR electron spectrum.

This is reflected in an inhomogeneous distribution of synchrotron spectralindex that may help to re-

construct the merging geometry by providing a snapshot of the structure formation process in a galaxy

cluster.

The spectral indices of the radio surface brightnessαν,2D and that of the intrinsic 3D emissivityαν,3D

are defined by,

αν,2D = −
log( Sν

Sνo
)

log( ννo )
, (2.21)

αν,3D = −
log( Jν,a

Jνo,a
)

log( ννo )
. (2.22)

It is unclear ab initio whether the projected spectral index represents the actual deprojected quantity

(αν,3D) due to possible superposition of different radio emitting structures along the line-of-sight. We

study how these two quantities relate to each other, and present 2D spectral index maps of both the

largest radio relic in g72a and the total emission from the same area (cf. Fig.2.7). We note that more

than 99 per cent of the total radio emission can be attributed to emission within the radio relic. As a

result, theαν,2D maps are not contaminated by the diffuse spurious emission. Note the edge effects in

Fig. 2.7 that show up in the projection of the single relic where the emission falls off. These effects are

due to the sharp emissivity cutoff of our relic finder and incomplete sampling of SPH relic particles at

different frequencies. In regions with high synchrotron brightness, onecan ignore these edge effects,

and the resulting distribution ofαν,2D is fairly uniform (〈αν,2D〉 ≃ 1.15, withσαν,2D ≃ 0.04) implying that

this relic traces a single structure formation shock wave.

We further study the distribution ofαν,2D andαν,3D in our largest individual relic to uncover a

connection between them. Probability distribution functions (PDF) are constructed for bothαν,2D and

αν,3D for varying parameters of the magnetic field (cf. Fig. 2.8). To avoid contamination from edge

effects seen in Fig. 2.7, theαν,2D PDF was made for the brightest 20 per cent of the pixels and the

αν,3D PDF was weighted by particle emissivity. These distributions do not change with our choices for

magnetic field parameters implying that the spectral indices are practically independent of the magnetic

field and depends mainly on properties of the shock. Another striking result is that the median values

for αν,2D andαν,3D are statistically consistent within 1-σ. Assuming that the line-of-sight integral is

dominated by one bright relic and choosing a pixel scale that is smaller than thelength scale on which the

post-shock density varies, we can easily show that the 2D and intrinsic 3D spectral index are identical.

If there are more radio emitting regions contributing to the observed surfacebrightness, we expect a

concave radio spectrum. Synchrotron cooling as well as re-acceleration lead to spectral steepening in

particular at high radio frequencies (Schlickeiser et al., 1987). Futurework is required to address the

associated biases of the relation betweenαν,2D andαν,3D.
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Figure 2.9: Two dimensional observable parameter space for radio relicsin galaxy cluster g72a. Each

symbol represents a relic within g72a and they are characterized by total luminosity and median of

the 3D spectral index. Shown areobservablerelics (red crosses),theoreticalrelics (blue circles) and

the large relic is emphasized by the bold cross and the filled circle. There is a trend to high spectral

indices and a larger scatter for less luminous relics. As shown in Fig. 2.4, theloss of the less luminous

relics from theobservableto theoretical parametersis a result of the brightest relic swallowing up these

smaller relics due to a decrease of the emission threshold parameter.
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Figure 2.9 shows the observable parameters space of relic luminosity and themedian 3D spectral

index. This parameter space compares the shocks strength, which is related to the 3D spectral index

(cf. Eqn. 2.27) to the energy dissipated at the shock, which is related to therelic luminosity. There is

a trend that strong shocks are associated with the more luminous relics. The implications of this trend

is that the brightest radio relics should show predominantly flatter spectral indices, which is the current

observational status of giant radio relics (Ferrari et al., 2008).

Predicting pre-shock properties

A majority of the hot gas (> 107 K) found at the centers of galaxy clusters is believed to originate

from the WHIM that is shock heated through large-scale virializing structure formation shocks. These

structure formation shocks are traced by synchrotron emission in form ofradio relics from recently

accelerated electrons (cf. Sect. 2.3.3). We have shown that under particular conditions, the observed

median 2D spectral index corresponds to the weighted median 3D spectral indexαν,3D (cf. Sect. 2.4.2).

The 3D spectral index can be related to the Mach number of the shock (cf.Eqn. 2.27) under the as-

sumption that we have an ideal fluid with a given adiabatic index. One can obtain information on the

post-shock values for density, pressure and temperature of the ICM through deprojections of deep X-ray

or Sunyaev-Zel’dovich observations (Zaroubi et al., 1998). With the knowledge of the Mach numbers

combined with post-shock values we calculate the pre-shock conditions of the ICM (the WHIM) using

the Rankine-Hugoniot jump conditions (cf. Appendix 2.9).

We take an optimistic approach and assume that the deprojections of the thermalobservables can be

done ideally such that we use our radial profiles calculated from the solid angle subtended by the largest

relic for simplicity (cf. Fig. 2.10). We define the shock region by locating the radial bins that contain

the majority of shocked relic particles (> 85%). A small fraction of the relic particles leak into radial

bins adjacent to the shock causing slight enhanced values of the radial profile. As mentioned above

we insert the calculated average Mach number and the post-shock value into the Rankine-Hugoniot

jump conditions for density, pressure and temperature to estimate the upper limits of these WHIM

properties. Our predicted upper limits for pressure and temperature of theWHIM are consistent with

the simulated pre-shock properties within one standard deviation. We note that the standard deviation

of these hydrodynamic properties reflect actual physical variations due to an oblique shock that is not

perfect tangential. Additionally, the particular relic chosen is located at∼ R200/2, which is within the

cluster volume. There are other observationally know relics that reside atthe virial radius and beyond

(e.g. Bagchi et al., 2006). These relics are better suited to probe the WHIM in combination with future

X-ray and multi-frequency SZ data. Thus, this example is to be taken as a demonstration of our concept.

In the following we want to address possible biases with our method and showthat the discrepancy

between the predicted values and the average radial value of the WHIM can be explained by differences

between the calculated Mach numbers and the median of the weighted Mach numbers in the radio relics
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(cf. Fig. 2.11). We find that the weighted Mach numbers have systematically lower values compared to

the theoretical expectation due to the skewed distribution of the emissivity weightedαν,3D. According

to the Rankine-Hugoniot jump conditions, systematically higher values of the shock strength should

over-estimate the jumps and hence under-predict all the pre-shock quantities, which appears to be the

case (Fig. 2.10).

2.4.3 Dependence on dynamical state and cluster mass

We study the distribution of radio relics for the entire galaxy cluster sample, which shows a variety of

both dynamical states (ranging from merging to cool core clusters) and masses (a range of almost two

orders of magnitude). In Fig. 2.12, we investigate how cluster mass and dynamical state depend on the

relic luminosity function. In the case of our theoretical parameter space, more massive galaxy clusters

clearly have more radio relics than the lower mass clusters with a power-law scaling of M0.9
200 (Fig. 2.13).

For the current observational capabilities, we predict that only the most massive clusters should have a

significant sample of radio relics.

Ideally, one would like to directly compare clusters with the purpose of using relic number statistics

as a mass proxy. However, the luminosity functions have another trend, which causes the scatter in

the relationship between clusters mass and total number of relics per cluster.This trend relates the

cluster’s dynamical state to the luminosity of their brighter relics. The clusters g72a and g51 have the

same virial mass 1.1 × 1015 M⊙, but g51 is a relaxed cool core clusters in contrast to the active state

of g72a. One can see the two most luminous radio relics of g72a are an order of magnitude brighter

than any of g51’s relics. Furthermore, the total amount of relics of g72a isgreater than that of g51.

Merging clusters inherently have more shocks which yields to more high-energy CRes and magnetic

field amplification resulting in more radio relics. This trend is even more severe for galaxy clusters of

smaller mass (Fig 2.12). Our results show a larger probability of observing arelic in a more massive

cluster that is dynamically active. This dependence on mass and dynamical state offers a possible

explanation for why all current observed radio relics are in massive merging clusters. They are expected

to be the brightest of a dimmer population of radio relics.

2.5 Discussion

2.5.1 Comparison with previous theoretical work

Previously, there has been analytical work (Keshet et al., 2004a) andpioneering cosmological simu-

lations (Miniati et al., 2001, 2000) on studying cluster synchrotron emissionfrom shock-accelerated

electrons. The latter authors simulated the non-thermal cluster emission by numerically modelling dis-

cretised cosmic ray (CR) energy spectra on top of Eulerian grid-based cosmological simulations. Their
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Figure 2.10: Radial profiles of galaxy cluster g72a restricted to the solid angle subtended by the largest

relic for the density, pressure and temperature. The shocked region is seen in the profile at roughly

R200/2 and is marked by the black diamonds with one sigma error bars, except forthe density profile

where the error bars are too small to show. The predicted pre-shock values (crosses) are∼ 7%,∼ 67%

and∼ 67% different from the average profile values, but fall within the standard deviation for pressure

and temperature. Most of this variation is caused by the shock being obliqueand not perfectly tangential.
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Figure 2.11: Top: median of the Mach number distribution for each relic as a function of the median

of the distribution function ofαν,3D. Bottom: the observationally relevant quantities are the weighted

distribution functions. Shown are median of d˙εdiss/dM as a function of dJν,a/dαν,3D, where each point

represents a radio relic in cluster g72a. Shown areobservablerelics (red crosses),theoreticalrelics

(blue circles) and the large relic is emphasized by the bold cross and the filledcircle. The dashed line

is the theoretical Mach number computed from directly from theαν,3D (cf. Appendix Eqn. 2.27). The

theoretical Mach number over-predicts the median of the weighted Mach number, due to the weighting

of αν,3D by the skewed distribution function of the radio luminosity.
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Figure 2.12: Luminosity functions for our sample of 10 clusters with the high mass clusters (Mvir >

2 × 1014 h−1M⊙) in the upper panels and the low mass clusters in the lower panels for our standard

magnetic model at 150 MHz (see Table 2.3.2). The left panels contain relics found using the observable

parameters and the right panels contain the theoretical parameters. The luminosity functions from the

observable parameters show that more massive clusters have relics while low mass clusters have no

relics (with g1b and g72b being the exceptions in both cases, respectively). The cumulative luminosity

functions from the theoretical parameters show the trend for higher mass clusters to contain more relics

and dynamical cluster stage modulates this effect notably, especially at low cluster masses. For instance

compare the luminosity functions of the equal mass clusters g51 and g72a, thelatter of which is a

post-merging cluster.
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Figure 2.13: Relation between the number of radio relics within a galaxy clusterand the cluster mass,

where each point represents one of our simulated clusters and the line represent the best fit power-law

that scales asM0.9
200. There is a trend for higher mass clusters to contain more relics.
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approach neglected the hydrodynamic pressure of the CR proton component, was quite limited in its

adaptive resolution capability, and neglected dissipative gas physics including radiative cooling, star

formation, and supernova feedback. To allow studies of the dynamical effects of CR protons in radia-

tively cooling galactic and cluster environments, a CR proton formalism was developed that is based

on smoothed particle hydrodynamical representation of the equations of motion (Pfrommer et al., 2006;

Enßlin et al., 2007; Jubelgas et al., 2008). The emphasis is given to the dynamical impact of CR pro-

tons on hydrodynamics, while simultaneously allowing for the important CR proton injection and loss

processes in a cosmological setting. Pfrommer et al. (2008) modelled the CR electron components due

to shock acceleration as well as those being produced in hadronic CR proton interaction with ambient

gas protons. Using this formalism and modelling, Pfrommer et al. (2007, 2008) and Pfrommer (2008)

coherently studied the non-thermal cluster emission, the cosmic ray pressure component, and its impli-

cations for thermal cluster observables such as the X-ray emission and theSunyaev-Zel’dovich effect.

The focus of Miniati et al. (2001) was on primary CRe synchrotron emission from galaxy clusters as

a whole, whereas we focused in this work on the emission from individual relics in detail to study the

synchrotron observables and how they are sensitive to the large scale magnetic properties. To sum-

marize, we have improved on past work in the observable predictions, simulations and observational

understanding of non-thermal emission from primary accelerated CRe.

Additionally, we point out that IC andγ-ray emission are alternate ways to study structure formation

shocks. This was proposed in analytical work by Loeb & Waxman (2000)and in simulations (Miniati,

2003; Keshet et al., 2003; Miniati et al., 2007; Pfrommer et al., 2008; Pfrommer, 2008). We are opti-

mistic that high energyγ-ray experiments, such as the Fermiγ-ray space telescope (formely GLAST)

and future imaging aiřCerenkov telescopes, will aid in further developing the picture of non-thermal

emission at structure formation shocks.

2.5.2 Assumptions

In our attempt to model diffuse radio relic emission from galaxy clusters, we have made several sim-

plifying assumptions. (1) We assume the modified thermal leakage model fully describes the process

of diffusive shock acceleration and did not vary the parameters associated withit. The described obser-

vations allow one to test the self-consistency of this hypothesis, and might finally allow improvement

of our knowledge about diffusive shock acceleration in high-β plasmas. (2) We neglect at this point the

modifications of this simple model due to non-linear shock acceleration, as wellas cosmic ray modi-

fied shocks, and postpone their study until future work. (3) We also neglect re-acceleration of mildly

relativistic electrons that have been injected in the past either by formation shocks or other sources

such as AGN. (4) We use a simple parametrization for the magnetic field. Thereare indications that

the main characteristics of this model are realized in clusters on average (Vogt & Enßlin, 2005; Murgia

et al., 2004). Future work has to be dedicated to study the distribution of magnetic fields that follow the
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magneto-hydrodynamics in radiative simulations. (5) We are solving for a steady-state spectrum of the

electron population and are not sensitive to spectral aging processes across the relic as they may have

been found recently by Giacintucci et al. (2008). (6) In our model, we assume the thermal reservoir to

be the source of electrons. (7) In our analysis, we only consider the rotation measure signal from the

line-of-sight integration of the density weighted parallel magnetic field. We explicitly neglect possible

contributions from magnetic field amplifications due to post-shock turbulence local to the shock wave

(Vladimirov et al., 2006; Ryu et al., 2008). These questions are beyond the scope of this work and

will be studied elsewhere. (8) The mass contained within the relics is not a physically relevant quantity

and suffers from the finite resolution of the SPH technique at the dilute shocks in the virial regions of

clusters and beyond. The radio luminosity, however, is a robust prediction within a given acceleration

model since it reflects conserved quantities such as energy and mass across the shock.

2.6 Conclusions

The intermittency and inhomogeneous nature of structure formation shocks are characterized by a

highly non-Gaussian distribution function. This requires numerical simulations to study the implied

non-universality of the induced radio relic (or gischt) emission. It is hardto conceive of an adequate

analytical approach to this problem. Observing the polarized emission of a sample of relics at different

frequencies enables us to gain insight into the non-equilibrium processesat work – in particular into the

interplay of large scale magnetic fields and structure formation shocks. Therelevant observables of the

relics include morphology, spectral shape, relic luminosity function and Faraday rotation measure. The

theoretical implications of radio relic observables are as follows:

We model the shock acceleration of electrons at formation shocks and find that themorphologyof

radio relics unambiguously characterises the underlying structure of dissipating shock waves (Fig. 2.1).

The resulting simulated relics are very similar to the observed relics and thus support our hypothesis.

Their positions identify regions that are not in equilibrium and where the electron and ion temperatures

are expected to show strong deviations due to the comparatively long Coulombmean free path that

governs their equilibration process.

Therelic luminosity functionis sensitive to the combination of normalization and scaling properties

of the magnetic field with thermal energy density as well as the electron acceleration efficiency, the mass

and dynamical state of a cluster. Thus, it can provide hints about the processes that generate these large

scale fields and can help to disentangle the dominant transport processeswhich include effects from

magnetic flux freezing and growth by turbulent dynamos.

Therotation measure (RM) mapis sensitive to the line-of-sight integrated magnetic field. From the

mean and variance of RM maps, we can infer the location of the formation shock with respect to the

cluster center as the variance increases as a function of integration length(Eqn. 2.14). This helps in con-
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straining the geometry of the merger. Deprojecting the 2D RM power spectrumenables one to measure

the 3D magnetic power spectrum, under the assumption that the behaviour of theelectron density along

the line of sight can be obtained from X-ray measurements. The peak of the3D power spectrum yields

the total magnetic energy and the magnetic coherence lengthλB. Performing this procedure for different

relics or for different regions of one large relic allows us to estimate the variance ofλB across the cluster

and might possibly tell us about the nature of MHD turbulence. We found that the correlation between

ne andB biases thermsmagnetic field strength derived from RM maps high if this is not taken into ac-

count; we note that most works have done so. This correlation should be anatural consequence of MHD

effects such as flux freezing. If systematic errors associated with RM studiesare smaller than statistical

ones, we find that measurements of the small scale slope of the RM power spectrum are accurate enough

to differentiate between Kolmogorov (k−5/3) and Burgers (k−2) turbulence spectra. The interpretation

of these slopes is however not straight forward and needs to accountfor an additional flattening due to

small scale fluctuations inne.

The spectral indexof a power law spectrum of a radio relic is a measure of the shock strength of

that relic. The median spectral index of a distribution of relics probes a distribution of virializing shocks

and can give an indication of CR proton injection. This is of particular relevance for questions con-

cerning the pressure contribution of non-thermal components and enables comparison with predictions

of hydrodynamical simulations. The shape of the spectrum is sensitive to theacceleration mechanism

of the relativistic electrons and to their cooling processes. The variation ofthe spectrum over the relic

allows one to infer in situ magnetic field strengths by comparing the synchrotronand IC cooling times to

the advection time downstream provided that the magnetic energy density is notmuch smaller than the

CMB energy density. This might constrain models for the magnetic amplification atshocks in high beta

plasmas. A radio relic’s luminosity is roughly correlated with the shock strength. Thus, it is favourable

to look for radio relics in large, dynamically disturbed clusters, or use relic detections as a proxy for

dynamical activity of clusters (Schuecker et al., 2001).

We demonstrated that the combination ofthe relic spectral index with deprojected X-ray and SZ

profilesallows one to indirectly infer upper limits on the density and temperature of the warmhot inter-

galactic medium. Simulations show that the WHIM is not uniform, rather it is characterized by highly

inhomogeneous structure that shows intermittent accretion events that are channeled mostly through

filaments.

We predict that there will be a large sample of polarized radio relics from a considerable number

clusters in the near future. This sample should allow one to constrain macroscopic model parameters,

which are expected to be higly non-Gaussian, using a joint analysis method onthe radio observables.

For example, the combination of the relic luminosity function, RM power spectra,X-ray and SZ mea-

surements should constrain the models of diffusive shock acceleration and large scale magnetic fields.

Future work will address the details of this procedure.
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2.7 Appendix: Interpolating and projecting SPH quantities

In the course of this work we are required to interpolate our Lagrangian energy density distribution as

given by SPH on a 3D grid. We remind the reader that the SPH smoothing kernel of an SPH particlea,

W(|r − ra|,ha), is given by Eqn. A.1 of Springel et al. (2001b). It is normalized in the continuum such

that
∫

W(r,h)d3r ≡ 1. A scalar fieldx(r )6 is interpolated onto a 3D grid cell atr i jk by the product of

itself with the specific volumeMa/ρa of the gas particles over a comoving cube,

x(r i jk) =
1

L3
pix

∑

a

xa
Ma

ρa
Wa,i jk(|r i jk − ra|,ha), (2.23)

whereL3
pix is the comoving volume of the grid cell and we define the normalized 3D smoothing kernel

of SPH particlea at the grid positionr i jk by

W(|r i jk − ra|,ha) =
W(|r i jk − ra|,ha)

∑

i jk W(|r i jk − ra|,ha)
. (2.24)

We note that the normalized interpolation conserves the interpolated quantity strictly without any further

requirement on the grid size.

Similarly, we employ the method of normalized projection of a three dimensional SPHscalar fields

x(r ) to perform projection integrals yielding the quantityX(r⊥). In analogy to Eqn. 2.23 we obtain

X(r⊥,i j ) =
1

L2
pix

∑

a

xa
Ma

ρa
Ya,i j (|r⊥,i j − ra|,ha), (2.25)

whereL2
pix is the comoving area of the pixel and the normalized 2D projected smoothing kernel of SPH

particlea at the grid positionr⊥,i j derives from the projected SPH kernelY(|r⊥,i j |,ha) and is given by

Y(|r⊥,i j − ra|,ha) =
Y(|r⊥,i j − ra|,ha)

∑

i jk Y(|r⊥,i j − ra|,ha)
. (2.26)

2.8 Appendix: Theoretical emission threshold

The emission threshold for theobservable parametersandtheoretical parametersdiffer by 12 orders of

magnitude. This dynamic range is beyond the ability of any future telescope onthe horizon. Varying the

emission threshold of ourtheoretical parametersby six orders of magnitudes only very weakly affects

our results. In particular, we show in Fig. 2.14 that such a dramatic variationhas only little influence on

the high-end of the radio relic luminosity function.

6We note that in general,x has to be a thermodynamic extensive volume density such that the product x M/ρ is extensive.
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Figure 2.14: Cumulative luminosity functions for different values of the emission cutoff. This shows

the robustness of our predictions for future instrument capabilities.
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2.9 Appendix: Rankine-Hugoniot conditions

The three dimensional spectral index can be transformed into a Mach number (M) (Enßlin et al., 2007),

if one assumes an ideal fluid that is characterized a a single adiabatic indexγ,

M =
√

4(1+ αν,3D)
1+ 4αν,3D − 3γ

. (2.27)

Under these conditions, the well-known Rankine-Hugoniot jump conditions allow to relate the hydro-

dynamic post-shock quantities (denoted with a subscript 2) to the pre-shock quantities (denoted with a

subscript 1),

ρ1

ρ2
=

(γ − 1)M2 + 2
(γ + 1)M2

, (2.28)

T1

T2
=

(γ + 1)2M2 + 2
[

2γM2 − (γ − 1)
] [

(γ − 1)M2 + 2
] , (2.29)

P1

P2
=

γ + 1
2γM2 − (γ − 1)

. (2.30)

Phenomenologically, we show in Fig. 2.11 that Eqn. 2.27 under-predicts theaverage〈M〉 if one were

to inferM from spectral index maps. This translates into an upper limit for the predictedpre-shock

density. In the case of temperature and pressure, the under-predictionof the average〈M〉 leads to an

over-estimation of the pre-shock values which translates into lower limits for temperature and pressure

(Eqns. 2.29 and 2.30).



Chapter 3

Simulations of the Sunyaev-Zel’dovich

Power Spectrum with AGN Feedback

A version of this chapter has been published in the Astrophysical Journal as “Simulations of the

Sunyaev-Zel’dovich Power Spectrum with Active Galactic Nucleus Feedback” Battaglia, N., Bond, J.

R., Pfrommer, C., Sievers, J. L.,& Sijacki, D. 2010, Volume 725, pp. 91-99. Reproduced by permission

of ApJ.

3.1 Chapter Overview

We explore how radiative cooling, supernova feedback, cosmic rays and a new model of the energetic

feedback from active galactic nuclei (AGN) affect the thermal and kinetic Sunyaev-Zel’dovich (SZ)

power spectra. To do this, we use a suite of hydrodynamical TreePM-SPH simulations of the cosmic

web in large periodic boxes and tailored higher resolution simulations of individual galaxy clusters. Our

AGN feedback simulations match the recent universal pressure profile and cluster mass scaling relations

of the REXCESS X-ray cluster sample better than previous analytical or numerical approaches. For

multipolesℓ . 2000, our power spectra with and without enhanced feedback are similar, suggesting

theoretical uncertainties over that range are relatively small, although current analytic and semi-analytic

approaches overestimate this SZ power. We find the power at high 2000−10000 multipoles which ACT

and SPT probe is sensitive to the feedback prescription, hence can constrain the theory of intracluster

gas, in particular for the highly uncertain redshifts> 0.8. The apparent tension betweenσ8 from primary

cosmic microwave background power and from analytic SZ spectra inferred using ACT and SPT data is

lessened with our AGN feedback spectra.

51
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3.2 SZ Power Templates and the Overcooling Problem

When CMB photons are Compton-scattered by hot electrons, they gain energy, giving a spectral decre-

ment in thermodynamic temperature belowν ≈ 220 GHz, and an excess above (Sunyaev & Zeldovich,

1970). The high electron pressures in the intracluster medium (ICM) result in cluster gas dominating

the effect. The integrated signal is proportional to the cluster thermal energy andthe differential signal

probes the pressure profile. The SZ sky is therefore an effective tool for constraining the internal physics

of clusters and cosmic parameters associated with the growth of structure, inparticular thermsampli-

tude of the (linear) density power spectrum on cluster-mass scalesσ8 (e.g., Birkinshaw, 1999; Carlstrom

et al., 2002). Identifying clusters through blind SZ surveys and measuring the SZ power spectrum have

been long term goals in CMB research, and are reaching fruition throughthe South Pole Telescope, SPT

(Lueker et al., 2010) and Atacama Cosmology Telescope, ACT (Fowler etal., 2010) experiments. The

ability to determine cosmological parameters from these SZ measurements is limited bythe systematic

uncertainty in theoretical modelling of the underlying cluster physics and hence of the SZ power spec-

trum. The power contribution due to the kinetic SZ (kSZ) effect that arises from ionized gas motions

with respect to the CMB rest frame adds additional uncertainty.

There are two main approaches to theoretical computations of the thermal SZ (tSZ) power spec-

trum: from hydrodynamical simulations of SZ sky maps or from semi-analyticalestimates (Bond et al.,

2002, 2005, B0205). Large cosmological simulations providing a gastrophysical solution to the pres-

sure distribution should include effects of non-virialized motions, accretion shocks, and deviations from

spherical symmetry. Averaging over many realizations of synthetic SZ sky projections yields the power

spectrum and its variance (e.g., B0205; da Silva et al., 2000; Springel etal., 2001a; Seljak et al., 2001;

Scḧafer et al., 2006a). In conjunction with primary anisotropy signals and extragalactic source mod-

els, the SZ power spectrum has been used as a template with variable amplitudeASZ for extracting

cosmological parameters by the Cosmic Background Imager (CBI) team (B0205; Sievers et al., 2009)

and the ACBAR team (Goldstein et al., 2003; Reichardt et al., 2009a).ASZ was used to estimate a

σ8,SZ ∝ A1/7
SZ as a way to encode tension between the SZ-determined value and the (lower)σ8 obtained

from the primary anisotropy signal. The CBI team also has included an analytic model (Komatsu &

Seljak, 2002, KS) which was also the one adopted by the WMAP team (Spergel et al., 2007). The KS

template yielded a lower value forσ8,SZ than that obtained with the simulation template, by∼ 10%.

The KS model assumes a universal ICM pressure profile in hydrostatic equilibrium with a polytropic

(constantΓ) equation of state. The power spectrum is then obtained using an analytic fitto ‘halo model’

abundances. So far the SPT and ACT have only used the KS template and a related semi-analytic one

(Ostriker et al., 2005; Bode et al., 2009). This model (Sehgal et al., 2010, S10) allows map genera-

tion by painting dark matter halos in N-body simulations with gas. It expands on KS by calculating

the gravitational potential from the DM particles, includes an effective infall pressure, adds simplified
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Table 3.1: Summary of periodic box simulations

Box size NDM + Ngas mgas mgas εs Number of simulations

[h−1 Mpc] [h−1 M⊙] [h−1 M⊙] [h−1 kpc] Shock heating Radiative cooling AGN feedback

165 2× 2563 3.2× 109 1.54× 1010 20 10 10 10

330 2× 5123 3.2× 109 1.54× 1010 20 1 1 1

100 2× 643 4.6× 1010 2.19× 1011 52 1 1

100 2× 963 1.3× 1010 6.49× 1010 35 1 1

100 2× 1283 5.7× 109 2.74× 1010 26 1 1

100 2× 1963 1.7× 109 8.12× 109 18 1 1

100 2× 2563 7.1× 108 3.42× 109 13 1 1

models for star formation, non-thermal pressure support and energy feedback which are calibrated to

observations. Using these templates, the SPT team derived aσ8,SZ lower than the primary anisotropy

σ8 (e.g., WMAP7, Larson et al., 2010).

Current simulations withonly radiative cooling and supernova feedback excessively over-coolclus-

ter centers (e.g. Lewis et al., 2000), leading to too many stars in the core, anunphysical rearrangement

of the thermal and hydrodynamic structure, and problems when compared toobservations, in particular

for the entropy and pressure profiles. The average ICM pressure profile found through X-ray observa-

tions of a sample of nearby galaxy clusters (Arnaud et al., 2010) is inconsistent the KS analytic model

(Komatsu et al., 2010). Adaptive-mesh cluster simulations (Nagai et al., 2007) have been found to be

consistent within the observed Arnaud et al. (2010) pressure profile uncertainties, which become large

in the cluster core region. Pre-heating (e.g. Bialek et al., 2001) and AGN feedback (e.g. Sijacki et al.,

2007, 2008b; Puchwein et al., 2008) help solve the over-cooling problem and improve agreement with

observed cluster properties.

Previously, an analytical model by Roychowdhury et al. (2005) has explored the effects of efferves-

cent heating on the SZ power spectrum and Holder et al. (2007) use a semi-analytical model to calculate

how an entropy floor affects the SZ power spectrum. There have been several simulations on galaxy and

group scales that have studied how ‘quasar’ feedback impacts the total SZ decrement (Thacker et al.,

2006; Scannapieco et al., 2008; Bhattacharya et al., 2008; Chatterjee et al., 2008). In this work we ex-

plore whether AGN feedback incorporated into hydrodynamical simulationsof structure formation can

suppress the over-cooling problem and resolve the current inconsistency between theoretical predictions

and observations of the SZ power spectrum and X-ray pressure profile.
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3.3 Modeled physics in our simulations

3.3.1 Cosmological simulations

We pursue two complementary approaches using smoothed particle hydrodynamic (SPH) simulations:

large-scale periodic boxes provide us with the necessary statistics and volume to measure the SZ power

spectrum; individual cluster computations allow us to address over-coolingat higher resolution and

compare our AGN feedback prescription with previous models. We used a modified version of the

GADGET-2 (Springel, 2005) code. Our sequence of periodic boxes had sizes 100,165,330h−1 Mpc.

The latter two usedNDM = Ngas = 2563 and 5123, maintaining the same gas particle massmgas =

3.2× 109 h−1 M⊙, DM particle massmDM = 1.54× 1010 h−1 M⊙ and a minimum gravitational smooth-

ing lengthεs = 20h−1 kpc; our SPH densities were computed with 32 neighbours. For our standard

calculations, we adopt a tiltedΛCDM cosmology, with total matter density (in units of the critical)Ωm=

ΩDM + Ωb = 0.25, baryon densityΩb = 0.043, cosmological constantΩΛ = 0.75, Hubble parameterh=

0.72 in units of 100 km s−1 Mpc−1, spectral index of the primordial power-spectrumns = 0.96 andσ8 =

0.8. A summary of the box simulations is provided in Table 3.1. For the ‘zoomed’ cases (Katz & White,

1993), we repeatedly simulated the cluster ‘g676’(with the high resolutionmgas = 1.7 × 108 h−1 M⊙,

mDM = 1.13× 109 h−1 M⊙ andεs = 5h−1 kpc, using 48 neighbours to compute SPH densities, as in

Pfrommer et al. 2007).

We show results for three variants of gas heating: (1) the classic non-radiative ‘adiabatic’ case with

only formationshock heating; (2) an extendedradiative coolingcase with star formation, supernova

(SN) feedback and cosmic rays (CRs) from structure formation shocks; (3) AGN feedbackin addition to

radiative cooling, star formation, and SN feedback. Radiative cooling and heating were computed as-

suming an optically thin gas of a pure hydrogen and helium primordial composition in a time-dependent,

spatially uniform ultraviolet background. Star formation and supernovaefeedback were modelled us-

ing the hybrid multiphase model for the interstellar medium of Springel & Hernquist (2003a). The CR

population is modelled as a relativistic population of protons described by an isotropic power-law dis-

tribution function in momentum space with a spectral index ofα = 2.3, following Enßlin et al. (2007).

With those parameters, the CR pressure modifies the SZ effect at most at the percent level and causes a

reduction of the resulting integrated Compton-y parameter (Pfrommer et al., 2007).

3.3.2 AGN feedback model

Current state-of-the-art cosmological simulations are still unable to span the large range of scales needed

to resolve black hole accretion. Hence a compromise treatment for AGN feedback is needed. For

example, Sijacki et al. (2007) and Booth & Schaye (2009) adopted estimates of black hole accretion rates

based on the Bondi-Hoyle-Lyttleton formula (Bondi & Hoyle, 1944). Herewe introduce a sub-grid AGN

feedback prescription for clusters that allows for lower resolution still and hence can be applied to large-
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scale structure simulations. We couple the black hole accretion rate to the global star formation rate

(SFR) of the cluster, as suggested by Thompson et al. (2005) using the following arguments. The typical

black hole accretion rates and masses for the inner gravitationally stable AGNdisks (of size. 1pc) are

∼ 1 M⊙/yr and∼ 106 M⊙. Since AGN lifetimes are much longer than 1 Myr, mass must be transferred

from larger radii to the inner disk. However, at much larger radii this outer disk is gravitationally

unstable and must be forming stars. Thus, in order to feed the AGN, stability arguments suggest that

the rate of accretion must be greater than the SFR. For simplicity we assume thatṀBH ∝ Ṁ⋆. We inject

energy into the ICM over a spherical region of sizeRAGN about the AGN, according to

Einj(< RAGN) = εrṀ⋆(< RAGN)c2∆t (3.1)

if Ṁ⋆(< RAGN) > 5 M⊙/yr .

The duty cycle over which the AGN outputs energy is∆t andεr is an ‘efficiency parameter’. (As we

describe below, the calculated efficiency for turning mass into energy is much smaller thanεr.) We

have explored a wide range of our two parameters, but the specific choices made for the figures are

∆t = 108 yr andεr = 2 × 10−4. Since feedback and galactic superwinds are ubiquitous when the SFR

per unit area is 10−1M⊙/yr kpc−2 (Heckman, 2002), we require a minimum SFR of 5 M⊙/yr to activate

AGN heating in the housing halo, which corresponds to the value for a typical star forming galaxy.

Given the output AGN energy, we must prescribe how it is to be distributed.Our procedure is

motivated by the way Sijacki & Springel (2006) did AGN heating via bubbles.Using an on-the-fly

friends-of-friends (FOF) halo finding algorithm in GADGET-2 with a linking length of 0.2, we deter-

mine the mass and center of mass of each halo withMhalo > 1.2× 1012 h−1 M⊙. We calculate its global

SFR within the AGN sphere of influence of radius

RAGN = max















100h−1kpc

[

Mhalo

1015h−1M⊙E(z)2

]1/3

,
uAGN

1+ z















(3.2)

whereuAGN = εs and E(z)2 = Ωm(1 + z)3 + ΩΛ. Within the halos we partitionEinj onto those gas

particles inside ofRAGN according to their mass. We have varied the prescription forRAGN and its floor

uAGN (chosen here to be the gravitational softeningεs); the specific numbers given in eq. 3.2 (and forεr)

match previous successful models that suppress the over-cooling by means of AGN feedback (Sijacki

et al., 2008b, see Sect. 3.4.1). DefiningR∆ as the radius at which the mean interior density equals∆

times the critical densityρcr(z) (e.g., for∆ = 200 or 500), then the ratio ofRAGN to R200 is a constant

∼ 0.05.

Although we have referred to our feedback mechanism as being causedby AGN outflows, radiation

pressure from stellar luminosity acting on dust grains will serve much the samepurpose, and could also

deliver high efficiencies (e.g. Thompson et al., 2005). In the code, we have so far added Einj as a pure

heating component, but it should allow for a mechanical, momentum-driven windcomponent as well,
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which would not be as prone to catastrophic cooling and likely decrease theεr needed for useful star

formation suppression.

The relevant energy budget is not in fact defined byεr, but rather by a redshift-dependent effective

feedback efficiencyεeff ≡ ΣiEinj,i/[M⋆(< r) c2], where we sum over every energy injection event (la-

beled byi) and we calculate the stellar massM⋆(< r) within a given radius. In all cases,εeff ≪ εr,
because: (i) heating suppresses the stellar mass∆M⋆ created over∆t, making it quite a bit less than

the stellar masṡM⋆∆t that would have formed without any feedback; and (ii)Einj is a stochastic vari-

able, which we find to be zero about half of the time because the required SFthreshold is not achieved.

With our fixedεr − RAGN prescription, our canonical g676 example hasεeff ∼ 5 × 10−6 for the entire

simulation; if all energy had been released within the finalRAGN, εeff would be 8× 10−5, but feedback,

especially at early times, is much more widely distributed. Of a totalEinj = 9× 1061 ergs for g676 we

find 58% is delivered in the cluster formation phases atz > 2, another 23% is delivered in the redshift

range 1< z < 2 that can be probed with ACT and SPT resolution, and only 19% comes fromthe

longer period below redshift 1. Feedback prescriptions with smallerEinj which still give the desired star

formation suppression need further exploration.

3.4 Pressure Profiles

3.4.1 Testing AGN feedback as resolution varies

AGN feedback self-regulates the star formation and energetics of a cluster. In Fig. 3.1 we compare

the fraction of baryons (fb) and stars (fstar) as functions of cluster radius for the high-resolution ‘g676’

simulations. Our radiative simulation produces 1.5− 2 times more stars than those with AGN feedback.

Our sub-grid AGN model nicely reproduces the results in Sijacki et al. (2008b). It should also produce

reliable results in the cosmological box simulations in which over-cooling is less severe because of the

lower resolution. There is significant sensitivity to the value chosen for thefeedback parameterεr:

doubling it lowersfb by a factor of 1.5, halving it increasesfstar by 1.4. The 100h−1 Mpc simulations

were used to study the resolution dependence of our feedback model byvarying N1/3
gas in steps from

64 to 256, withεs and henceuAGN (eq. 3.2) decreased accordingly. AsuAGN decreased,fstar within

R500 increased almost linearly for radiative cooling, whereas for AGN feedback the increases were less.

This can be traced to the hierarchical growth of structure since in low-resolution simulations: the small

star forming systems are under-resolved; this decreases the SFR that mediates our AGN feedback; and

this lowers the overall number of stars produced in the simulations. This behaviour is seen in other

AGN feedback models (Sijacki et al., 2007) and has been extensively studied in non-AGN feedback

simulations by Springel & Hernquist (2003b).
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Figure 3.1: Shown arefb (dashed lines) andfstar (solid lines) normalized to the universal value (fb =

0.13) assumed in our simulations of our cluster g676 withM500 = 6.8×1013 h−1 M⊙. The blue lines are

for the simulation with radiative cooling and star formation while the red and orange lines are for our

AGN feedback model (εr = 2 × 10−4, Ṁ⋆ > 5 M⊙/yr) and that by Sijacki et al. (2008b), respectively.

The data points are observations by Gonzalez et al. (2007) and Afshordi et al. (2007).fstar(< R500) from

X-ray measurements also agrees well, but the errors are large. Our sub-grid model matches the results

from Sijacki et al. (2008b) in this high resolution simulation well.
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3.4.2 Stacked pressure profiles

For every halo identified by our FOF algorithm, we calculate the center of mass, R∆, the massM∆ within

R∆ and compute the pressure profile (i.e. volume averaged pressure within spherical shells) normalized

to P∆ ≡ GM∆∆ ρcr(z) fb/(2R∆), with fb = Ωb/Ωm (Voit, 2005) and radii scaled byR∆. We then form a

weighted average of these profiles for the entire sample of clusters at a given redshift. For Fig. 3.2, we

have weighted by the integrated y-parameter,

Y∆ =
σT

(mec2)

∫ R∆

0
Pe(r)4πr

2 dr ∝ Eth(< R∆) , (3.3)

whereσT is the Thompson cross-section,me is the electron mass andPe is electron pressure. For a

fully ionized medium the thermal pressureP = Pe(5XH + 3)/2(XH + 1) = 1.932Pe, whereXH = 0.76 is

the primordial hydrogen mass fraction. Splitting the clusters into a number of mass bins gives similar

results to this monolithicY∆ weight, as does weighting byY2
∆
. We have found that a simple parametrized

model

P/P500 = A
[

1+ (x/xc)
α]−γ/α , x ≡ r/R500 , (3.4)

with core-scalexc, amplitudeA, and two power law indices,α andγ, fits better than with a fixedα.

Sample values for our AGN feedback areA = 44, xc = 1.5,α = 0.65 andγ = 6.2 atz= 0; generally the

parameters depend upon cluster mass and redshift, which will be exploredin future work. Atz & 1, a

more complex parametrization is needed.

In Fig. 3.2, we show average pressure profiles multiplied byx3 to make them∝ dEth/d ln r, the

thermal energy per logarithmic interval in radius, and hence to dY∆/d ln r. All profiles of dEth/d ln r

from simulations and observations peak at or beforeR200, but an integration to at least 4R200 is required

for the total thermal energy to converge. By contrast, the KS profile doesnot drop over this range due

to the constancy ofΓ and does not include the outer cluster phenomena of asphericity, accretion shocks,

etc. Throughout this paper, we have computed the KS model with an updated concentration parameter

given by Duffy et al. (2008). We also show a scaled average S10 pressure profile for clusters with

1014M⊙ < M500 < 5 × 1014 and redshift< 0.2. The S10 profile has been weighted byY∆ and agrees

well within R500 and with a slight excess pressure beyondR500.

Fig. 3.2 shows our feedback model traces the observed ”universal” X-ray profile of Arnaud et al.

(2010) shown as a dark-grey band rather well withinR500. This fit came out naturally, with no further

tuning of our feedback parameters beyond trying to agree with the Sijacki et al. (2008b) simulation.

Our models without AGN feedback have larger pressures insideR500. For the light grey band beyond

R500, the universal X-ray profile did not use observations, but was fit to an average profile of earlier

simulations so the deviation> R500 does not represent a conflict of our profiles with the data, rather

with the earlier simulations. The band shown for the X-ray profile gives a crude correction for the bias

in M500 andR500 resulting from the Arnaud et al. (2010) assumption of hydrostatic equilibrium. This
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Figure 3.2:Top: Comparison of fits to normalized average pressure profiles from analytic calculations,

simulations and observations, scaled by (r/R500)3. For a cluster ofM500 = 2 × 1014 h−1M⊙, we show

fits to our SPH simulations (red), and compare them with the analytic KS profile (green), the semi-

analytic S10 average profile (light green), and a fit to AMR simulations (updated profile by Nagai

et al., 2007, private communication; orange). Our feedback model matches a fit to X-ray observations

(Arnaud et al., 2010, grey bands) withinR500 well; only the dark grey part is actually a fit to the data,

with the light grey their extrapolation using older theory results unrelated to thedata. We illustrate the

1 and 2σ contributions toY∆ centered on the median for the feedback simulation by horizontal purple

and pink error bars.2nd panel: We compare fits to our AGN model at redshiftz = 0 (red solid) to

all our three models at redshiftz = 1 (blue). Shown are the 1σ error bars of the cluster-by-cluster

variance of the weighted averages in our AGN models using correspondinglighter colors. 3rd panel:

We show the effective adiabatic indexΓ for our simulations, comparing it with KS (dash-dotted) and

with a constant 1.2 (light green).Bottom: The distribution of kinetic-to-thermal energy in percentile

decades is indicated by the dots for the feedback case, with the median shown for all three models; thus,

there are significant additions to pressure support even in the cores ofsimulated clusters, and even more

so in the SZ-significant outer parts.
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yields mass values which are on average 25% too low (Nagai et al., 2007),so the band represents a

0-25% uncertainty inM500. This change only affectsR500 ∝ M1/3
500 andP500R3

500 ∝ M5/3
500 but does not

affect the shape of the profile. (However, as the bottom panel shows, such a correction from turbulence

and un-virialized bulk motions (Kravtsov et al., 2006) will depend upon radius and selection function of

the X-ray clusters used to make the fit.)

Another important issue is the relation between theY∆ and cluster mass. We fit our results for this

to the scaling relation

Y500 = 10B (M500/3× 1014 h−1
70 M⊙)A h−5/2

70 Mpc2, (3.5)

whereh70 ≡ 0.7× 100 km s−1 Mpc−1. Parameters from our simulation areB = (−4.73± 0.17,−4.81±
0.18,−4.79± 0.19) andA = (1.64± 0.03,1.69± 0.03,1.73± 0.04) for the sequence (1) shock heating,

(2) radiative cooling and (3) AGN feedback. These values are similar to the B = −4.739± 0.003 and

A = 1.790±0.015 found by Arnaud et al. (2010), as well as theB = −4.713±0.004 andA = 1.668±0.009

found by S10. We note that Arnaud et al. (2010) actually used a mass proxy in place ofM500, so their

errors are not representative of the true observational scatter in theY − M scaling relation. The AGN

feedback model of Sijacki et al. (2007) was also able to reconcile the cluster X-ray luminosity and

temperature scaling relation (Puchwein et al., 2008).

We find a large variation in the outer pressure profiles beyondRvir , especially at redshiftz ∼ 1 as

is shown in the second panel of Fig. 3.2. These regions may have sub-halos, and external but nearby

groups on filaments, most of which will eventually be drawn into the clusters. In spite of the large

variance of the scaled profiles, the fit to the profiles atz = 0 follows the average. At larger redshift,

however, our fitting formula will require more degrees of freedom than in eq. 5.9 to reflect the range

of behaviour of the highly dynamical outer regions. Additionally, we find thesmallest variations in the

average scaled profiles are aroundR500, thus the normalization byP500 ∝ M2/3
500 is consistent between

our simulations and Arnaud et al. (2010) observational profiles atz= 0.

3.5 SZ Power Spectra from Hydrodynamical Simulations

3.5.1 Stacked SZ power spectra of translated-rotated cosmological boxes

We randomly rotate and translate our simulation snapshots at different redshifts (da Silva et al., 2000;

Springel et al., 2001a, B0205). To obtain thermal Compton-y maps, we perform a line-of-sight inte-

gration of the electron pressure within a given solid angle, i.e.y = σT

∫

nek Te/(mec2) dl, wherek is

the Boltzmann constant,ne andTe are the number density and temperature, respectively. We construct

1.6◦×1.6◦and 3.2◦×3.2◦maps for the 2563 and 5123 simulations, respectively. Using this method there

are large sample variances (White et al., 2002) associated with nearby cluster contamination. We have

quantified their influence on the power spectrum for each of our three physics models by averaging over
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Figure 3.3: Predictions for the tSZ power spectrum at 30 GHz from our simulations (red and purple

symbols), simulations by Springel et al. (2001a) (orange triangles), simulations by Bond et al. (2005)

(orange pluses), semi-analytical simulations by S10 (dark green) and analytical calculations by KS (light

green). The 2563 power spectra (red symbols) are averages over 12 translate-rotate tSZmaps and 10

separate hydrodynamical simulations for each of the 33 redshift bins, thepower spectra of which are then

added up to yield the total spectrum; the error bars show the variance amongthe power in all maps. The

full-width half-max values appropriate for Planck, ACT and SPT show which part of the templates these

experiments are sensitive to. At low-ℓ, the discrepant higher power in the semi-analytical calculations

can be traced to the enhanced pressure structures assumed beyondR200 over what we find.



62 C 3. S   SZ P S  AGN F

twelve translate-rotate viewing angles each projected from our ten 2563 full hydrodynamical simulations

for each of the 33 redshift outputs back to a redshiftz= 5; the power spectra of which are then added up

to yield the total spectrum. This method of computing the power spectrum has the advantage of taking

care of the artificial correlations that occur because any individual simulation follows the time evolution

of the same structure. For the shock heating case, we did ten more hydrodynamical simulations to show

that our averaged template had converged (within∼10%), but note that using only a few boxes can be

misleading in terms of rare events.

The computationally more expensive 5123 SZ spectra have the equivalent of 8 2563 plus wider cov-

erage, so the 5123 shock heating result shown gives a reasonable indication of what to expect. The other

2 physics single-box cases at 5123 are similar to the 2563 ensemble means. The analytical approach has

the great advantage of including an accurate mean cluster density to high halo masses, but to be usable

for SZ power estimation, scaled pressure profiles must also be accurate,a subject we turn to in future

work. For now, we note that using such profiles from our simulations gives good agreement with the

average SZ power shown at the lowℓ where sample variance will be largest. In Fig. 3.4.2, our simu-

lation templates and the KS template shown have excluded structures belowz = 0.07 to decrease the

large sample variance associated with whether a large-ish cluster enters thefield-of-view. Such entities

would typically be removed from CMB fields and considered separately.

The mean Comptony-parameter found in our AGN feedback simulations is one order of magnitude

below the COBE FIRAS upper limit of 15× 10−6 (Fixsen et al., 1996).

We compare the theoretical predictions for the tSZ power spectrum in Fig. 3.4.2. Our 5123 and

2563 shock heating simulations are in agreement with previous SPH simulation power spectra (Springel

et al., 2001a, B0205) scaled byCℓ ∝ (Ωbh)2Ωmσ
7
8, with the factors determined from our simulations

of differing cosmologies. The B0205 SZ power shown had a cut atz = 0.2, appropriate for CBI fields;

using the same cut on a shock heating simulation with the same cosmology that we have done, we get

superb agreement.

The KS and S10 semi-analytic SZ power spectra templates differ substantially from our templates,

in particular with higher power at lowℓ: as shown in Fig. 3.2, the KS pressure profile beyondR500

overestimates the pressure relative to both simulations and observations, leading to the modified shape

and largerY∆; this behaviour is also shown in Komatsu et al. (2010). The spectrum fromS10 is very

similar to KS possibly because both assume hydrostatic equilibrium, and a polytropic equation of state

with a fixed adiabatic index,Γ ∼ 1.1 − 1.2. InsideR200, these assumptions are approximately correct,

but they start to fail beyondR200. A demonstration of this is the rising ofΓ and of the ratio of kinetic-

to-thermal energyK/U shown for our simulations in the bottom panels of Fig. 3.4.2. The present day

(a = 1) internal kinetic energy of a cluster is given byK ≡ Σimgas,i

∣

∣

∣~vi − ~̄v+ H0(xi − x̄)
∣

∣

∣

2
/2, whereH0 is

the present day Hubble constant,~vi andxi are the peculiar velocity and comoving position for particle

i, and~̄v andx̄ are the gas-particle-averaged bulk flow and center of mass of the cluster. The additional
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thermal pressure support we find at large radii from AGN feedback results in the slightly slower rate

of K/U growth shown. In all cases the large kinetic contribution shown should be properly treated in

future semi-analytic models.

Varying the physics over the three cases for energy injection in our simulations leads to relatively

minor differences in Fig. 3.4.2 among the power spectra forℓ . 2000. This agreement is due in part to

hydrostatic readjustment of the structure so the virial relation holds, which relates the thermal content,

henceY∆, to the gravitational energy, which is dominated by the dark matter. Our AGN feedback

parameters do not lead to dramatic gas expulsions to upset this simple reasoning. Our radiative cooling

template has less power at all scales compared to the shock heating template since baryons are converted

into stars predominantly at the cluster centers and the ICM adjusts adiabaticallyto this change. Thus, at

low ℓwhere clusters are unresolved, shock heating and radiative simulations give upper and lower limits,

bracketing the AGN feedback case. AGN feedback suppresses the core value of the pressure compared

to the radiative simulation resulting in less power atℓ > 2000, a trend that is more pronounced at

z > 1 (as shown in Fig. 3.4.2). Thus, at these angular scales, the power spectrum probes the shape of

the average pressure profile. It depends sensitively on the physics of star and galaxy formation e.g.,

Scannapieco et al. (2008). Over theℓ-range covered by Planck, these effects are sub-dominant, and

serve to highlight the importance of the high-resolution reached by ACT andSPT.

3.5.2 Current constraints on SZ template amplitudes andσ8,SZ

Instead of varying all cosmological parameters on which the thermal and kinetic SZ power spectra,

Cℓ,tSZ andCℓ,kSZ, depend, we freeze the shapes by adopting the parameters for our fiducial σ8 = 0.8

(andΩbh = 0.03096) model evaluated at 150 GHz, and content ourselves with determining template

amplitudes,AtSZ andAkSZ, and a total SZ amplitudeASZ:

ASZCℓ,SZ ≡
[

f (ν)
f (150 GHz)

]2

AtSZCℓ,tSZ+ AkSZCℓ,kSZ . (3.6)

The spectral function for the tSZ (Sunyaev & Zeldovich, 1970),f (ν), crosses 0 at the SZ null (∼ 220

GHz) and in the Raleigh-Jeans limit lowers to -2. Therefore, if we find values of ASZ below unity then

eitherσ8 is smaller than the fiducial cosmological value as derived from the primary CMB anisotropies,

or else the theoretical templates overestimate the SZ signal.

To determine the probability distributions of these amplitudes and other cosmological parameters

from current CMB data we adopt Markov Chain Monte Carlo (MCMC) techniques using a modified

version of CosmoMC (Lewis & Bridle, 2002). We include WMAP7 (Larson et al., 2010) and, separately,

ACT (Fowler et al., 2010) and SPT (Lueker et al., 2010). In all cases,we assume spatial flatness and fit

for 6 basic cosmological parameters (Ωbh2,ΩDMh2, ns, the primordial scalar power spectrum amplitude

As, the Compton depth to re-ionizationτ, and the angular parameter characterizing the sound crossing

distance at recombinationθ). We also allow for a flat white noise templateCℓ,src with amplitudeAsrc,
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Figure 3.4: Our 150 GHz tSZ adiabatic and feedback (ASZ = 1) power spectra computed withσ8 = 0.8

(long dashed lines) are contrasted with the dark grey band indicating the 1σ range in multiplicative

amplitude,ASZ= 0.75±0.36, allowed by the SPTDSFGpower spectrum for the feedback template shape.

The light grey band is the 2σ upper limit region. TheASZ = 1 S10 tSZ power spectrum (dashed line)

and the KS tSZ spectrum (dash dotted line) are shown for contrast; their allowed 1σ band is determined

by multiplying these by theirASZ values given in Table 5.8, but cover a similar swath to the grey bands.

We also show the averaged kSZ power spectra computed for our simulationsby dotted lines. The kSZ

spectra were calculated in the same was as the tSZ spectra were, and have similar shapes. However,

kSZ is underestimated at lowℓ because of missing bulk velocities in the simulations. There should be

an additional (rather uncertain) kSZ template from inhomogeneous re-ionization as well. To show the

tension with the CMB data, we plot the tSZ+ 0.46 kSZ power (solid lines) since this can be directly

compared with the SPTDSFG grey bands.
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such as would arise from populations of unresolved point sources. Wemarginalize overAsrc, allowing

for arbitrary (positive) values, which differs from Lueker et al. (2010) who put a prior onAsrc. Generally

there will also be a spatial clustering component for such sources, and these will have templates that

are partially degenerate in shape with that for tSZ, but because of the large uncertainties we ignore

such contributions here. Reducing the SZ and unresolved source problems to determinations of overall

amplitudes multiplying shapes has a long history, e.g., the CBI sequence of papers, and was adopted

as well by the ACT and SPT teams. Our results differ slightly from those reported by the ACT team

because they use WMAP5+ACT and a combined tSZ+kSZ S10-template, and by the SPT team who

use WMAP5+QUaD+ACBAR+SPT and add constraints on the white noise source amplitude beyond

the non-negativity we impose.

We first consider a simplified case withAkSZ constrained to be zero and all other cosmic parameters

and the source amplitude marginalized, yielding a probability distribution forASZ. The means and

standard deviations from our MCMC runs are given in the upper rows ofTable 5.8 in columns 2, 4

and 6 for a number of data combinations and for our 3 physics simulation cases, contrasting with KS

and S10. The ACT data is for 148 GHz. There are two SPT cases given.The first uses just the 153

GHz spectrum so it can be directly compared to ACT. For SPT, Lueker et al. (2010) also report a power

spectrum derived from subtracting a fractionx of their 220 GHz data from the 153 GHz data to minimize

the contribution from dusty star-forming galaxies (DSFG); since 220 GHz isthe SZ null, this does not

modify the tSZ contribution, but would diminish the frequency-flat kSZ. However, a normalization

factor is chosen to preserve power for primary CMB signals that are flatin frequency like kSZ. This has

the effect of boosting the tSZ power by a factor of (1− x)−2. Lueker et al. (2010) find thatx = 0.325

minimizes the contribution from the DSFGs so the DSFG-subtracted spectrum suppresses the kSZ by a

factor of 0.46 relative to the tSZ. A∼25% uncertainty remains inx which should be taken into account

statistically, but is not here. The correct approach would be to simultaneously treat the 153 GHz and

220 GHz cases, with full modelling of the different classes of point sources, including their clustering,

and to take into account the non-Gaussian nature of the SZ and source signals which impact sample

variance.

The ACT data is only giving upper limits with their current published data, whereas SPT has detec-

tions at 153 GHz withASZ compatible with unity. For the SPT 153 GHz-only spectrum, we find S10

givesASZ = 1.39± 0.34 while the feedback template givesASZ = 1.76± 0.43, and the comparable 95%

upper limits from ACT are 1.95 and 2.93. However, although the white noise shape has been vetoed by

marginalization, there could be a residual clustered source contribution from dusty galaxies pushing the

derivedASZ high. To the extent that SPTDS FG vetoes this DSFG clustering as well as their Poisson con-

tribution, thatASZ would be a better indicator. It shifts from 0.43± 0.21 for KS and 0.50± 0.25 for S10

up to 0.75± 0.36 for the feedback template, an increase of 50%. The large difference between the 150

and source-subtracted templates, even after marginalizing over a Poissonterm, may suggest the power
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Table 3.2: Constraints onASZ andσ8,SZ

tSZ template ACT 148 GHz SPT 153 GHz SPTDSFG

ASZ AtSZ ASZ AtSZ ASZ AtSZ

KS < 1.55 < 1.26 1.01± 0.25 0.72± 0.25 0.43± 0.21 0.30± 0.21

S10 < 1.95 < 1.67 1.39± 0.34 1.11± 0.34 0.50± 0.25 0.38± 0.25

Shock heating < 2.13 < 1.84 1.13± 0.28 0.84± 0.28 0.44± 0.22 0.31± 0.22

Radiative cooling < 2.75 < 2.46 1.50± 0.37 1.21± 0.37 0.59± 0.29 0.45± 0.29

AGN feedback < 2.93 < 2.66 1.76± 0.43 1.49± 0.43 0.75± 0.36 0.63± 0.36

σ8,SZ σ8,tSZ σ8,SZ σ8,tSZ σ8,SZ σ8,tSZ

KS < 0.864 < 0.845 0.792+0.029
−0.029 0.757+0.039

−0.037 0.690+0.057
−0.055 0.622+0.105

−0.051

S10 < 0.891 < 0.874 0.828+0.031
−0.030 0.800+0.038

−0.036 0.705+0.060
−0.058 0.636+0.109

−0.054

Shock heating < 0.900 < 0.883 0.804+0.031
−0.030 0.768+0.040

−0.038 0.691+0.059
−0.057 0.607+0.119

−0.057

Radiative cooling < 0.935 < 0.922 0.837+0.032
−0.031 0.809+0.039

−0.037 0.721+0.060
−0.058 0.660+0.102

−0.053

AGN feedback < 0.944 < 0.932 0.856+0.033
−0.032 0.835+0.038

−0.037 0.746+0.061
−0.059 0.703+0.091

−0.055

The mean and standard deviation of the thermal SZ power spectrum template amplitude

AtSZ and the total SZ, including our computed kSZ contribution. The numbers assume

the kSZ template is perfectly degenerate in shape with the tSZ one.ASZ = AtSZ + AkSZ

at 150 GHz, with the relative enhancement in our simulations given byAkSZ/AtSZ =

0.29,0.29,0.27 for the shock heating, radiative cooling and feedback simulations, respec-

tively. We have used the ACT team’s 148 GHz power spectrum, the SPT team’s153 GHz

spectrum and the SPT DSFG-subtracted (SPTDS FG) spectrum, along with WMAP7. The

amplitude of the SZ power is normalized to our fiducialσ8 = 0.8 cosmology. A rough

guide to theσ8 tension is obtained in the lower rows, usingσ8,SZ ∝ A1/7
SZ (Ωbh)−2/7, with

exponents determined by B0205 and KS. Since kSZ varies more slowly withσ8 than tSZ,

the numbers are just indicative.
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in the correlated source component may be similar to the SZ power, emphasizingthe work necessary to

do a correct treatment.

Any non-zero kSZ contribution will take some of the amplitude fromASZ, leaving even smallerAtSZ

values; columns 3, 5 and 7 of the Table 5.8 give estimates of this diminution. The kSZ power spectra

that we have computed are broadly similar to the tSZ power shape, with however sufficiently significant

differences to allow shape discrimination in addition to the frequency separability,as Fig. 3.4 shows.

At 150 GHz and anℓ = 3000 pivot, we find the kSZ power is∼ 29%,∼ 29% and∼ 27% of the tSZ

power for the shock heating, radiative cooling and feedback simulations,respectively. We normalize the

kSZ to the tSZ at this pivot of 3000 since it has most of the constraining power in the CosmoMC chains

for the ACT and SPT measurements and results in the smallest error bars: onlarger scales, the errors

are increased by the contribution from primary anisotropies while smaller scales are dominated by the

instrumental and galaxy-source shot noise.

We used exactly the same procedure to obtain the kSZ spectrum as we used for the tSZ spectrum.

The temperature decrement due to the kSZ effect is∆T/T = σT

∫

neυr/cdl, whereυr is the radial

peculiar velocity of the gas relative to the observer. We constructed 12 translate-rotate kSZ maps for

each of our 10 separate hydrodynamical simulations and for each of the 41 redshift bins back toz= 10

(rather thanz= 5 for tSZ), computing the average and variance of all of these. Since we use simulations

with side lengthL = 165h−1Mpc for our 2563 cases, with fundamental wavenumber (26h−1Mpc)−1,

our spectra are missing a bit of power on the largest scales (affecting low-ℓ) since we do not sample well

the long-wavelength tail of the velocity power spectrum in spite of the number of runs done.

We have included the kSZ template by ignoring the relatively small shape difference about the pivot

point of the kSZ and tSZ power spectra; i.e., we assume the perfect degeneracyCℓ,kSZ ∝ Cℓ,tSZ, as the

SPT team did. Thus we only need the ratiosAkSZ/AtSZ given above for the 150 GHz cases and the

further x factors for the mixed frequency DSFG case. For the ratios we use our translate-rotate values

of 0.29, 0.29 and 0.27 from our simulations, 0.276 for S10, and used a rough estimate of 0.25 for KS.

Apart from ignoring the shape difference, we have also ignored kSZ from patchy re-ionization at high

redshift, although it can have a competitive amplitude to the late time fully ionized gasmotions with

respect to the CMB rest frame that we are modelling (Iliev et al., 2008, 2007). In presenting the results

from our analyses of the MC Markov chains, we just subtractAkSZ from ASZ. The Table 5.8AtSZ that

we derive from these assumptions are all on the low side of unity for DSFG,with KS and S10 being

more than 2.5σ low, whereas the feedback template is only about 1σ low (and 1σ high for 153 GHz

alone). We leave it to future work to include a more complete implementation of the kSZ spectra.

The means and errors onASZ provide the cleanest way of presenting the tension, or lack thereof,

of these SZ models with the primary CMB data which indicatesσ8 ≈ 0.8. However, it has been

conventional to translate these numbers into aσ8,SZ using the wayASZ scales with cosmic parameters,

roughly asASZ ∝ σ7
8 (Ωbh)2, as given by B0205 and KS. The lower rows in Table 5.8 showσ8,SZ using
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this scaling. Although the scaling applies to the tSZ component only, with the kSZ power being less

sensitive toσ8, we also quote results for the kSZ-corrected cases. Ideally one shoulduse the data to

determine the cosmic parameters which uniquely and fully determine the primary spectrum, theAtSZ and

AkSZ, and the tSZ and kSZ shape modifications as the parameters vary. This slaved treatment enforcing

σ8,SZ = σ8 hasσ8’s value being driven by WMAP7 and other primary CMB data rather than bythe SZ

information. We note that theσ8 results in Lueker et al. (2010) are determined withASZ and primary

CMB data combined. Therefore, the Lueker et al. (2010)σ8 results are not comparable to ourσ8,SZ

results.

3.6 Conclusions and Outlook

Without hydrodynamical simulations in a cosmological framework similar to the ones presented in this

paper it is hard to come up with a consistent model of the gas distribution in clusters and the infall

regions which both contribute significantly to the SZ power spectrum. In this paper, we identify three

main points that a future semi-analytic model of such a pressure distribution has to provide.

(1) In order to arrive at a consistent gas distribution that matches not only the integrated stellar

mass fraction but also the X-ray derived pressure profiles withinR500, we need self-regulating AGN-

type feedback. We emphasize that we tuned our parameters to match a previous single-cluster model

that successfully suppressed the over-cooling by means of AGN feedback (Sijacki et al., 2008b). The

excellent agreement with current data was a pleasant byproduct: our simulated pressure profiles agree

with recently obtained observational ones that have been constructed from X-ray data; the scaling rela-

tions between the cluster mass and X-ray based Compton-Y (Arnaud et al., 2010) also agree; as do the

integrated stellar and gas mass fractions (Gonzalez et al., 2007; Afshordi et al., 2007).

(2) The amount of non-gravitational energy injection into proto-clusters and groups by AGN and

starburst galaxies at intermediate-to-high redshiftsz & 0.8 is poorly understood. Other observables are

needed to constrain the physics and to answer this question which seems to beessential in understanding

the resulting gas profiles. Our simulations suggest that AGN-type feedback lowers the central pressure

values as a hydrodynamic response of the gas distribution to the non-gravitational feedback of energy.

This effect inhibits gas from falling into the core regions which causes a flatter and more extended

pressure profile and a noticeably reduced power of the SZ power spectrum at small angular scales for

ℓ & 2000.

(3) For the SZ flux to be converged, an integration of the pressure profile out to 4R200 is necessary;

half of the SZ flux is contributed from regions outsideR200. To compute a reliable SZ power spectrum, it

is essential to precisely characterize the state of the gas in these infall regions. In particular, we find that:

(i) the pressure support from kinetic energy strongly increases as a function of radius to reach on average

equipartition with the thermal energy at∼ 2R200 in our AGN model with the exact dependence on cluster
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mass to be determined by future work; (ii) the effective adiabatic indexΓ = d ln p/d lnρ ∼ 1.2 in the

interior, but upturns towardsΓ ∼ 5/3 beyond the virial radius; (iii) the inclusion of cluster asphericity at

large radii may also become important.

Hence a successful semi-analytic model of the spherical cluster pressure, if that is indeed a viable

goal, at the least needs careful calibration using numerical simulations which accurately treat all of the

effects. The variance of the average profiles also encodes important information that is manifested in

the power spectrum. Our studies also show that simplified analytic models that employ hydrostatic gas

models with a constantΓ necessarily overpredict the SZ power on large scales by up to a factor of

two and predict an inconsistent shape of the SZ power spectrum. The alternative that we explore in a

subsequent paper is to use stacked scaled simulational clusters which arerotated to principal axes to

provide the pressure form factors for the semi-analytic approach.

The tSZ power spectrum of our 5123 simulation agrees well with the average of our ten 2563 simu-

lations. A large number of simulations are needed to properly sample the high-mass end of the cluster

mass function and hence accurately deal with sample (cosmic) variance. Alternatively, larger cosmo-

logical volumes can compensate since they contain enough statistics on the large scale modes that are

responsible in part for forming the highest-mass clusters which are also therarest events. This, how-

ever, is quite challenging as we require the same (high-)resolution to accurately follow the physics in

the cluster cores which is needed to obtain profiles that match current X-ray data. Our 2563 simulations

do not quite sample large enough scales to provide a fully converged kSZ power spectrum at lowℓ since

we miss the long-wavelength tail of the velocity power spectrum. We also have ignored the patchy

re-ionization kSZ which could be a significant contributor, up to 50% of the total kSZ (e.g., Iliev et al.,

2008, 2007).

We have found theℓ < 2000 multipole range to be relatively insensitive to cooling and feed-

back, at least for the range constrained by the X-ray data. We did find thehigher multipole range

(ℓ ∼ 2000− 10000) probed by the high-resolution ACT and SPT CMB telescopes is sensitive to the

feedback prescription; hence the high-ℓ SZ power spectrum can be used to constrain the theory of intr-

acluster gas, in particular for the highly uncertain redshifts> 0.8. In addition to the SZ power spectrum

probe, our simulations can be used to address the cosmological significance of cluster counts as derived

from the SZ effect. Counts provide complementary constraints on parameters that help to break some

degeneracies that are present in the power spectrum method. By employing inhomogeneous, localized

and self-regulated feedback we are not only able to match recent X-rayreconstructions of cluster core

regions, but also decrease the tension inσ8 estimated from SZ power withσ8 from other cosmological

probes. However, only a detailed confrontation between simulations exploring the vast terrain of feed-

back options with the rapidly improving high resolution observations of clusterinteriors can move the

theory of cluster gas physics and its use for precision cosmology forward.
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Chapter 4

Scaling Relations, Non-thermal Pressure

Support, and Shapes of Galaxy Clusters

4.1 Chapter Overview

The current efforts by large Sunyaev Zel’dovich (SZ) galaxy cluster surveys to constrain cosmological

parameters from cluster abundances are limited by the theoretical uncertainty in the SZ flux-to-cluster

mass relation,Y − M. We explore how the non-thermal pressure support of the intracluster medium

(ICM) and the anisotropy of the gas distribution impacts that scaling relation. To this end we use

a suite of hydrodynamical TreePM-SPH simulations of the cosmic web in large periodic boxes that

employ different variants of simulated physics, including radiative cooling, star formation and supernova

feedback, cosmic rays and energetic feedback from active galactic nuclei (AGN). We find that the kinetic

pressure support from bulk motions depends on the cluster mass, while theasphericity of the ICM

depends less upon the simulated physics and the cluster mass. At large cluster radii, the kinetic pressure

support and ICM shapes are dominated by substructure. We find that theintrinsic cluster shapes can on

average be inferred from their projected analogues by applying a∼ 5− 10% correction to the ellipticity.

The radius that contains a mean density of 500 times the critical density of the universe,R500 represents

the best compromise to study virial properties as it probes a large enough volume which is not dominated

by the intricate physics of the cluster core region, has a comparable low non-thermal pressure support

of ∼ 20%, and shows the smallest variance of ellipticity with cluster mass and redshift. The simulated

Y − M relations are consistent with the self-similar predictions for galaxy clusters,with the exception

of the relation of our AGN feedback model at low redshift that shows a statistically significant steeper

slope due to the feedback-induced deficit of gas inside the lower mass clusters. Including AGN feedback

increases the overall scatter in theY−M relation from∼ 11% to∼ 14%. If galaxy clusters are selected to

have lower kinetic pressure support, we find that the scatter is decreased back to∼ 11%, suggesting that

the scatter ultimately originates from the cluster merging history with its redshift and mass dependent

71
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accretion history. This opens an exciting venue of constructing a fundamental plane about theY − M-

relation that minimizes its scatter and allows tighter cosmological constraints.

4.2 Introduction

Galaxy clusters are the largest gravitationally relaxed objects in the universe and form in the high-

est peaks of the primordial density fluctuations. The interiors are isolated from the cosmic expansion

rendering them nearly “closed” systems, so they approximately maintain the universal proportion of

baryonic to dark matter (DM). For these reasons galaxy clusters are promising cosmological tools, as

they trace the growth of structure in the universe. In galaxy clusters mostof the baryons are in the form

of a hot diffuse plasma know as the intracluster medium (ICM); the remaining baryons arefound in

the cluster’s numerous stars and galaxies. Galaxy clusters are therefore in a unique position to probe

cosmological parameters as well as to reveal the detailed astrophysical processes of the ICM.

This work will focus on the observational signature from the Sunyaev Zel’dovich (SZ) effect (Sun-

yaev & Zeldovich, 1970), which describes the Compton up-scattering of cosmic microwave background

(CMB) photons by hot electrons. This produces a localized perturbationto the CMB spectrum with

a unique spectral shape that is characterized by a decrement in thermodynamic temperature below

ν ∼ 220 GHz, and an excess above. The SZ signal is proportional to the integrated electron pressure, so

the hot gas of the ICM dominates the effect. Furthermore, the SZ surface brightness is independent of

redshift. Hence SZ surveys yield a different selection function in redshift and mass in comparison to X-

ray and optical cluster surveys, i.e., for a comparable mass limit at low redshifts (as given by the survey

sensitivity), SZ surveys will return higher redshift objects than the latter observational techniques. These

different selection functions imply complementary degeneracies on cosmologicalparameters associated

with the growth of structure which should yield tighter constraints on these parameters in combination

with other cluster surveys and cosmological probes.

In a large cluster survey there is a wealth of information contained about cosmology and structure

formation. The abundance of clusters, their distribution in redshift, and their spatial clustering should be

determined purely by the geometry of the universe, the power spectrum ofinitial density fluctuations,

and cosmological parameters such as the dark energy equation of state,w, or thermsamplitude of the

(linear) density power spectrum on cluster-mass scales,σ8. In SZ surveys, the number counts as a func-

tion of redshift and the power spectrum are two complementary probes of cosmology (e.g., Birkinshaw,

1999; Carlstrom et al., 2002). Identifying clusters through blind SZ surveys and measuring their inte-

grated power spectrum have been long term goals in CMB research, andare reaching fruition through,

e.g., the South Pole Telescope, SPT (e.g., Lueker et al., 2010; Shirokoff et al., 2010; Keisler et al., 2011;

Vanderlinde et al., 2010), the Atacama Cosmology Telescope, ACT (e.g., Fowler et al., 2010; Dunkley

et al., 2010; Marriage et al., 2010; Sehgal et al., 2011), and the Plancksatellite (e.g., Planck Collab-
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oration et al., 2011a,b,c). However, the ability to precisely determine cosmological parameters from

number counts depends on an accurate understanding of the scaling relation between fundamental clus-

ter properties such as the mass,M, and SZ observables, e.g., the total SZ flux,Y, which is proportional

to the cluster’s thermal energy. Equivalently, the SZ power spectrum probes the average pressure profile

of unresolved groups and clusters and depends sensitively on the amplitude of the mass power spectrum

on cluster scales. While this allows the study of astrophysical properties ofthe plasma, it complicates

the extraction of the cosmological information which is now degenerate with intrinsic cluster physics.

This paper dissects the influence of various physical processes on theY − M scaling relation while our

companion paper (Battaglia et al., Paper II) provides a detailed study of theSZ power spectrum.

Previous work has attempted to calibrated theY − M scaling relation through observations (e.g.,

Benson et al., 2004; Bonamente et al., 2008; Marrone et al., 2009; Andersson et al., 2010; Sayers et al.,

2011), self-calibration techniques (e.g., Majumdar & Mohr, 2003, 2004;Lima & Hu, 2004; Chaudhuri

& Majumdar, 2011; Nath & Majumdar, 2011), simulations (e.g., da Silva et al., 2004; Motl et al., 2005;

Scḧafer et al., 2006a,b; Bonaldi et al., 2007) and analytical work (Bode etal., 2007; Mroczkowski,

2011). Combining such aY − M scaling relation with the survey selection function and marginalizing

over the associated uncertainties of statistical and systematic nature enablesan accurate determination of

the mentioned cosmological parameters. SPT (Vanderlinde et al., 2010) andACT (Sehgal et al., 2011)

have published cosmological constraints using a small sample of SZ galaxy clusters. The uncertainties of

the constraints onσ8 are dominated by systematic uncertainties in the underlying cluster physics making

this approach less competitive compared to other cosmological probes. Hence in order to improve upon

the determination of cosmological parameters, this calls for a better understanding of the mass proxies

and their scatter (Nagai, 2006; Stanek et al., 2010; Yang et al., 2010).

Pioneering work by Kaiser (1986) assumed that galaxy clusters are self-similar systems with the

mass determining their ICM thermodynamic properties. As shown by X-ray observations, this self-

similar description is broken, especially on group scales; low-mass systems are less luminous in com-

parison to the self-similar expectation (see Voit, 2005, for a review). It is still a field of active research

how non-thermal processes such as magnetic fields, cosmic rays, activegalactic nuclei (AGN), star for-

mation, radiative cooling and bulk motions contribute to the energy balance andthermodynamic stability

within clusters. In particular, it is unclear how these processes vary as afunction of radius or dynamical

state of the clusters. Thus, state-of-the-art simulations are a valuable toolin building a consistent picture

of galaxy clusters. In turn, we provide an overview of the three main processes that influence theY−M

scaling relation. These are the feedback processes that appear to be necessary in explaining the thermo-

dynamic characteristics of the ICM, non-thermal pressure support from bulk motions that accompany

the virialization process, and deviations from spherical symmetry; both implications from the relatively

recent formation epoch of galaxy groups and clusters.

In many galaxy clusters the ICM cooling times are much shorter than a Hubble time (Fabian, 1994;
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Cavagnolo et al., 2009), which should cause extremely high star formation rates that are well beyond

what is observed. However, current simulations withonly radiative cooling and star formation ex-

cessively over-cool cluster centers (e.g., Suginohara & Ostriker, 1998; Lewis et al., 2000; Pearce et al.,

2000), even with the addition of supernova feedback. This leads to too many stars in the cluster cores, an

unphysical rearrangement of the thermal and hydrodynamic structure,and problems when comparing

simulations to observations, in particular for the entropy and pressure profiles. Self-regulated, inho-

mogeneous energy feedback mechanisms by, e.g., AGN are very successful in globally stabilizing the

group and cluster atmospheres, and in particular, preventing the cooling catastrophe (Churazov et al.,

2001). Observations of cool core galaxy clusters show evidence foran AGN moderating the cooling and

potentially able to heat the surrounding ICM from kpc size bubbles to hundreds of kpc size outbursts

(McNamara et al., 2005). In hydrodynamical simulations, it has been shown that incorporating a sub-

grid for AGN feedback can resolve the over-cooling problem (e.g., Sijacki et al., 2007, 2008a; Battaglia

et al., 2010; McCarthy et al., 2011). The effects of AGN feedback on the ICM will mainly alter the

cluster cores, where the actual physics is poorly resolved and understood. These effects can be dramatic

in X-ray observations (e.g., Fabian et al., 2003), which are proportional to gas density squared. Since

the SZ signal is proportional to the gas pressure, these effects are smaller. Hence, AGN feedback should

only perturb the integrated thermal SZ signal, with an amplitude that is not yet known.

Studying non-thermal pressure support from bulk motion in galaxy clusters has a long history and

was first noticed in simulations by Evrard (1990), which showed that estimates for the binding mass of

a cluster using a hydrostatic isothermalβ-model in comparison to a fit to the surface brightness profile

differ by 15%. They found that inclusion of velocity dispersion in the hydrostatic isothermalβ-model

reconciled this difference between binding masses. Including the support from residual gas motions in

the hydrostatic cluster mass estimator improved the match with the true cluster mass (Rasia et al., 2004),

with increasing kinetic pressure at larger cluster radii (Lau et al., 2009). The amount of energy in these

bulk motions are of the order of 20% to 30% at radii of interest for cosmology (Battaglia et al., 2010;

Burns et al., 2010). However, kinetic pressure support has only recently been included in analytical and

semi-analytical templates for the thermal SZ power spectrum (Shaw et al., 2010; Trac et al., 2011)1.

While this is of importance for SZ measurements, X-ray observations of galaxy clusters have been

calibrated such that this effect is accounted for when determining mass from the X-ray inferred total

thermal energy (e.g., using theYX-M relation Kravtsov et al., 2006). In this paper we focus on the

effects of bulk motions within galaxy clusters that dominate the total kinetic pressurebudget since

there is a smaller fraction of energy in a hydrodynamical turbulent cascade compared to the energy on

the injection scale. Quantifying the properties of turbulence in galaxy clusters is starting to become

possible with simulations beginning to model sub-grid turbulence (e.g., Iapichino & Niemeyer, 2008),

1Note that full cosmological hydrodynamical simulations by definition account for this contribution and thus, do not require
additional modeling of kinetic pressure effects.
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which is however not the topic of our work.

DM halo shapes have been studied thoroughly. For SZ observations, theshape of the gas distribution

of the ICM is important, especially in the far field of the intracluster medium which contributes sub-

stantially to the total integrated SZ flux (Battaglia et al., 2010). The assumption ofspherical symmetry

is often made when calculating cluster properties from observations and in analytical prescriptions of

clusters properties and we would like to assess its validity. Semi-analytic models that employ the full

three-dimensional information of a dissipationless simulation use the shape of the resulting gravitational

cluster potentials; so an important question in this context is how these shapescompare with those of

the dissipational gas distribution. Recent numerical work has already shown the impact of cooling and

star-formation on the properties of ICM shape for a sample size of 16 clusters (Lau et al., 2011), how-

ever, such a study has not been extended to a larger sample. Furthermore, the question of how energetic

feedback in the cluster cores affects ICM shapes has not been addressed.

In this work we explore a large statistical sample of simulated galaxy clusters withidentical initial

conditions but employing different models for sub-grid physics. We quantify the importance of non-

thermal pressure support and ICM shapes on SZ scaling relation. In Section 4.3, we briefly describe the

simulations and sub-grid physics used. We present our results for non-thermal pressure support from

bulk motions and ICM shapes in Sections 4.4 and 4.5, respectively. The impact of these processes and

the simulated physics is presented in Section 4.6. In Section 4.7 we summarize ourresults and conclude.

4.3 Cosmological simulations and cluster data set

We simulate multiple large-scale boxes of the cosmic web in order to improve our statistics of the num-

ber of objects while simultaneously aiming for a sufficiently high mass resolution to map out the core

regions of those clusters/groups, which are targeted by current SZ cluster surveys and which dominate

the SZ power spectrum signal on scales larger than one arcminute. To this end, we will characterize the

average behaviour of the properties of the ICM over a large mass and redshift range. We use a modified

version of the GADGET-2 (Springel, 2005) code that employs smoothed particle hydrodynamics (SPH).

For each modeled physics, we simulate a sequence of 10 boxes of side length 165h−1 Mpc with periodic

boundary conditions, encompassing a number of DM and gas particles ofNDM = Ngas = 2563. This

yields a gas particle mass ofmgas= 3.2×109 h−1 M⊙, a DM particle mass ofmDM = 1.54×1010 h−1 M⊙
and the minimum gravitational smoothing lengthεs = 20h−1 kpc; our SPH densities are computed with

32 neighbours. For our standard calculations, we adopt a tiltedΛCDM cosmology, with total matter

density (in units of the critical)Ωm = ΩDM + Ωb = 0.25, baryon densityΩb = 0.043, cosmological

constantΩΛ = 0.75, a present day Hubble constant ofH0 = 100h km s−1 Mpc−1 with h = 0.7, a spectral

index of the primordial power-spectrumns = 0.96 andσ8 = 0.8.

We show results for three variants of simulated physics: (1) the classic non-radiative ‘adiabatic’
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case with only gravitational formationshock heating; (2) an extendedradiative coolingcase with star

formation, supernova (SN) feedback and cosmic rays (CRs) from structure formation shocks (for more

information on CRs, see Jubelgas et al., 2008; Enßlin et al., 2007; Pfrommeret al., 2007); (3)AGN feed-

back in addition to radiative cooling, star formation, and SN feedback. Radiativecooling and heating

were computed assuming an optically thin gas of a pure hydrogen and helium primordial composition

in a time-dependent, spatially uniform ultraviolet background. Star formationand supernovae feedback

were modelled using the hybrid multiphase model for the interstellar medium of Springel & Hernquist

(2003a). The CR population is modelled as a relativistic population of protonsdescribed by an isotropic

power-law distribution function in momentum space with a spectral index ofα = 2.3, following Enßlin

et al. (2007). With those parameters, the CR pressure modifies the SZ effect at most at the percent level

and causes a small reduction of the resulting integrated Compton-y parameter (Pfrommer et al., 2007).

The AGN feedback prescription included in the simulations (for more details see Battaglia et al., 2010)

allows for lower resolution and hence can be applied to large-scale structure simulations. It couples the

black hole accretion rate to the global star formation rate (SFR) of the cluster, as suggested by Thomp-

son et al. (2005). If the SFR is larger than an observationally motivated threshold,Ṁ∗ > 5M⊙ yr−1,

the thermal energy is injected into the ICM at a rate which is proportional to the SFR within a given

spherical region.

We define the virial radius of a galaxy cluster,R∆, as the radius at which the mean interior density

equals∆ times thecritical density, ρcr(z) (e.g., for∆ = 200 or 500). For comparison, we will use an

alternative definition of the virial radius,R∆,m, where the mean interior density is compared to themean

matter density, ρ̄m(z). For clarity the critical density and the mean matter density are,

ρcr(z) =
3H2

0

8πG

[

Ωm(1+ z)3 + ΩΛ

]

(4.1)

ρ̄m(z) =
3H2

0

8πG
Ωm(1+ z)3 (4.2)

Here we have assumed a flat universe (Ωm + ΩΛ = 1 ) and are only interested in times after the matter-

radiation equality, i.e., the radiation term withΩr is negligible. We chose to define the virial radius with

respect to the critical density in continuity with recent galaxy cluster measurements. The merits and

utilities of both these definitions are discussed later in the Appendix.

We apply the following two-step algorithm to compute the virial mass of a cluster in our simulations.

First, we find all clusters in a given snapshot using a friends-of-friends (FOF) algorithm (Huchra &

Geller, 1982). Then, using a spherical overdensity method with the FOF values as starting estimates,

we recursively calculate the center of mass, the virial radius,R∆, and mass,M∆, contained withinR∆,

and compute the radially averaged profiles of a given quantity with radii scaled byR∆. We then form

a weighted average of these profiles for the entire sample of clusters at a given redshift unless stated
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otherwise. We use the integrated Comptony-parameter as our weighting function,

Y∆ =
σT

mec2

∫ R∆

0
Pe(r)4πr

2 dr ∝ Eth(< R∆) , (4.3)

whereσT is the Thompson cross-section,me is the electron mass andPe is electron pressure. For a fully

ionized medium, the thermal pressureP = Pe(5XH + 3)/2(XH + 1) = 1.932Pe, whereXH = 0.76 is the

primordial hydrogen mass fraction.

4.4 Non-thermal cluster profiles
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Figure 4.1: The ratio of kinetic and thermal pressure support,Pkin/Pth, depends on mass and redshift.

We show the median ofPkin/Pth as a function of radius for the AGN feedback simulations for various

mass bins atz= 0 (left) and as a function of redshift for a fixed mass bin (right). We additionally show

the 25th and 75th percentile values for the lowest mass bin atz= 0 (dotted). In both panels we illustrate

the 1 and 2σ contributions toY∆ centered on the median for the feedback simulation by horizontal

purple and pink error bars which extends out to 4R200 (Battaglia et al., 2010). Two analytical models

for the Pkin by Shaw et al. (2010) and Trac et al. (2011) are shown with the dash dot and dashed lines,

respectively. The Shaw et al. (2010) model matches our result in the massbin 2.7× 1014 M⊙ ≤ M200 ≤
4.2× 1014 M⊙ at intermediate cluster radii (this mass bin best represents the mean mass of their sample

at redshift zero), but also illustrates the need for a mass dependence infuture analytical models. Note,

the mass dependence of this ratio is driven by the mass dependence inPkin (see Fig. 4.2 below).

The thermal pressure profile of clusters has become increasing importantas it is a main component

in the analytical thermal SZ power spectrum calculation. Also, the integrated thermal pressure profile

is being used as a mass proxy for galaxy clusters, since it is the dominant contribution to the total gas

energy of an average cluster. However, several simulations (Evrard, 1990; Rasia et al., 2004; Lau et al.,
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Figure 4.2: Mass and redshift dependence ofPth andPkin, normalized to an empirical fit,Pfit , to the

scaled thermal pressure,Pth/P∆. We show the mean scaled thermal and kinetic pressure profiles atz= 0

as a function of radius for the AGN feedback simulations in various mass bins(left), and for various

redshifts at fixed mass bin (right).

2009) showed that the kinetic pressure from bulk motions contributes a smallbut still significant amount

of energy withinR500 and this importance increases for larger cluster radii (Lau et al., 2009; Battaglia

et al., 2010; Burns et al., 2010). Hence it is important to accurately quantify the kinetic pressure contri-

bution as it biases the hydrostatic cluster masses. There are two kinetic pressure contributions, namely

large-scale, unvirialized bulk motions and subsonic turbulence. For a Kolmogorov power spectrum of

turbulence, the energy is dominated by the largest scales which we resolved and characterize in our sim-

ulations. Hence we believe that our approach captures the majority of the kinetic pressure contribution.

4.4.1 Kinetic pressure support

We define the kinetic pressure to be one third the trace of the stress tensor,

Pkin = ρ δ~v
2/3, (4.4)

where the physical velocity of cluster gas is defined asδ~v = a
(

~v− ~̄v
)

+a H(z) (x − x̄), H(z) is the Hubble

function,a is the scale factor,~v andx are the peculiar velocity (dx / dt) and comoving position for each

particle, and̄~v andx̄ are the gas-particle-averaged bulk flow withinR200 and the center of mass of the

cluster, respectively.

We show radial profiles of the kinetic-to-thermal pressure,Pkin/Pth, for various mass bins in Fig.

4.1. This figure shows that there is an overall mass dependence of this ratio at all cluster radii. This

mass dependence is predominately driven by the mass dependence ofPkin and notPth as we explicitly

show in Fig. 4.2, and reflects the average formation history of galaxy groups and clusters. ScalingPkin
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with the virial analogue of the thermal pressure,P∆, is not sufficient to account for the mass depen-

dence ofPkin. Here, we defineP∆ ≡ GM∆∆ ρcr(z) fb/(2R∆), and fb = Ωb/Ωm is the universal baryon

fraction (Voit, 2005). According to the hierarchical picture of structureformation, galaxy clusters sit

atop the mass hierarchy, with the most massive clusters forming and virializing at the present time. In

contrast, the median galaxy group (M200 = 1013M⊙) has stopped forming today as can be seen by the

dramatically decreasing mass accretion rates implying that the associated virializing shocks have dissi-

pated the energy associated with the growth of these objects and hence decreasing the kinetic pressure

support (Wechsler et al., 2002; Zhao et al., 2009; Pfrommer et al., 2011). The semi-analytic model for

non-thermal pressure support by Shaw et al. (2010) falls in the middle ofthe mass bins chosen, not

surprisingly since this model results from a sample of 16 high resolutions adaptive mesh refinement

(AMR) simulations of individual galaxy clusters (Lau et al., 2009) which have a similar mass range. We

provide a simple fit for the mass dependence ofPkin/Pth in the Appendix.

We find that the radius at whichPkin = Pth is just beyond the spherical collapse definition forRvir

(Bryan & Norman, 1998). Hence, this radius represents a possible physical definition for the virialized

boundary of clusters. Additionally, the DM velocity anisotropy of clusters demarcate similar boundaries,

even as a function of mass and redshift (cf. Appendix).

The redshift evolution ofPkin/Pth is dramatic. At higher redshift,Pkin is increasing faster thanPth

over all radii (cf. Fig. 4.2), such that atz = 1, Pkin/Pth is approximately twice that atz = 0. In the

picture of hierarchical structure formation, at any given redshift the most massive objects are currently

assembled and hence show the largest kinetic pressure contribution in comparison to smaller objects that

formed on average earlier. Or equivalently, at fixed cluster mass, the relative contribution from kinetic

pressure and the relative amount of substructure increases with redshift. In particular, the relative mass

accretion rates increase fromz = 0 to z = 2 by a factor 3 for clusters (M200 = 1015M⊙) and 10 for

groups (M200 = 1013M⊙) (see Pfrommer et al., 2011; Gottlöber et al., 2001). We note that this strong

evolution inPkin/Pth is lessened by a different choice of scaling radius, i.e., if we normalize byR200,m

instead ofR200 (cf. Appendix). Although this ratio cannot be observed, we will use it asan indicator for

the dynamical state of clusters in our simulations. Note that results from Lau etal. (2009) find a similar

correlation betweenPkin and the X-ray definition of dynamical state, from a smaller sample of 16 galaxy

clusters. Atz = 1, the Shaw et al. (2010) semi-analytic model for non-thermal pressure support does

not match our simulations as well as it does at redshift zero.2

The formation of galaxy clusters and the associated accretion of substructure are driven by the depth

2Our kinetic pressure contribution is larger at the center compared to that inthe model by Shaw et al. (2010). This
discrepancy is a manifestation of the well-known core entropy problem in numerical simulations, i.e., in (adaptive) grid codes
there is a larger level of core entropy generated in comparison to SPH codes implying that the enhanced entropy (which results
from dissipating gas motions) is accompanied by a smaller amount of kineticpressure. This is presumably due to the difference
in the amount of mixing in SPH and mesh codes and possibly related to a different treatment of vorticity in the simulations
(e.g., Frenk et al., 1999; Mitchell et al., 2009; Vazza et al., 2011).
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Figure 4.3: The kinetic pressure contribution is similar for our differently simulated physics, suggesting

that gravitational processes dictate that contribution (while AGN feedbackslightly decreases the kinetic

pressure contribution, especially for higher redshifts). Shown is the median of Pkin/Pth as a function of

radius for different physics models atz = 0 (solid) andz = 1 (dashed) with the 25th and 75th percentile

values shown for the AGN feedback simulations atz = 0 (dotted). Results are shown for the mass bin

1.7 × 1014 M⊙ ≤ M200 ≤ 2.7 × 1014 M⊙ to take out the mass dependence ofPkin/Pth. The horizontal

purple and pink error bars have the same meaning as in Fig. 4.1.
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Figure 4.4: The median ofMHSE/Mtot as a function of radius for AGN feedback simulations for various

mass bins, with the 25th and 75th percentile values shown for the smallest mass bin (dotted). Assuming

hydrostatic equilibrium for all clusters of a given mass will bias the mass values low by 20 to 25%.

The scatter about the median amounts to approximately 5%. Note, this bias is not representative for a

relaxed cluster sample which will likely evince a smaller bias as the calibration of such a sample against

numerical galaxy cluster simulations shows (Kravtsov et al., 2006).
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Figure 4.5: The velocity anisotropy,β, for gas (solid) and DM (dashed) is a strong function of cluster

mass and redshift. We compare median values forβ as a function of radius in different mass bins at

z = 0 (left) and for different redshifts in a fixed mass bin (right) using our AGN feedback simulations.

In the core regions toward the center, the velocity distribution starts to becomeisotropic for the gas in

groups and (to a lesser extent) for the DM and gas in larger clusters. Thepositive values ofβ around

the virial radius indicate (radial) infall, whereas the strong decrease at even larger radii (very noticeably

in the DM) is caused by the turn-around of earlier collapsed shells. This minimizes the radial velocity

component such that the tangential components dominate the velocity.

of the cluster gravitational potential. Therefore, it is not surprising that we find kinetic pressure support

to be ubiquitous in the three differently simulated physics cases (cf. Fig. 4.3). Looking at the median of

this non-thermal pressure support we find similar radial profiles within the 25th and 75th percentiles of

the complete distribution of clusters. In the AGN feedback simulations we find marginally lower values

for Pkin/Pth. These differences are well within the 25th and 75th percentiles implying consistency across

differently modeled physics. Thus, our model of AGN feedback does not significantly alter the kinetic

pressure support at low redshift although there seems to be a hint that this may be the case at larger radii

at redshiftsz∼ 1 which approach the peak of the AGN luminosity density.

4.4.2 Hydrostatic Masses

Including the kinetic form of non-thermal pressure support becomes important when estimating cluster

masses under the assumptions of spherical symmetry,

dP
dr
= −GM(< r)ρ

r2
. (4.5)

As others have shown (Evrard, 1990; Rasia et al., 2004; Lau et al., 2009), assuming that all the pressure

in Eq. (5.11) is thermal (P = Pth) is incorrect; for clarity we defineMHSE to be the mass derived using
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P = Pth. ComparingMHSE to the true mass inside a given radius,Mtot, we find thatMHSE on average

underestimatesMtot by 20–25% depending on the radius (cf. Fig 4.4). This bias is almost independent

of cluster mass out toR500, the current maximum radius typically observed by X-ray telescopes. We can

understand this weak mass dependence by rewriting the total pressureP = P(Pth/P + Pkin/P). Since

Pkin/P ∝ M1/5
200 (see Fig. 4.19), the hydrostatic mass estimates inherit a similarly weak mass dependence.

Thus, an overall correction to the hydrostatic mass is reasonable for these measurements.

Individual clusters can stray from this generalization, since each cluster has a unique dynamical

state and formation history. These deviations are suggested by the scatter of ∼ 5% between the 25th and

75th percentiles of the complete distribution. For cluster samples that are selected against major mergers

(for which the assumption of spherical symmetry will also be questionable), thecorrection factor will

necessarily be smaller, e.g., for quality X-ray data of a Chandra sample, thehydrostatic mass correction

was found to be of the orderMHSE ∼ 10–15% Kravtsov et al. (2006).

4.4.3 Velocity Anisotropy

We decompose the velocity distribution of the gas,δ~v, into orthogonal components of a spherical coor-

dinate system,δ~vr, δ~vφ andδ~vθ. This is done for each spherical shell within 3R200 and then normalized

by ~v200 =
√

G M200/R200. For each of these spherical shells, we also compute the velocity dispersion

average,σ2 ≡ 〈δ~v2〉 − 〈δ~v〉2 as well as the anisotropy parameter,β, as defined in Binney & Tremaine

(2008),

β = 1−
σ2

t

2σ2
r
, σ2

t = σ
2
θ + σ

2
φ, (4.6)

to quantify the relevant amount of radial and tangential velocity dispersion. This parameter ranges from

1 for a completely radial flow to−∞ for a completely tangential flow. As shown by Fig. 4.5, galaxy

clusters do not have isotropic velocity dispersions in gas and DM (e.g., Cuesta et al., 2008; Wojtak et al.,

2008). We find thatβ does dependent on cluster mass, but does not change much with variations in the

simulated physics. In the Appendix, we show that the steep drop in theβ parameter of DM at large radii

corresponds to the splash-back radius of the galaxy cluster, i.e., is caused by the turn-around of earlier

collapsed shells which minimizes the radial velocity component such that the tangential components

dominate the velocity. Much likePkin/Pth, this mass dependence of the splash-back radius can also be

explained by the formation history of clusters, since more massive clusters are still forming today and are

accreting from larger radii. A similar trend inβ for a larger range in masses is shown in dissipationless

simulations by Cuesta et al. (2008). Focusing on a single mass bin, we foundthe similar radial redshifts

trends as the kinetic pressure support (cf. Fig 4.5). Future SZ experiments may be able to detect these

radial motions in galaxy clusters through the kinetic SZ effect.
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4.5 Galaxy Cluster Shapes

Generally, we expect galaxy clusters to be triaxial since they grow by accretion and through merging

along filamentary structures that impose tidal gravitational forces upon the forming clusters. Following

Dubinski & Carlberg (1991), we estimate this non-sphericity of cluster gasand dark matter (DM) by

computing several weightings of the inertial tensor,

I i j (r < R) =

∑

αwα(xi,α − x̄)(x j,α − x̄)
∑

αwα
, (4.7)

whereα indexes all particles within a given radiusR, xi is theith coordinate of particleα andw is the

weighting. For DM and SPH gas (hereafter gas) particles, a mass weighting, wα = mα, results in the

inertial tensor of its original form so that a volume rendering provides iso-density surfaces. Hence, this

is referred to in the following as gas and DM density weighting. Additionally, weemploy a weighting

by the product of the gas mass and temperature,wα = mαTα, so that a volume rendering of the resulting

weighted inertial tensor provides isobaric surfaces. We refer to this as pressure weighting and note that

this quantity is of particular importance when considering the effects on the tSZ signal.

We quantify the non-sphericity of cluster gas and DM with two methods, the axisratios (in particular

the ratio of the largest-to-smallest main axis,c/a) and the three-dimensional asymmetric parameters

(Bardeen et al., 1986). Both methods use the eigenvaluesλi which are computed for each inertial tensor

at a given radius. These methods differ in the presentation of theλi ’s. We adopt the convention that

λ1 < λ2 < λ3. We also calculate the corresponding eigenvectorsEi and use them later in this work to

explore rotation and alignment effects. Here we have chosen to define the axis asa =
√
λ1 b =

√
λ2

andc =
√
λ3, which is different than other definitions, for example the one used by Lau et al. (2011),

who usea′ = λ1, b′ = λ2, andc′ = λ3. In the Appendix we explore how an additionalr−2-factor in the

weightings (wα = mα/r2
α andwα = mαTα/r2

α) impacts the results. This makes the inertial tensor more

sensitive to the mass/thermal energy in the interiors of clusters and lessens the contributions from larger

radii.

The asymmetric parameters are defined as

e=
λ1 − λ3

2λ̄
, p =

λ1 − 2λ2 + λ3

2λ̄
, (4.8)

whereλ̄ is the mean eigenvalue,e is a measure of ellipticity, andp, is a measure of prolateness/oblateness.

When p is positive, the clusters are prolate, and whenp is negative, clusters are oblate; and we define

the oblatenesso ≡ −p for negativep, as in Bardeen et al. (1986). The prolateness and oblateness are

morphological classification schemes and a direct measure of the morphological appearance. This is

complementary to the ellipticity which quantifies the overall geometry irrespectiveof morphology.
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Figure 4.6: Stacked density and pressure distributions with and without rotations into the principle axis

frame atz = 0. Left: We compare rotated distributions for the gas density (red) and pressure (blue) to

the non-rotated stacked gas density (black) atz= 0. Right: Shown is the same as on the left for DM. The

non-rotated clusters average out to form spherical iso-density contours, while the rotated clusters clearly

show elongations along the major axis (defined here as thex-axis). The thicker lines approximately show

the radiiR2500, R500 andR200 from the inside out. Note, these contours have been smoothed to a pixel

size of 0.09R200. The horizontal purple and pink error bars have the same meaning as in Fig. 4.1.
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Figure 4.7: Stacked density and pressure with and without rotations into the principle axis frame at

z = 1. Left: We compare rotated distributions for the gas density (red) and pressure (blue) to the

non-rotated stacked gas density (black) atz = 0. Right: Shown is the same as on the left for DM. The

non-rotated clusters average out to form spherical iso-density contours, while the rotated clusters clearly

show elongations along the major axis (defined here as thex-axis). The thicker lines approximately show

the radiiR2500, R500 andR200 from the inside out. Note, these contours have been smoothed to a pixel

size of 0.09R200. The horizontal purple and pink error bars have the same meaning as in Fig. 4.1.
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4.5.1 Overall shapes and dependence on modeled physics

We rotate all clusters into the inertial tensor frame using the eigenvector matrixE, so x′ = Ex. The

output ordering is arbitrary; we choose the convention that the major axis isaligned with the x-axis and

the minor axis is aligned with the z-axis. In Figs. 4.6 and 4.7 we show stacked DMiso-density contours

(black). Those are compared to gas iso-density/pressure contours (red/blue) which have been obtained

by computing the inertial tensor within 3R200, rotating into the inertial tensor frame, and stacking the

respective distributions. The rotated contours show obvious elongationsalong the major axis; with the

ellipticity being larger atz= 1 in comparison toz= 0. The elongation is larger for the DM distribution

in comparison to the gas density and pressure which show very similar behaviour. Even in the rotated

stacked distributions, the innermost contour lines become more spherical because they are intrinsically

less elliptical (see below) and because the main axes of the inner distributionsare twisted relative to

those at 3R200 so that their ellipticity partially averages out to become more spherical (see Sect. 4.5.4).

In order to quantify these results, we show the mass dependence and redshift evolution of the ellip-

ticity within R200 in Fig. 4.8. Due to the dissipationless nature of DM, its ellipticity is larger (smaller

ratio of c/a) in comparison to that of the gas. This is because structure formation shocks dissipate the

kinetic energy of the accreted gas at cluster accretion shocks – a process that erases part of the memory

of the geometry of the surrounding large scale structures and their tidal force field. Those accretion

shocks are typically forming at radii> R200 as suggested by numerical simulations (Miniati et al., 2000;

Ryu et al., 2003; Pfrommer et al., 2006; Skillman et al., 2008; Vazza et al., 2009) or indirectly by the

action of shock waves on radio plasma bubbles, which represents a novel method of finding formation

shocks by combining radio observations and analytical insight that is supported by idealized hydro-

dynamic simulations (e.g., Enßlin et al., 2001; Pfrommer & Jones, 2011). Following these qualitative

considerations, it is not surprising that the ellipticity of the gas distribution doesnot show any mass de-

pendence while the DM distribution of more massive clusters shows a larger ratio ofc/a in comparison

to smaller systems. However, the ellipticity of the gas and DM distribution are increasing as a function

of redshift, at about the same rate. This can be understood by the fact that 1) a given mass range of

clusters shows a larger degree of morphological disturbances/merging at higher redshifts which probe

on average dynamically younger objects and 2) the redshift evolution of the velocity anisotropy (see

Fig. 4.5) which shows that the average location of accretion shocks movesto smaller radii (if scaled by

R200). Hence at larger redshifts, also the gas distribution probes the infall/pre-accretion shock region

that is shaped by the tides exerted by the far-field of clusters.

We compare the results from our simulations directly with those of Kasun & Evrard (2005) in Figure

4.8 and Table 4.1. Other work (Allgood et al., 2006; Gottlöber & Yepes, 2007; Macciò et al., 2008; Lau

et al., 2011) on DM and gas shapes have used varying mass definitions, axis definitions and cosmologies,

which differ from our definitions and cosmology. Thus, we do not quantitatively compare with their
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Figure 4.8: We show axis ratios of galaxy clusters that are obtained by computing the inertial tensor of

the gas (red) and DM mass distributions (blue) withinR200 and stacking those in bins of cluster mass

and redshift. The resulting mean and standard deviation of the axis ratioc/a is shown as a function of

M200 atz= 0 (left panel) and at fixed average mass bin ofM200 = 2.4×1014h−1 M⊙ as a functionz(right

panel). See Table 4.1 for fit values; here, we have chosen to quoteh−1 M⊙ to compare directly with the

dissipationless simulations by Kasun & Evrard (2005, KE05). While shocksdissipate kinetic energy

of the gas which causes smaller axis ratios/ellipticities, this couples through gravity to the DM distribu-

tion and sphericalize their axis ratios, resulting in smaller ellipticities in comparison todissipationless

simulations alone, e.g., by KE05 (that do not follow the hydrodynamics of the gas).

results, however, we note that their results are consistent with Kasun & Evrard (2005). For the mass and

redshift functional fits, Kasun & Evrard (2005) definec/a(M) = BM(1 + AM ln[M/1015h−1 M⊙]) and

c/a(z) = Bz(1+ z)Az, respectively. The axis ratio that we find for the DM mass dependence and redshift

evolution have consistent slopes to Kasun & Evrard (2005). However,there is an overall trend that our

axis ratios are more spherical than their results. It is possible that the baryons have a noticeable effect on

the DM ellipticity, however this difference may also be due to the difference in cosmological parameters

used by Kasun & Evrard (2005). We do not explore this question any further since the effects of baryons

on the DM have been explored much further by previous work (e.g., Ruddet al., 2008).

In the following, we will show radial profiles of the axis ratios and asymmetric parameters that

are obtained by computing the inertial tensor at 30 different radii for each cluster. First, we report on

the overall radial distribution ofc/a and ellipticity in the gas and DM distributions. WithinR200, the

ellipticities of gas density and pressure are rather flat at a level ofc/a ≃ 0.85− 0.9. As laid out above,

this is because dissipation effects at the accretion shocks cause an effective sphericalization and erase
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Figure 4.9: Stacked cluster axis ratios and ellipticities for the DM mass (blue), gas mass (red) and

pressure (green) distributions within a scaled radiusr/R200. Left: Shown is the axis ratioc/a as a

function of scaled radius for all simulated physics models. In the bottom panel we show the percent

differences from the AGN feedback simulations to the shock heating (long-dashed) and radiative cooling

simulations (short-dashed). Right: We show the ellipticity, prolaticity and oblaticityas a function of

scaled radius. The bottom panel shows the percent difference between the pressure and gas density

weightings of the inertial tensor. The axis ratioc/a and ellipticity show the same trends. We find

clusters to be more prolate then oblate. In the regions beyondRvir the sudden decrease in the axis ratios

can be attributed to other nearby clusters (that is also seen as an enhanced density clumping at these

radii). The pressure weighted shapes tightly track the density weighted shapes with deviations of less

than 5%. The horizontal purple and pink error bars have the same meaningas in Fig. 4.1.

Table 4.1: Axis ratio fits for cluster as a function of mass and redshift.

BM AM Bz Az

DM 0.665± 0.009 −0.031± 0.006 0.692± 0.009 −0.12± 0.04

KE05 0.631± 0.001 −0.023± 0.002 0.652a ± 0.001 −0.086± 0.004

Gas 0.87± 0.02 −0.003± 0.01 0.88± 0.03 −0.08± 0.12

a We use a re-normalized value fromM200 = 1× 1015h−1 M⊙ to M200 = 2.4× 1014h−1 M⊙.
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Figure 4.10: Top: We compare the average of the 2D axis ratios (dashed)of three random orthogonal

projections to the 3D axis ratios (solid) for the DM mass (blue), gas mass (red) and pressure (green)

from the galaxy clusters in the AGN feedback simulations. Additionally, we show the linear correlation

coefficient, rs (dotted line), between the projected 2D and the 3D axis ratios. The horizontal purple

and pink error bars have the same meaning as in Fig. 4.1. Bottom: Shown is the percent difference

between the projected 2D and the 3D axis ratios. While the relative difference between the projected

2D and the 3D axis ratios vary between 15–20% for the DM mass distribution (withthe 2D axis ratios

being more spherical), the relative difference is smaller for the mass and pressure distribution of the gas,

with values between 5–10%. As expected, the projected 2D and the 3D axis ratios are correlated with

an increasing correlation coefficient at larger radii which suggests that the substructure distribution that

drives the asphericity also causes this correlation.
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the memory of large-scale tidal fields. In contrast, ellipticities are increasing for the DM as a function of

radius due to the dissipationless nature of DM, i.e.c/a decreases from values around 0.8 in the center to

0.7 atR200. The radial behaviour may be due to increased tidal effects on DM substructures at small radii

which causes a dramatic drop of their central mass density (Springel et al.,2008a,b; Pinzke et al., 2011).

Effectively this causes a redistribution of a clumped (elliptical) to a smooth distribution that is able to

couple more efficiently to the (more spherical) gas distribution. Studying the asymmetric parameters,

we find that if a cluster is prolate, it is on average more elliptical than an oblate one that is always close

to spherically symmetric.

We now explore the influence of the simulated physics model on cluster shapes in Fig. 4.9. While the

ellipticity of the gas is slightly larger in non-radiative models, it is very similar for the gas distribution in

our radiative models (radiative cooling and star formation with and without AGN feedback). Dissipating

accretion shocks seem to explain the overall behavior rather well and thedifferent physical models

only marginally change the cluster shapes in the gas. In the DM, however, there is still a pronounced

difference among our two radiative physics models with the ellipticities of the AGN feedback model

being larger that in our pure radiative model. This small ellipticity is a remnant ofovercooling that our

pure radiative model suffers with an associated star formation rate that is unphysically high. Most of

these stars form out of the cold, dense gas in the core region which causes a decreasing central pressure

support so that gas at larger radii moves in adiabatically and causes a deeper potential which in turn

causes the DM to adiabatically contract. Enhanced dissipation processes inthe gas sphericalize the

potential which is then communicated to the DM during this central settling. We find that including

AGN feedback counteracts the overcooling issue and modifies the DM shapes on the level of 5% in

comparison to our pure radiative simulations (cf. Fig 4.9).

Our general trends are similar to those reported by Lau et al. (2011) whoalso find that the DM dis-

tribution is more spherical for radiative simulations in comparison to non-radiative models. However,

the differences between radiative and non-radiative simulations are not as extreme as those found in Lau

et al. (2011), since our radiative simulations do not suffer from the same catastrophic cooling in the cen-

ter regions as a result of their higher resolution simulations as well as the inclusion of metal-dependent

cooling. Note, however, that AGN feedback stabilizes cooling and hence, softens this behavior in the

DM ellipticity.

We find that the average axis ratios and ellipticities have a pronounced break in their slopes at

r ∼ 1.5R200. The break in the ellipticity arises from substructure in the cluster outskirts. Recent X-

ray observations of the Perseus cluster find a strong signature of clumping in gas density (Simionescu

et al., 2011); qualitatively consistent with the findings in simulations (Nagai & Lau, 2011). This gas

density clumping is a direct tracer of substructure and becomes important atroughly the same radius

where we find the break in the ellipticity. Interestingly, this effect is not only seen in DM and gas but

also in pressure, which suggests that the pressure is clumped in a similar fashion as the gas density. In
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Figure 4.11: Mass dependence and redshift evolution of the cumulative ellipticity profile as a function

of r/R200. Left: Shown is the ellipticity profile atz = 0 for various mass bins. Bottom left: Shown are

the percent differences in ellipticity to the lowest mass bin (1.1 × 1014 M⊙ < M200 < 1.7 × 1014 M⊙
). Over this mass range, the cluster ellipticities show a noticeable but not substantial mass dependence

within R500, in contrast to the stronger dependence onPkin/Pth. Right: Shown is the ellipticity profile

for various redshift bins. The horizontal purple and pink error barshave the same meaning as in Fig.

4.1. Bottom right: Shown is the relative difference of ellipticity at a given redshift toz = 0. The

redshift evolution of the ellipticity (especially at large radii,r > R500) is driven by the larger amount of

substructures at higher redshifts due to the increased mass accretion rate of group/cluster halos at these

redshifts. The pressure weighted ellipticities track the density weighted oneswell and show the same

trends with redshift.
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order to accurately model the outskirts of clusters, semi-analytic models will need to properly deal with

the substructure. In the Appendix, we show that one can attempt to counteract or lessen the impact of

substructure on the gas, pressure and DM shapes by including anr−2-weighting when calculating the

inertial tensor (cf. Eq. (4.7)). In future work, we will further explorethe issue of substructure.

4.5.2 Projected and intrinsic shapes

In order to tie the underlying 3-dimensional structure of clusters to observable 2-dimensional projec-

tions, we compare the intrinsic 3D axis ratios to axis ratios of random 2D projections, i.e. we project the

DM density and gas density/pressure distributions along a randomly chosen direction and then compute

the 2D inertial tensor. The results are shown in Figure 4.10. We find that the2D axis ratios for both,

the gas density and pressure are systematically closer to unity than the 3D ratios c/a by ∼ 5–10% (for

the virial region and the central part). In the case of the DM distribution, theprojected (2D) axis ratios

are on average a∼ 15% underestimate of the intrinsic (3D) axis ratios. Using the linear correlation

coefficient statistic (rs), we find that the random 2D axis ratios are strongly correlated with the intrinsic

3D axis ratios and the strength of the correlation increases with radius (cf.Fig 4.10). As expected,c/a

serves as a limit to the observable 2D projections axis ratio. We find that the mean 2D axis ratio, when

given as a function of cluster radius, closely tracksc/a, modulo a roughly constant∼ 5− 10% bias (for

the gas density and pressure).

4.5.3 Mass and redshift dependence of shape profiles

Both the density- and pressure-weighted ellipticities show the same general trends with radius and clus-

ter mass. The ellipticity increases with increasing cluster mass by∼ 50% over the mass ranges shown

(cf. Fig 4.11). On the right-hand side of Fig. 4.11, we show the redshift evolution of the cluster shapes

and find that the ellipticity is a stronger function of redshift than the mass. Forincreasing redshift, the

break in the ellipticity profile moves to smaller radii (when scaled toR200). Both behaviors, the mass and

redshift dependence can be understood in the hierarchical picture for structure formation, where galaxy

clusters show increased mass accretion rates and hence an increased level of substructure for larger

clusters (at a given redshift) or, equivalently, for a cluster of givenmass at higher redshifts which probe

on average systematically younger systems. Similar to the non-thermal pressure support, the redshift

evolution found in the ellipticities are lessened by a different choice of scaling radius (cf. Appendix).

This result suggests that using a single (constant) ellipticity profile for galaxy clusters is not sufficient

for percent level accuracy.

Pressure-weighted ellipticities are marginally more spherical than the density-weighted ellipticities

for r < R500 (cf. Figs. 4.9 and 4.11). However, betweenR500 and 2R500 the behavior is reversed. This

is because the core region shows a smaller kinetic pressure support implyingthat hydrostatic forces
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had time to act and to smooth out the pressure distribution whereas at larger radii, pressure-weighted

ellipticities are affected more by infall caused by a noticeable pressure clumping at these radii (Pfrommer

et al. in prep.). We note that the radius ofR500 appears to be a sweet spot in cluster aperture sizes for

the gas, DM and pressure ellipticities, since all ellipticities show only∼ 10% redshift evolution and

mass dependence. Together with the results on the non-thermal pressuresupport (Sect. 4.4), this is an

important result for cluster X-ray observations and theoretically justifies the use of the radial region

aroundR500 for characterizing clusters.R500 appears to be the best compromise for the criteria small

non-thermal pressure support, small ellipticity, and small degree of clumping.

4.5.4 Isophotal twist of cluster structure and semi-analytical models

Semi-analytic models for the baryon distribution in clusters include an underlying assumption that

baryons will arrange themselves along equipotential surfaces (or in somecases the DM density-weighted

surfaces). Given the importance of this assumption, we test its validity in our simulations. In Figure 4.8,

we plot the ratioc/a for both dark matter and gas as function of cluster mass and redshift. Whilec/a

for DM halos decreases with halo mass as expected (Jing & Suto, 2002), we find thatc/a is constant

for the gas distribution. This is potentially a problem for semi-analytic models of ICM gas (Ostriker

et al., 2005; Bode et al., 2009), which use the DM-dominated gravitational potential as the shape on

which to paint the baryons. However, the gravitational potential from the DM is more spherical than the

underlying matter distribution (e.g. Lau et al., 2011), and so the semi-analytic shape estimates are not

as discrepant as one might expect from Figure 4.8.

A more important issue is the alignment of the gas or pressure with respect to the DM. We calculate

the angular difference between the major axes of the DM and those of the gas and pressure major

axes at a given radius, using the inertial tensor eigenvectorsE1,DM(r) · E1,gas(r). (Note that we use the

DM distribution rather than the potential. However, since the DM dominates the potential, the two

alignments are effectively indistinguishable.) When calculating misalignment, the major axes of nearly

spherical objects are poorly defined quantities. To avoid this problem we calculate, in each radial bin, a

weighted average using 1− c/a as the weight. Furthermore, we exclude the region inside 0.3R200 since

the gas and pressure shapes are nearly spherical, withc/a|DM > 0.75. On average at a given radius, the

cluster gas and pressure are 20−30 degrees misaligned from the major axis of the DM (cf. Fig. 4.12). In

the next section we show SZ measurements of the total thermal energy in clusters,Y, strongly depend on

the projection axis through the cluster. Thus, misalignment between the semi-analytic baryon distortion

and the “true” distribution may cause biases when using semi-analytic models to,e.g., tie weak-lensing

and SZ observations together.
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Figure 4.12: The weighted median angles between the DM major axis and gas (red) and pressure (green)

axes as a function of radius for all simulated physics models: AGN feedback (solid), radiative cooling

(short-dashed), and shock heating-only (long-dashed). The 25th and 75th percentile values are shown

for the gas density in the AGN feedback model (dotted). On average the gas and pressure axes are

misaligned by 20 to 30 degrees to the DM principle axis, independent of our simulated physics models.

However, both simulations with radiative cooling show more misalignment in the inner regions than

the non-radiative simulations. The light colors and lines represent the region which the average cluster

shape are close to spherical (c/a|DM > 0.75) such that the major axes are not well defined and their

angles are approaching a random distribution. Note that we have weightedthe average angles by 1−c/a

to down-weight the angles from the spherical ICM shapes and the clusterinteriors. The horizontal

purple and pink error bars have the same meaning as in Fig. 4.1.
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4.6 SZ Scaling Relation

In this section we explore the impact of AGN feedback, cluster shapes andkinetic pressure support on

the SZ scaling relation (Y− M relation) using our large sample of clusters. We compute the SZ flux for

all clusters for both, spherical boundaries and cylindrical apertures(Ysph andYcyl). For the cylindrical

aperture calculations the total fluxes are computed along each axis of the moment of inertia frame,

measured atR200, and additionally along each axis of another randomly-oriented frame. We choose the

line of sight boundaries for the cylindrical integrations to be three times the radius of the aperture. This

procedure enables quantifying the importance of substructure, which wehave already shown in Sections

4.5 and 4.4 to be significant at radii beyondR200. From the calculatedY∆ values we fit an average scaling

relation,

Y∆ = 10B















M∆
3× 1014 h−1

70 M⊙















A

h−1
70 Mpc2, (4.9)

whereA and B are the fit parameters for the slope and normalization, respectively. We weight each

cluster by itsY∆ when fitting forA andB to keep the low-mass clusters from completely dominating the

fit.

4.6.1 Self-similarY− M scaling relation

We review the expectations forY in the idealized case of a cluster in virial equilibrium to help understand

how possible deviations from the self-similarY− M relation and the scatter about it may arise. Starting

with Eq. (5.8), which has been rewritten as,

Y =
σT

mec2

∫ R200

0
dVPe =

(γ − 1)σT

mec2
xe XH µEgas, (4.10)

wherexe is the electron fraction defined as the ratio of electron and hydrogen number densitiesxe =

ne/nH = (XH + 1)/(2XH) = 1.158,γ = 5/3 is the adiabatic index,µ = 4/(3XH + 1 + 4XHxe) = 0.588

denotes the mean molecular weight for a fully ionized medium of primordial abundance, and we assume

equilibrium between the electron and ion temperatures. Next, we define the characteristic temperature

of the halo (Komatsu & Seljak, 2002) as

kT200 =
GM200µmp

3R200
=
µmp

3
[10G H0 M200E(z)]2/3 , (4.11)

so we can write the total thermal energy of the halo with Eq. (4.11) as

Egas =
3
2

NgaskT200 = (1− f∗) fb fc
GM2

200

2R200

= (1− f∗) fb fc
G
2

[

800ρcr(z)
]1/3 M5/3

200. (4.12)

Here f∗ . M∗/Mb is the stellar mass fraction within the halo andfc is the correction factor for fraction of

the missing baryons at a given overdensity. Then we insert Eq. (4.12) into Eq. (4.10) to get the integrated
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Figure 4.13: TheY − M scaling relation for the AGN feedback simulations compared to recent X-ray

results from Arnaud et al. (2010) and SZ results from ACT (Marriage et al., 2010), SPT (Andersson

et al., 2010), and Planck (Planck Collaboration et al., 2011a). We have applied the 15% correction to

the X-rayMHSE from Kravtsov et al. (2006).
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Compton-y parameter withinR200 which scales as

Y =
(γ − 1)σT

mec2
xeXHµ(1− f∗) fb fc G

[

π

3
100ρcr(z)

]1/3
M5/3

200

= 97.6h−1
70 kpc2E(z)2/3















M200

1015 h−1
70M⊙















5/3
Ωb

0.043
0.25
Ωm

(4.13)

For Eq. (4.13), we setf∗ = 0, fc = 0.93 (as calculated from our shock heating simulations atR200) and

adopted the cosmological parameters of our simulation. This simple analytical expression for theY−M

scaling relation allows one to explore the assumptions underlying its derivation. More specifically, we

test the assumptions of spherical gravitational potential, zero non-thermalpressure support, and constant

fb (and for simulation with star formation, constantf∗) atR∆, independent of cluster mass.

4.6.2 Comparison to data

In Figure 4.13, we compareYsph for our simulated clusters to the X-ray results from Arnaud et al. (2010),

and the SZ results from ACT (Marriage et al., 2010), SPT (Andersson et al., 2010), and Planck (Planck

Collaboration et al., 2011a). We adopt the 15% correction to the X-rayMHSE estimates from Kravtsov

et al. (2006) which is valid for the respective observational sample selection criterion. OurYsph-M rela-

tion with AGN feedback is consistent with the current data from X-ray and SZ observations. However,

at group scales, our simulations slightly overpredict the SZ flux due to the toohigh gas fractions,fgas,

in our simulations compared to X-ray observations (Pfrommer et al. in prep.).Potentially our simu-

lations are missing some of the relevant physics that governsfgas (see, e.g., Pfrommer et al., 2011) or

underestimate the action of AGN feedback on these mass scales.

We note thatYsph reported by SZ surveys for known clusters use an X-ray-derived estimate of the

aperture size. This is useful because the cluster radii are typically poorly measured in SZ, and so the

X-ray aperture fixes the SZ measurement along the otherwise degenerateaperture flux/aperture radius

relation. However, this prior introduces correlations between the X-ray and SZ observations, which

makes comparisons between these observations difficult to interpret.

4.6.3 Physics dependence of theY− M relation

In Figure 4.14 we show the dependence of theY−M relation on our three simulated physics models, i.e.,

shock heating, radiative cooling and star formation, and AGN feedback.The stark differences between

the shock heating simulation and the two other simulations arise from the loss of baryons in the ICM

to star formation. The radiative cooling simulations show a constant normalization offset of∼ 20%,

which nearly matches thef∗ values for these simulations. In Table 4.2 we show that the self-similar

expectation of Eq. (4.13) almost completely captures the cluster thermodynamicsin our simulations

when integrated over cluster-sized apertures. Including more physicallymotivated sub-grid models in
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Table 4.2:Y− M scaling relation fits for different simulated physics, subsampling in kinetic-to-thermal

energy and ellipticity (of the density and pressure distribution), and along different projected axes yield-

ing Ycyl.

z= 0 z= 0.5 z= 1

B A σY B A σY B A σY

Simulated physics

Theory, Eq. (4.13) -4.88 1.67 - -4.81 1.67 - -4.74 1.67 -

Shock heating -4.87± 0.01 1.64± 0.03 0.117± 0.003 -4.81± 0.02 1.63± 0.04 0.126± 0.002 -4.76± 0.05 1.61± 0.07 0.118± 0.002

Radiative cooling -4.94± 0.01 1.67± 0.03 0.123± 0.002 -4.88± 0.02 1.67± 0.05 0.129± 0.002 -4.83± 0.05 1.66± 0.09 0.121± 0.001

AGN feedback -4.92± 0.01 1.71± 0.03 0.135± 0.001 -4.87± 0.02 1.72± 0.05 0.140± 0.001 -4.82± 0.05 1.73± 0.09 0.142± 0.002

K/Ua

Lower 3rd -4.88± 0.04 1.73± 0.07 0.108± 0.002 -4.83± 0.06 1.73± 0.11 0.122± 0.003 -4.78± 0.14 1.76± 0.21 0.140± 0.005

Middle 3rd -4.92± 0.02 1.73± 0.05 0.114± 0.002 -4.87± 0.04 1.73± 0.08 0.116± 0.002 -4.82± 0.07 1.73± 0.13 0.126± 0.004

Upper 3rd -4.94± 0.02 1.72± 0.04 0.123± 0.002 -4.89± 0.03 1.73± 0.07 0.128± 0.003 -4.85± 0.09 1.72± 0.15 0.132± 0.004

c/a (gas)a

Lower 3rd -4.94± 0.02 1.72± 0.05 0.133± 0.002 -4.89± 0.04 1.72± 0.08 0.138± 0.003 -4.84± 0.09 1.73± 0.15 0.134± 0.003

Middle 3rd -4.92± 0.02 1.70± 0.05 0.124± 0.002 -4.86± 0.05 1.73± 0.09 0.131± 0.002 -4.82± 0.10 1.72± 0.16 0.131± 0.002

Upper 3rd -4.90± 0.02 1.72± 0.05 0.120± 0.001 -4.86± 0.04 1.72± 0.08 0.122± 0.002 -4.80± 0.09 1.73± 0.15 0.140± 0.003

c/a (pressure)a

Lower 3rd -4.94± 0.02 1.71± 0.05 0.135± 0.002 -4.88± 0.04 1.73± 0.08 0.136± 0.003 -4.84± 0.08 1.73± 0.14 0.148± 0.003

Middle 3rd -4.92± 0.03 1.71± 0.05 0.129± 0.002 -4.87± 0.04 1.72± 0.08 0.128± 0.002 -4.82± 0.08 1.72± 0.14 0.134± 0.003

Upper 3rd -4.90± 0.03 1.72± 0.05 0.119± 0.002 -4.86± 0.05 1.71± 0.09 0.128± 0.002 -4.78± 0.12 1.76± 0.19 0.137± 0.003

Ycyl rotateda

Minor axis -4.87± 0.01 1.69± 0.03 0.126± 0.001 -4.83± 0.02 1.69± 0.05 0.134± 0.002 -4.79± 0.05 1.70± 0.09 0.138± 0.003

Middle axis -4.87± 0.01 1.69± 0.03 0.125± 0.001 -4.82± 0.02 1.69± 0.05 0.134± 0.001 -4.78± 0.05 1.69± 0.09 0.139± 0.003

Major axis -4.84± 0.01 1.68± 0.03 0.131± 0.003 -4.79± 0.02 1.67± 0.05 0.152± 0.005 -4.74± 0.05 1.68± 0.09 0.171± 0.007

Ycyl randoma

axis 1 -4.86± 0.01 1.69± 0.03 0.125± 0.002 -4.82± 0.02 1.69± 0.05 0.139± 0.002 -4.77± 0.05 1.70± 0.09 0.143± 0.003

axis 2 -4.86± 0.01 1.69± 0.03 0.126± 0.001 -4.82± 0.02 1.69± 0.05 0.138± 0.003 -4.78± 0.05 1.68± 0.09 0.147± 0.003

axis 3 -4.86± 0.01 1.69± 0.03 0.128± 0.002 -4.82± 0.02 1.69± 0.05 0.138± 0.002 -4.77± 0.05 1.70± 0.09 0.145± 0.004

a For fits to all subsamples/projections, we use our AGN feedback model. Fit parameters

are defined in Eq. (4.9).



100 C 4. S R, N- P,  S

1014 1015

M200 [ MO • ]

10-6

10-5
Y

20
0,

sp
h  

/ (
M

20
0 /

 1
014

 M
O •
 )

5/
3  [ 

M
pc

2  ] z = 0
AGN feedback
Radiative cooling
Shock heating

-0.4 -0.2 0.0 0.2 0.4
δY∆ / Y

0.00

0.05

0.10

0.15

0.20

P
 (

 δY
∆ 

/ Y
 )

z = 0
AGN feedback
Radiative cooling
Shock heating
Gaussian fit

Figure 4.14: The normalization, slope and scatter of theY − M scaling relations all depend on the

simulated physics. Left: TheY − M scaling relations atz = 0 for all physics models that we simulate:

shock heating (green), radiative cooling (blue), and AGN feedback (red). They-axis has been scaled by

M5/3 to highlight the deviations from self-similarity. Right: The probability distributionsfor the scatter,

δY∆/Y, relative to the best fits to all three physics models. We also show Gaussian fits (dotted lines)

and include Poisson deviations for the AGN feedback simulations (grey band). We find that the AGN

feedback simulations have the largest scatter and a steeper slope compared to the other simulations.
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Figure 4.15: The redshift evolution of fit parameters of theY − M scaling relations for all simulated

physics models is consistent with the self-similar prediction (Eq. (4.13)). We show theY − M scaling

relation fits for the normalization,B, (left panel) and slope,A, (right panel) as a function of redshift and

for two different virial massesM200 andM500, and compare those to the self similar prediction (dotted

black). Note that theY − M relation from AGN feedback simulations has a different slope, but shows

no anomalous redshift evolution; hence, it is consistent with the predictionsfrom self-similar redshift

evolution.
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Figure 4.16: The results from sub-sampling theY − M relations by the kinetic-to-thermal energy ratio

(K/U) for the AGN simulations. Left: TheY − M scaling relation for the three K/U sub-samples,

upper 3rd (red), middle 3rd (green) and lower 3rd (blue), with the corresponding slope fitted to those

points. The y-axis has been scaled byM5/3 to highlight the deviations from self-similarity. Right: The

probability distributions for the scatter,δY∆/Y, relative to the best fits to the three sub-samples and the

total distribution (black), including the Gaussian fits (dotted lines) and the Poisson deviations for the

upper 3rd sub-sample (grey band). The sub-sample of K/U with the largest kinetic pressure support

(upper 3rd) shows systematically lower totalY values for a given mass as well as larger scatter, while

the lower K/U sub-sample has the lowest scatter of∼ 10%. This is expected because a larger kinetic

pressure contribution implies a lower thermal pressure and hence decreasesY.
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the simulations, we find that both, the shock heating and radiative cooling slopes are consistent with this

self-similar derivation for theY− M relation, while the AGN feedback simulations has a steeper, mass-

dependent slope. This break from self-similarity in the AGN simulations arisesfrom the suppression of

star formation in the higher mass clusters and a feedback-induced deficit of gas inside the lower mass

clusters. Over the redshift ranges we explore (z = 0 to z = 1.5) and for all simulated physics models,

theY − M scaling relation normalization changes as predicted by self-similar evolution and the slopes

remain essentially constant (cf. Fig. 4.15). So, theY−M relations from AGN simulations are different at

redshift zero, but evolve as predicted by self-similar evolution. Additionally, Fig. 4.15 shows that these

results on the redshift evolution are independent of the two aperture sizes chosen, which correspond

to over-densities of 200 and 500 times the critical density. As noted in previous sections, within the

radii R500 andR200 galaxy clusters are relatively well behaved, which illustrate that the impact of cluster

ellipticities and the kinetic pressure support are small. Furthermore, the volumecontained withinR500

andR200 is large enough so that the SZ flux or equivalently the total thermal energy isnot significantly

dominated by the intricate physics of the cluster core region.

To quantify the scatter, we compute the relative deviation of each cluster from the mean relation,

δY∆/Y = (Y∆ − Y∆,fit)/Y∆,fit , and then fit this distribution with a Gaussian,

G(δY∆/Y) = A0exp













−(δY∆/Y)2

2σ2
Y













. (4.14)

Here the parameterA0 is the normalization andσY is the variance, which we will refer to as the scatter.

Here we have chosen to model the variation about the mean as a Gaussian, while previous work by

Stanek et al. (2010) showed that a log-normal distribution is also a reasonable description of the scat-

ter. In Appendix 4.11, we show that within the (Poisson) uncertainties, the scatter is clearly Gaussian

distributed and only approximately log-normal. Forcing a log-normal distribution introduces higher-

order moments such as skewness and kurtosis as can be seen by the tails in the distributions and their

asymmetric shapes.

We find that the scatter,σY, for the entire sample of clusters is between 11 % and 14 % (cf. Fig.

4.14 and Table 4.2), which is consistent with previous work (Nagai, 2006;Stanek et al., 2010; Yang

et al., 2010). In the simplest simulations with only shock heating the source forthis scatter in the

Y−M relation has been proposed to arise from the formation time, the concentration, and the dynamical

state of the cluster (Yang et al., 2010). As our simulations include more sub-grid physics models the

scatter increase from∼ 11% to∼ 14% at redshift zero and changes further to∼ 12% to∼ 14% at

redshift one. Of the three different physics models, the simulations with AGN feedback model gives

the largest scatter. Note that this model for AGN feedback is self-regulated (Battaglia et al., 2010) and

injects∼ 2/3 of the energy before redshift one when the average cluster mass is significantly smaller

and the associated potentials are shallower so that a fixed energy injection by AGNs may in principle
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Figure 4.17: The results from sub-sampling theY − M relations by the gasc/a axis ratio for the AGN

simulations. Left: TheY− M scaling relation for the threec/a sub-samples, upper 3rd (red), middle 3rd

(green) and lower 3rd (blue), with the corresponding slope fitted to those points. The y-axis has been

scaled byM5/3 to highlight the deviations from self-similarity. Right: The probability distributionsfor

the scatter,δY∆/Y, relative to the best fits to the three sub-samples and the total distribution (black),

including the Gaussian fits (dotted lines) and the Poisson deviations for the upper 3rd sub-sample (grey

band). The sub-sample ofc/a containing the lowest values (largest ellipticities) shows systematically

lower totalY values for a given mass and larger scatter, while the more spherical highc/a sub-sample

shows a lower scatter of∼ 11%. Additionally we find that the pressurec/a axis ratio sub-sample has

similar results (cf.Table 4.2).
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have a stronger impact3. Thus, the increased scatter in theY − M relation from the AGN feedback

simulations compared to the simulations without feedback is a result of the energy injection, which

heats and disturbs the ICM. This statement is in accordance with previous results from Battaglia et al.

(2010), where they showed the impact of AGN feedback on the pressure profiles of galaxy clusters

and found that simulations with feedback had a shallower asymptotic pressure profile slopes than those

without feedback. Thus, the intermittent nature of energy injection results ina larger scatter in theY−M

relation compared to simulations without energetic feedback.

4.6.4 Toward a fundamental plane ofY− M

After quantifying the scatter of the entire sample, we aim at understanding its origin. This may en-

able us to either construct a linear combination of physically motivated observables that minimizes the

scatter or to employ subsampling of the full distribution according to some parameter so that the re-

sulting distribution exhibits a smaller intrinsic scatter and potentially allows for tightercosmological

constraints.

In previous sections we explored the average radial trends for kinetic pressure support from bulk

motions and gas density/pressure shapes of the ICM. Utilizing this information, we rank order galaxy

clusters according to their kinetic pressure support and intrinsic shape information. We follow the same

fitting procedure as above for subsets of the lower 3rd, middle 3rd, and upper 3rd of the correspondingly

sorted distributions in order to demonstrate the impact of kinetic pressure support and asphericity on the

Y − M relation fits and scatter. For the rest of this section we concentrate our analysis on theY − M

relations of the AGN feedback simulations, since they show the greatest amount of scatter (this will

provide an upper limit on the scatter) and are most likely our best representation of “real” clusters in

comparison to the other physics models in our simulations. We compute the ratio of kinetic-to-thermal

energy, K/U, within radial bins and use this ratio as a measure of dynamical state for the galaxy clusters.

We define the internal kinetic energy,K, and thermal energy,U, of a cluster as

K(< r) ≡
∑

i

3mgas,iPkin,i

2ρi
, (4.15)

U(< r) ≡
∑

i

3mgas,iPth,i

2ρi
, (4.16)

wherem andρ are the gas mass and the SPH density, respectively for all particlesi less than radiusr.

Note that K/U is the volume integrated analog to the ratioPkin/Pth, which we show in Sect. 4.4 and

will be indicative of the formation history and the substructure for each cluster. For the sub-sample

with the highest ratio of K/U, we find a smaller normalization (cf. Fig. 4.16 and Table 4.2) where the

difference between this upper 3rd of the distribution and lower 3rd is ∼ 15%. Here some of the thermal

3Similar results were found by McCarthy et al. (2011) in simulations with a more detailed feedback prescription.
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Figure 4.18: Rotating the clusters into their major, middle and minor axes show the effects of sub-

structure on the cylindricalY − M relations. Left: The cylindricalY − M scaling relations from the

AGN simulations for clusters that have been rotated into their major, middle, and minor axes defined by

computing the inertial tensor withinR200. Right: The probability distributions for the scatter,δY∆/Y,

relative to the best fits to all three distributions, each representing a distinctive rotation as well as the

spherical distribution (black). We include the Gaussian fits (dotted lines) and the Poisson deviations for

the major axis rotation (grey band). Rotating the clusters such that integrationhappens along the major

axis increases the totalY values, while further distorting and increasing the scatter (due to the large

cluster-to-cluster variance in the infall regions). Note that theYcyl values are integrated along the given

axis from−3R200 to 3R200; hence theYcyl will always be greater than theYsph values.

pressure support has been compensated for by kinetic pressure support resulting in lower integrated

thermal electron pressure, thus, loweringY-values. Note that more massive galaxy clusters are typically

in the high K/U sample rather then the other two samples. We find that the sub-sample with the smallest

K/U values shows the lowest scatter,∼ 10% for the AGN feedback simulations. Further sub-sampling

of the smallest K/U values (e.g., the lowest 6th) does not decrease the scatter, which is limited to∼ 10%.

Our sample of galaxy clusters are also sorted by the ratio of minor to major axisc/aas defined in Sec.

4.5. Following the same procedure as for the K/U subsample and concentrating on the AGN feedback

simulations, we find that dividing the clusters up by ellipticity,c/a, gives similar results in comparison

to K/U subsampling but are not as significant. The galaxy clusters with smaller ellipticities have larger

total Y values and less scatter, while the more triaxial clusters have lower totalY and large scatter (cf.

Fig. 4.17). These trends are reflected in the fit parameters of the sub-sample Y − M relation shown

in Table 4.2, where the differences between the upper 3rd and lower 3rd sub-samples normalization

parameters is∼ 10%. Additionally, we found that using the pressure shapes instead of thegas shapes

yield almost identical results (cf. Table 4.2). Note that we have used the intrinsic 3D information when
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sorting the subsamples; however, these results are applicable to observable projected 2D information,

since the 3D and projected 2D axis ratios are highly correlated (cf. Fig 4.10).

The result from sub-sampling clusters according the K/U ratio and axis ratios indicate that there

are correlations between these physical properties and the cluster mass.We find that high-mass clusters

weakly correlate with larger K/U ratios and larger triaxiality, which appears as an anti-correlation with

c/a values. Note, the correlation between mass andc/a is weaker than mass and K/U, as we found

previously in the radial profiles. These correlations between kinetic pressure support, ellipticity and

mass are the result of the growth of structure being hierarchical, i.e., on average, more massive galaxy

clusters are more likely to be forming recently. This supports the argument that kinetic pressure support,

ellipticity and sub-structure are all tracers of the dynamical state and the formation history of galaxy

clusters which is the ultimate cause of the intrinsic scatter of theY − M relation. Previous work by

Yang et al. (2010) found mass trends in the measured scatter, which is consistent with our findings after

including the correlations between K/U, c/a and mass. However, their conclusion is different from ours,

since they claim that formation time (and the formation history) does not significantly contribute to the

scatter in theY−M relation and that the scatter is most sensitive to the DM concentration; a findingthat

may partially be due to the insufficient resolution in their simulations.

For pointed SZ observations of galaxy clusters and SZ surveys, a natural, model-independent ob-

servable is the projected flux,Ycyl (Mroczkowski et al., 2009; Sayers et al., 2011). We findYcyl > Ysph

in all cases, whether we chose the projection along a principal axis or random axis. This is due to the

assumed extension along the line-of-sight integration which we choose to bethree times the aperture

radius; in observations, structure beyond this scale may additionally contribute in some cases. In fact,

a projection integral out to 3R200 decreases theY − M slope for the AGN feedback simulations such

that it becomes consistent with the self-similar slope (cf. Table 4.2). We find no difference between the

random 2D projections and the integration along the middle or minor axes with respect to the normal-

ization and slope (cf. Fig. 4.18 and Table 4.2). The scatter for the random2D projections is marginally

larger than the projections along middle and minor axes. Our results show thatthe integration along the

major axis yields dramatically different results, both, for the normalization and scatter in comparison to

projections along the other axes. This has its origin in the more extended tails ofthePDF (cf. Fig 4.18).

The normalization and scatter between the major axis and the other axes differ by∼ 7% and∼ 6%,

respectively; with the scatter being increased. At a higher redshift, these differences are amplified and

we find a∼ 12% difference in the normalization and increase in scatter of∼ 19%. This indicates that

substructure is preferentially aligned with major axis and that substructure heavily influences the result

from the inertial tensor beyondR200.
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4.7 Discussion and Conclusions

In this paper we demonstrate that the spatial distribution of the ICM, kinetic pressure support from bulk

motions, and self-regulated thermal energy feedback in clusters cores (that we refer to as AGN feedback)

all play very important roles for the thermal properties of galaxy clusters.In particular, the observables

for large SZ galaxy cluster surveys, such as ACT, SPT and Planck, willbe modified by these processes.

Below we highlight and expand on our main results.

Non-thermal pressure support and cluster shapes:The contribution to the overall pressure support in

galaxy clusters from bulk motions,Pkin, increases substantially for larger radii and is a strong function of

both, cluster mass and redshift. Including AGN feedback marginally decreasesPkin/Pth in comparison

to the other (more simplified) simulation models, namely our shock heating-only model and that which

additionally includes radiative cooling, star formation, supernova feedback, and CRs. However, the

difference is not substantial enough to be statistically inconsistent with the variance around the median

of Pkin/Pth. The mass dependence and redshift evolution ofPkin/Pth is governed byPkin and a direct

result of the hierarchical growth of structure. Semi-analytic approaches are just beginning to modelPkin.

The full dependence on radius, mass and redshift of this component is,by definition, self-consistently

included in hydrodynamic simulations.

We find that the distribution of gas density and pressure are weak functions of the simulated physics

models withinR200 (excluding the cluster core) and that AGN feedback mildly modifies the average gas

shapes. The cluster mass dependence of the ellipticity is more moderate in comparison toPkin/Pth. The

ellipticity is well behaved withinR500 with little redshift evolution. In combination with the comparably

small non-thermal pressure support at these scales (which rises dramatically beyond this characteristic

radius), the small clumping factor measured in our simulations, and the small modification of our simu-

lated cluster physics at these radii (in particular of our implementation of AGN feedback), this result is

reassuring for X-ray observations of galaxy clusters which useR500 to characterize clusters with high-

quality ChandraandXMM Newtonobservations. Hence, our analysis theoretically supports this choice

of radius (which was initially motivated by the simulations in Evrard et al. (1996)) and justifies some of

the main assumptions such as spherical symmetry and an almost radius-independent hydrostatic mass

bias of∼ 20− 25% when using a fair sample of clusters without morphological selection which may be

applicable for the future eROSITA sample.

We find substantial redshift evolution in different dynamical quantities, e.g.,Pkin/Pth, the velocity

anisotropy, and anisotropy parameters such as ellipticities. This is in particular the case for the changes

in the power-law behaviors of the radial profile of these quantities such asthe sudden break in ellipticities

which moves to smaller radii as the redshift increases (when scaled toR200). The break and the more

pronounced ellipticities andPkin/Pth outside a characteristic radius are a direct result of increased level

of substructure predicted by hierarchical structure formation and the associated higher mass accretion
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rate at higher redshift. We explicitly show (in the Appendix) that most of this redshift evolution is

somewhat artificial and can be absorbed in a re-definition of the virial radius: scaling with the radius

that contains a mean density of 200 times the average mass density rather than the critical density of

the universe considerably weakens the observed trends with redshift.This also suggests a physical

definition of the virial radius in terms of dynamical quantities (that, however, remain poorly defined

observationally), e.g., the equipartition radius of thermal and kinetic pressure, the region where the

velocity anisotropy becomes strongly radial, or the radius at which the ellipticityor substructure level

increases dramatically. These seemingly different criteria all select a rather similar radius aroundR200,m;

almost independent of redshift.

On scales> R500, high resolution SZ experiments such as ACT and SPT should be able to perform

stacking analyses of projected SZ cluster images and – provided a suitable sample size – may be able to

detect projected gas pressure shapes, potentially even in bins of redshift. The results on the randomly

projected 2D axis ratios represent the theoretical expectations. Any statistics from the intrinsic 3D

distribution is highly correlated with the projected 2D distribution; we find that the(more elliptical)

intrinsic cluster shapes can on average be inferred from their projectedanalogues by applying a∼ 5 −
10% correction on the ellipticity. Another interesting outcome from our shape analysis is that there is no

direct and simple mapping of shapes and alignments for DM spatial distribution to the gas and pressure

distributions possible mostly due to the difference in substructure distribution and dissipational nature

of the gas. This result is troublesome for semi-analytic models which use dissipationless simulations

as a template to paste on gas distributions and pressure shapes. Such a methodwill produce additional

triaxiality and misalignment for such a semi-analytical model of the ICM. The overall magnitude of the

shape is reconciled by using the gravitational potential (e.g., Ostriker et al.,2005; Bode et al., 2009;

Trac et al., 2011) which has been shown to be less triaxial (Lau et al., 2011) than the DM. However,

providing an algorithm to re-alignment these pseudo gas distributions is a non-trivial task.

Y − M scaling relations:Our simulations are in good agreement with the currentY − M scaling

relations from both X-ray observations and SZ surveys. However, to properly predict theY−M scaling

relations for an SZ experiment such as ACT, SPT orPlanckwithout any prior knowledge of cluster

masses, careful mock observations are needed. Those would have to include a simulation of the CMB

sky with associated experiment noise and adopt the relevant cluster selection pipelines for the given

experiment that employs the same cluster profile used for matched filtering in order to include all the

systematics and potential biases that are intrinsic to the data analysis, e.g., X-ray priors on the aperture

size.

We find that the inclusion of AGN feedback causes a deviation from the predictions of self-similar

evolution for both the normalization and slope of theY−M relation (as measured withinR200). However,

we recover the self-similar slope again in our projectedY−M scaling relations (where we integrate along

a cylinder of half-height 3R200), suggesting that AGN feedback pushes a fraction of its gas beyond the
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virial radius and a larger aperture/projection radius is able to recover the thermal energy from this larger

reservoir of gas.

Including AGN feedback also increases scatter in theY − M relation compared to simulations that

include shock heating alone, from∼ 11 % to∼ 14 %. Interestingly, sorting the clusters into subsamples

of K/U and c/a will reduce this scatter; e.g., K/U subsampling reduces the scatter from∼ 14% to

∼ 11%. We find that subsampling introduces only a small (predictable) bias in thenormalizations on the

order of a few percent. This suggests that observational proxies forthe dynamical state and ellipticities

may be used to construct a fundamental plane of theY − M relation. The scatter ultimately originates

from the merging history with its redshift and mass dependent accretion rates; those determine the non-

thermal pressure support, the level of substructure, and the ellipticity. While subsampling on one of

these secondary tracers may decrease the scatter, it is unlikely to decrease much more if more tracers

are used (as they probe the same underlying process, albeit with a different weighting). Conversely, our

sorting analysis on theY − M relations suggests that large outliers from the mean relations would be

interesting candidates for follow up with high resolution SZ observations, since they are more likely to

have larger kinetic pressure support and ellipticities.

A fundamental point to take away is that all results at larger radii (> R200) for the kinetic pressure

support and ICM shapes are dominated by substructure. We also see theimpact of substructure on

the cylindricalY − M scaling relation when integrating along the major axis with which substructure

is preferentially aligned. Quantifying substructure statistically is difficult because of the problem of

double-counting: the large volume contained within the radius that contains 95% of the total SZ flux,

4R200, necessarily leads to overlapping volumes of neighboring clusters, especially at high-redshift.

Thus, this property remains challenging to model phenomenologically or (semi-)analytically.

As discussed previously in the literature (e.g. Battaglia et al., 2010; Sun et al., 2011) SZ galaxy

cluster may provide further insight into the interesting astrophysics associated with the ICM of galaxy

clusters. This however may significantly complicate cosmological analyses in producing competitive

constraints. However, these are exciting prospects for studies of feedback and other energy injection

processes within galaxy clusters especially at higher redshift since the selection function of SZ cluster

surveys probes galaxy clusters which populate the massive and high redshift end of the distribution.

4.8 Appendix: Fitting function for Pkin/Ptot

In Section 4.4 we show that the ratioPkin/Pth is a function of mass. However, the previous empirical

fitting function forPkin/Ptot (Shaw et al., 2010) does not include a mass dependence,

Pkin

Ptot
(r, z) = α(z)

(

r
R500

)nnt
(

M200

3× 1014M⊙

)nM

, (4.17)

whereα(z) ≡ α0(1+ z)β for low redshifts (z . 1) and the fit parameters areα0 = 0.18± 0.06,β = 0.5,
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Figure 4.19: The kinetic pressure-to-total pressure is weakly mass-dependent,Pkin/Ptot ∝ M1/5
200. Shown

is the median ofPkin/Ptot as a function of radius for the AGN feedback simulations for various mass

bins with the 25th and 75th percentile values illustrated by the dotted lines for the lowest mass bin at

z= 0. For comparison, we also show the model for thePkin/Ptot by Shaw et al. (2010), which has been

calibrated from AMR simulations (dash-dotted). We illustrate the 1 and 2σ contributions toY∆ centered

on the median for the feedback simulation by horizontal purple and pink error bars. Therefore, ignoring

this mass dependence results in a 60 % difference in this ratio for an order of magnitude change in the

cluster mass. Note that the median ofPkin/Pth scales asM1/3
200, which results in a larger difference.
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Figure 4.20: Additionally including ther−2 weighting in the definition of the inertial tensor decrease

the contribution at larger radii by∼ 15 %, thus reducing the effect of substructure. Shown is the relative

difference between axis ratios with and without ther−2 weighting for the gas density (red line), DM

density (blue line) and gas pressure (green line) weightings.

nnt = 0.8±0.25, and by construction,nM = 0. In Fig. 4.19 we compare the fitting function for Eq. (4.17)

and thePkin to Ptot ratio. We find that includingM1/5
200 scaling accounts for the mass dependence, i.e.

nM = 1/5. We chose a normalization of 3× 1014M⊙ to match the fitting function of Shaw et al. (2010).

Thus, the median difference between thePkin to Ptot ratio for a 1015M⊙ and a 1014M⊙ mass cluster is

∼ 60%. Note that the ratio in Eq. (4.17) is similar to what is shown Fig. 4.1, however, Pkin/Pth depends

more sensitively on mass. We find that the mass dependence for this ratio amounts toM1/3
200.

4.9 Appendix: Down-weighting the substructure in the inertial tensor

In both the gas density- and pressure-weighting for the inertial tensor, using an additionalr−2 weighting

has minor impact on cluster shapes (cf. Fig. 4.20) and we do not see largedifferences when comparing

the axis ratios at larger radii. Note that the greatest effect of ther−2 weighting is in these outer regions

of galaxy clusters, where the axis ratios are not as large due to thisr−2 suppression in comparison to
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Figure 4.21: We compare the stacked radial velocity PDF (blue colors) andthe velocity anisotropy,β,

(red line) for all clusters atz = 0 (left panel) andz = 1 (right panel) for a mass bin 1.7 × 1014 M⊙ ≤
M200 ≤ 2.7× 1014M⊙. We choose a particular mass bin due to the strong mass dependence ofβ, shown

in Fig. 4.5. The steep negative slope in the velocity anisotropy clearly matchesthe region splash-back

region, i.e. the turn-around of earlier collapsed shells which minimizes the radial velocity component

such that the tangential components dominate the velocity.

the weighting withoutr−2. So, the purpose of this weighting is to lessen the influence of substructure

which has been shown to be important at radii beyondR200. However, this weighting scheme does not

completely remove the effect of substructure, which is a non-trivial task in any stacking analysis.

4.10 Appendix: Galaxy cluster in velocity space and dynamical radius

definition

We define the velocity and the velocity anisotropy,β, for the gas and DM in Sections 4.4.1 and 4.4.3. In

Fig. 4.21 we show the probability distribution function of the radial velocity with the velocity anisotropy

over-plotted. We find that the steep drop in the DMβ profiles beyondR200 marks a distinct region in

the cluster dynamics, the splash-back radius. This feature in the velocity anisotropy provides a distinct

dynamical marker for a radial boundary in a cluster (though it is not observable). At the splash-back

radius we find a tangential flow signifying a decrease in the radial velocity dispersion as a result of the

radial velocity approaching zero. Furthermore, we show that this relationbetween the negativeβ and

the splash-back region of the cluster as a function of redshift is not constant fraction ofR200. As noted in

the main text, we found similar radial trends as functions of redshift in both thekinetic pressure support

and ICM ellipticity when scaled byR200.
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Figure 4.22: The choice for our working definition of virial radius (overdensity relative to the critical

density of the universe) has an impact on the redshift evolution of dynamical regions of galaxy clusters.

Left: Shown is the velocity anisotropyβ at the a given redshift for a mass bin 1.7×1014h−1 M⊙ ≤ M200 ≤
2.7× 1014h−1 M⊙ scaled byR200. The colored arrows show the location ofR200,m and correspond to the

same redshift colors in the legend. Right: Same as the left panel, except that the dimensionless radius

has been scaled byR200,m instead ofR200. With this definition of virial radius (overdensity relative to

the mean mass density of the universe), the redshift evolution ofβ ceases, especially for large radii. We

have chosen a particular mass bin due to the strong mass dependence forβ shown in Fig. 4.5.
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Figure 4.23: The choice for our working definition of virial radius has animpact on the redshift evolution

of both, the kinetic pressure support (left) and ellipticity (right) of galaxy clusters. The figures shown

here are the same as Fig. 4.1 and Fig. 4.11 except that the dimensionless radius has been scaled

by R200,m instead ofR200. With this definition of virial radius, the redshift evolution of both, kinetic

pressure support and ellipticity is decreased, especially in the outer regions.
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Figure 4.24: Comparison of Gaussian and log-normal scatter relative to thebest-fit Y-Mscaling relation

at z = 0. We show the distribution of the relativelinear deviation from the mean relationδY∆/Y (cf.

Eq. 4.14) with the solid blue line and compare it to a Gaussian fit (blue dotted line)and log-normal fit

(δ logY∆, red dashed line). The Poisson deviations are shown with the grey band.Here we transformed

the fit to theδ logY∆ distribution intoδY∆/Y so they could be shown together. TheδY∆/Y distribution

is fit by a Gaussian better than theδ logY∆ distribution, withχ
2(δY∆/Y) ∼ 1 andχ

2(δ logY∆) ∼ 7.

Forcing a log-normal distribution introduces higher-order moments such asskewness and kurtosis as

can be seen by the asymmetric shapes of the tails in the log-normal fit.



4.11. A: G  L- ? 115

These radial trends over redshift call for re-examination of the choicefor the working definition

of radius, which is directly related to the definition of the cluster mass (see White, 2002, for a more

thorough discussion of cluster mass definitions in dissipationless simulations).It has been the common

choice by both observers and theorists to define the mass within an radii where the average overdensity

is greater than a large multiple of a given background density, such asρcr(z) andρ̄m(z). For low redshift

observations, the more popular definition has been theρcr(z) as the iso-density surface, since no prior

knowledge ofΩm is required. The question remains what definition is physically more intuitive when

comparing across various redshifts. At late times (z < 1), clearly the inclusion of the dark energy

greatly influences the redshift evolution of the critical density compared to the mean matter density.

For a hypothetical isolated non-accreting galaxy cluster using theR∆ definition will result in the cluster

radius shrinking as time approaches present day. As shown in Fig. 4.21 using theR∆ definition clearly

selects different dynamical regions of the cluster as a function of redshift. At lowerredshifts,R∆ does

not match the position of any dynamical feature (i.e. steep drop in the DMβ or the equipartition of

kinetic and thermal pressure) in the cluster. For comparison, theR∆,m clearly selects the splash-back

region at each redshift (cf. Fig. 4.22) and appropriately scales the cluster radius such that an easier

comparison can be made across redshifts. Using theR∆,m scaling, we find that the drop in the gas and

DM anisotropy parameters align at similar radii and removes what apparentlylooked like a redshift

evolution with the originalR∆ scaling of radius. This result is also found in the radius at which kinetic

pressure is in equipartition with thermal pressure and the sharp break found in the ICM ellipticity (cf.

Fig. 4.23). Thus, for comparison across redshifts it might be better to switch the radial definition to

R∆,m.

4.11 Appendix: Gaussian or Log-normal scatter?

Previous approaches quantified the scatter around the best-fit Y-Mscaling relation with a log-normal

distribution, i.e. they characterized the distribution ofδ logY∆ = logY∆ − logY∆,fit with a Gaussian.

Deviations from this log-normal distribution were computed with the Edgeworth expansion, introducing

substantial higher order moments, such as skewness and kurtosis (e.g., Yang et al., 2010). Using a non-

linear least squares approach we fit a Gaussian to both theδ logY∆ andδY∆/Y distributions. In Fig. 4.24

we show thatδY∆/Y distribution is a better fit by a Gaussian within the (Poisson) uncertainties than the

δ logY∆ distribution, withχ
2 ∼ 1 compared toχ2 ∼ 7, respectively. Hence we suggest to use relative

linear deviation instead of log-normal scatter for future characterizations of thescatter in Y-Mrelation.
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Chapter 5

Deconstructing the Thermal

Sunyaev-Zel’dovich Power Spectrum

5.1 Chapter Overview

Secondary anisotropies in the cosmic microwave background have the potential to be a treasure-trove

of cosmological information. However, current experiments are alreadylimited by theoretical uncer-

tainties in interpreting their results rather than by measurement errors. Here, we focus on the secondary

anisotropies resulting from the thermal Sunyaev-Zel’dovich (tSZ) effect; the amplitude of which de-

pends critically on the average thermal pressure profile of groups and clusters. To this end, we use a

suite of hydrodynamical TreePM-SPH simulations that include radiative cooling, star formation, super-

nova feedback, and energetic feedback from active galactic nuclei (AGN). We examine in detail how the

pressure profile depends on cluster radius, mass, and redshift and provide an empirical fitting function.

We employ three different approaches for calculating the tSZ power spectrum: an analytical approach

that uses our pressure profile fit, a semi-analytical method of pasting our pressure fit onto simulated

clusters, and a direct numerical integration of our simulated volumes. We demonstrate that the de-

tailed structure of the intracluster medium and cosmic web affect the tSZ power spectrum. In particular,

the substructure and asphericity of galaxy clusters increase the tSZ power spectrum by 10− 20% at

ℓ ∼ 2000− 8000, with most of the additional power being contributed by substructures. The contri-

butions to the power spectrum from radii larger thanR500 is ∼ 20% atℓ = 3000, thus galaxy clusters

interiors (r < R500) dominate the power spectrum amplitude at these angular scales.

5.2 Introduction

As cosmic microwave background (CMB) photons travel through the diffuse hot gas comprising the

bulk of baryons in galaxy clusters, a fraction of them are upscattered bythe gas in a process called
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the thermal Sunyaev-Zel’dovich (tSZ) effect (Sunyaev & Zeldovich, 1970). This scattering produces

a unique spectral signature in the CMB, with a decrement in thermodynamic temperature belowν ∼
220 GHz, and an excess above. The tSZ is typically seen on arc-minute scales, and is referred to as a

secondary anisotropy, as it originates between us and the surface of last scattering, unlike the primary

CMB anisotropies. In the non-relativistic limit, the tSZ is directly proportional to the integrated electron

pressure along the line of sight. It typically traces out the spatial distribution of galaxy clusters and

galaxy groups, since the hot intracluster medium (ICM) tends to dominate the line-of-sight pressure

integral. Thus, the tSZ provides an excellent tool to examine the bulk of cluster baryons. Found at the

intersections of filaments in the cosmic web (Bond et al., 1996), galaxy clusters form from the highest

peaks of the initial matter density field. They are sign posts for the growth of structure in the Universe,

and are a potentially powerful tool for probing underlying cosmological parameters, such asw, the dark

energy pressure-to-density ratio.

The angular power spectrum of the tSZ effect is extremely sensitive to cosmological parameters

like σ8, the RMS amplitude of the (linearized) density fluctuations on 8h−1 Mpc scales. In fact, the

amplitude of the tSZ power spectrum scales at least as steeply as the seventhpower ofσ8 (Bond et al.,

2002; Komatsu & Seljak, 2002; Bond et al., 2005; Trac et al., 2011) and improving the constraints

onσ8 will aid in breaking the degeneracies found betweenσ8 andw when using only primary CMB

constraints. An advantage of using the tSZ angular power spectrum overcounting galaxy clusters is

that no explicit measurement of cluster masses is required. Also, lower mass, and therefore fainter,

galaxy clusters that may not be significantly detected as individual objects inSZ still contribute to this

statistical signal. However, disadvantages of using the tSZ angular powerspectrum include potential

contamination from point sources and that no redshift information from thegalaxy clusters is used.

Previous observations by the Berkeley-Illinois-Maryland Association (BIMA, Dawson et al., 2006),

the Atacama Path-finding Experiment (APEX-SZ, Reichardt et al., 2009b), the Quest at DASI (QUaD,

Friedman et al., 2009), Arc-minute Cosmology Bolometer Array Receiver (ACBAR, Reichardt et al.,

2009a), and the Cosmic Background Imager (CBI, Sievers et al., 2009)all measured excess power

above that expected from primary anisotropies, which have been attributed to some combination of the

tSZ effect and point source contamination. The measurements from these experiments provided upper

limits to the tSZ power spectrum amplitude. More recently, the Atacama Cosmology Telescope (ACT,

Fowler et al., 2010; Dunkley et al., 2010) and the South Pole Telescope (SPT, Lueker et al., 2010;

Shirokoff et al., 2010; Keisler et al., 2011) have detected the SZ effect in the CMB power spectrum1.

The results from ACT and SPT emphasize that the “sweet spot” for measuring the tSZ signal is between

ℓ ∼ 2000− 4000. Silk damping (Silk, 1968)and other contributions to the power spectrum are much

smaller than at even higherℓ. At these scales there are important additional contributions to the power

1The Planck collaboration has released some early SZ science (e.g., Planck Collaboration et al., 2011a,b,c), but to-date
there have been no power spectrum results.
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spectrum from the kinetic SZ (kSZ) effect, which arises from motions of ionized gas with respect to the

CMB rest frame, as well as dusty star-forming galaxies and the radio galaxies, both of which appear as

point sources. All these signals increase the uncertainty when determiningthe tSZ power spectrum, and

hence the parameters derived therefrom.

Three main tools have been used to estimate the tSZ power spectrum: Analytic models, semi-

analytical models, and numerical simulations. They have been used to derive several different templates

for the predicted tSZ power spectrum (e.g., Cole & Kaiser, 1988; Makino &Suto, 1993; da Silva et al.,

2000; Refregier et al., 2000; Holder & Carlstrom, 2001; Zhang & Pen, 2001; Springel et al., 2001a;

Komatsu & Seljak, 2002; Zhang et al., 2002; Bond et al., 2005; Schäfer et al., 2006a,b; Battaglia et al.,

2010; Shaw et al., 2010; Trac et al., 2011; Efstathiou & Migliaccio, 2011). There are both shape and am-

plitude differences between these three approaches that compute the tSZ power spectrum; comparisons

are required to understand these differences (Refregier et al., 2000). At the base of these differences is

the galaxy cluster electron pressure profile, since it is a crucial and uncertain component in the analyti-

cal thermal SZ power spectrum calculation. The electron pressure profile is directly related to the total

thermal energy in a cluster and is sensitive to all the complicated gastrophysics of the ICM. For exam-

ple, some of the ICM processes that should be included are radiative cooling, star-formation, energetic

feedback from AGN and massive stars, non-thermal pressure support, magnetic fields, and cosmic rays.

Deviations from an average pressure profile, from galaxy clusters substructure and asphericity will also

contribute to the tSZ power spectrum. But how much?

The inclusion of AGN feedback is vital to any tSZ power spectrum template (Battaglia et al., 2010).

Furthermore, an energetic feedback source (AGN feedback being themost popular) seems to be an

important addition to any hydrodynamical simulation, since simulations withonly radiative cooling and

supernova feedback have problems with excessive over-cooling in cluster centers (e.g. Lewis et al.,

2000). This over-cooling results in too many stars being produced at the expense of ICM gas, which

unphysically alters the thermal and hydrodynamic structure of ICM.

In this paper we present a detailed comparison of the three approaches used to calculated the ther-

mal SZ angular power spectrum. This comparison allows us to identify and quantify the differences

between each method. Section 5.3 briefly summarizes the simulations used in this work and Section

5.4 outlines the calculation of the analytical tSZ angular power spectrum. In Sections 5.5 and 5.6 we

present our results for numerical average thermal pressure profile and detailed analysis of the tSZ power

spectrum, respectively. In Section 5.7 we provide updated constraints onσ8 using the new ACT and

SPT measurements of the CMB power spectrum at highℓ, and we summarize our results and conclude

in Section 5.8.
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5.3 Cosmological simulations and cluster data set

We use a modified version of the smoothed particle hydrodynamical (SPH) code GADGET-2 (Springel,

2005) to simulate cosmological volumes. We use a suite of 10 simulations with periodic boundary

conditions, box size 165h−1 Mpc, and with equal numbers of dark matter and gas particlesNDM =

Ngas= 2563. We adopt a flat tiltedΛCDM cosmology, with total matter density (in units of the critical)

Ωm = ΩDM + Ωb = 0.25, baryon densityΩb = 0.043, cosmological constantΩΛ = 0.75, a present

day Hubble constant ofH0 = 100h = 72 km s−1 Mpc−1, a scalar spectral index of the primordial

power-spectrumns = 0.96 andσ8 = 0.8. The particle masses are thenmgas = 3.2 × 109 h−1 M⊙ and

mDM = 1.54× 1010 h−1 M⊙. The minimum gravitational smoothing length isεs = 20h−1 kpc; our SPH

densities are computed with 32 neighbours.

We include sub-grid models forAGN feedback, radiative cooling, star formation, and SN feedback.

Throughout this work we will refer to these simulations asAGN feedback. The radiative cooling and

heating were computed assuming an optically thin hydrogen/helium gas with primordial composition

in a time-dependent, spatially uniform ultraviolet background (Katz et al., 1996; Haardt & Madau,

1996). Star formation and supernovae feedback were modelled using thehybrid multiphase model for

the interstellar medium of Springel & Hernquist (2003a). The AGN feedback prescription included in

the simulations (for more details see Battaglia et al., 2010) allows for lower resolution and hence can

be applied to large-scale structure simulations. It couples the black hole accretion rate to the global star

formation rate (SFR) of the cluster, as suggested by Thompson et al. (2005). The thermal energy is

injected into the ICM such that it is proportional to the star-formation within a given spherical region.

We adopt the standard working definition of cluster radiiR∆ as the radius at which the mean interior

density equals∆ times thecritical density, ρcr(z) (e.g., for∆ = 200 or 500). For clarity the critical

density is

ρcr(z) =
3H2

0

8πG

[

Ωm(1+ z)3 + ΩΛ

]

. (5.1)

Here we have assumed a flat universe (Ωm + ΩΛ = 1) and are only interested at times after the matter-

radiation equality, i.e., the radiation term withΩr is negligible. It is important to note that all masses and

distances quoted in this work are given relative toh = 0.7, since most observations are reported with

this value ofh.
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5.4 The Analytic Calculations of tSZ Angular Power Spectrum

The tSZ can be adequately modelled as a random distributed Poisson process on the sky (Cole & Kaiser,

1988)2. There are two components in this model that are required for a statistical representation of the

secondary anisotropies: (1) The number density for objects of a givenclass; and (2) the profile of the

same object and class, centered on its position. We focus on galaxy groups and clusters, since they are

the dominant source of tSZ anisotropies. This approach is referred to asthe halo formalism (e.g., Cole

& Kaiser, 1988).

The non-relativistic tSZ signal is the line of sight integrations of the electron pressure,

∆T
T
= f (ν)y = f (ν)

σT

mec2

∫

Pe(l)dl , (5.2)

where f (ν) is the spectral function for the tSZ (Sunyaev & Zeldovich, 1970),y is the Compton-y param-

eter,σT is the Thompson cross-section,me is the electron mass andPe is electron pressure3. For a fully

ionized medium, the thermal pressurePth = Pe(5XH + 3)/2(XH + 1) = 1.932Pe, whereXH = 0.76 is the

primordial hydrogen mass fraction, andPth is the thermal pressure.

We adopt the successful analyticalansatzfor halo number density as a function of mass

dn(M, z)
dM

=
ρ̄m

2 M2

R(M)
3σ(M, z)2

dσ(M, z)2

dR(M)
f (σ(M, z)) (5.3)

whereσ(M, z) is the RMS variance of the linear density field smoothed on the scale ofR(M), and f (σ)

is a functional form determined from N-body simulations (e.g., Jenkins et al.,2001; Warren et al., 2006;

Tinker et al., 2008). In this work we use the mass function from Tinker et al. (2008) for the analytic

calculations. Note that the tSZ power spectrum is only mildly sensitive to the particulars of the mass

function (Komatsu & Seljak, 2002).

The tSZ angular power spectrum at a multipole momentℓ is

Cℓ,tSZ = f (ν)2
∫

dV
dz

dz
∫

dn(M, z)
dM

|ỹℓ(M, z)|2dM, (5.4)

where ỹℓ(M, z) is the form factor, which is the Fourier transform of the projected electron pressure

profile, Pe. We do not include higher order relativistic corrections tof (ν) (Nozawa et al., 2006).

The functional form of ˜yℓ(M, z) can be determined empirically in observations or simulations, or

can be determined analytically (Komatsu & Seljak, 2001; Ostriker et al., 2005;Nagai et al., 2007;

Arnaud et al., 2010). Following Komatsu & Seljak (2002) we compute ˜yℓ(M, z), under the assumption

of spherical symmetry and using Limber’s approximation,

2Note that we are not including the contributions from the clustering of clusters, since this is sub-dominant on scales of
ℓ > 300 (Komatsu & Kitayama, 1999).

3Here we have ignored the temperature of the CMB,TCMB, sinceTCMB << Te, hencene kB (Te − TCMB) ≃ ne kB Te = Pe.
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ỹℓ(M, z) =
4πrs

ℓ2s

σT

mec2

∫

x2Pe(x)
sin(ℓx/ℓs)
ℓx/ℓs

dx, (5.5)

wherex ≡ r/rs is a dimensionless radius,ℓs ≡ DA/rs is the corresponding wave number, andDA is

the angular diameter distance. We follow Navarro et al. (1997) in our definition of the scale radius in a

cluster with concentrationcNFW, rs ≡ rvir/cNFW. Here we use the definition for the virial radius from

Bryan & Norman (1998).

The dominant source of uncertainty inCℓ,tSZ comes from ˜yℓ(M, z), since given a cosmology, one can

easily calculate the volume element, and the mass function is known to 5− 10% (Tinker et al., 2008).

Thus, the pressure profile is the critical input into the analytical tSZ angularpower spectrum. We would

ideally like to knowỹℓ(M, z) as well as we know the mass function. This requires an understanding of

the detailed physical processes which affect cluster pressure profiles.

The Gaussian and non-Gaussian variance of the power spectrum is alsocalculated using the halo

formalism (Cooray, 2001; Komatsu & Seljak, 2002; Zhang & Sheth, 2007;Shaw et al., 2009), again

neglecting the clustering of clusters term. The full-sky variance is

σ2
ℓℓ′,tSZ =

[

2(Cℓ,tSZ)2

2ℓ + 1
δℓℓ′ +

Tℓℓ′

4π

]

(5.6)

whereTℓℓ′ is the trispectrum (see Equation (5.7)). The variance is proportional to thesky area covered,

so for a fractionfsky of the sky covered,σ2
ℓℓ′,tSZ ∝ 1/ fsky. In this work we will present the diagonal part

of the covariance; the diagonal of the trispectrum is

Tℓℓ,tSZ = f (ν)4
∫

dV
dz

dz
∫

dn(M, z)
dM

|ỹℓ(M, z)|4dM. (5.7)

5.5 The Thermal Pressure Profile

The cluster thermal pressure profile is the most uncertain component of thethermal SZ power spectrum.

In this section we use a large sample of clusters from hydrodynamical simulations and explore the

mean cluster profile and the subtle differences from self-similar scaling (e.g. Kaiser, 1986; Voit, 2005).

Comparisons between the latest pressure profiles from analytics, observations, and simulations have

shown that they are in reasonable agreement with one another (Arnaud et al., 2010; Shaw et al., 2010;

Trac et al., 2011; Sun et al., 2011). Previous work has shown that AGNfeedback can alter the pressure

profiles, though the profiles are comparable to previous simulations and observations (Battaglia et al.,

2010). We show the dependence of the pressure profile on the cluster mass and redshift and explore

deviations from the self-similar scaling.
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Figure 5.1: The normalized average pressure profiles andparametrized fitsto these profiles from simu-

lations with AGN feedback scaled by (r/R200)3, in mass bins (left panel) and redshift bins (right panel).

Here we have independently fit each mass and redshift bin. The grey band shows the standard deviation

of the average cluster in the most massive bin (left) and lowest redshift bin(right). In both panels we

illustrate the radii that contribute 68% and 95% of the total thermal energy,Y, centered on the median,

by horizontal purple and pink error bars. The bottom panels show the percent difference between the fits

and the average profiles. The generalized NFW with fixedα andγ fits the average profiles well in the

majority of the mass and redshift bins, with deviations within∼ 5% of the mean. The upturns at large

radii are due to contributions from nearby clusters and substructure.
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Figure 5.2: The normalized average pressure profiles andconstrained fitsto these profiles from simula-

tions with AGN feedback scaled by (r/R200)3, for mass bins (left panel) and redshift bins (right panel).

The constrained fit is a global pressure profile, as described in the text,with parameters in Table 5.1.

It differs from the fits in Figure 5.1, where each bin was fit independently. The grey band shows the

standard deviation of the average cluster in the most massive bin (left) and lowest redshift bin (right). In

both panels we illustrate the radii that contribute 68% and 95% of the total thermal energy,Y, centered

on the median, by horizontal purple and pink error bars. The bottom panels show the percent difference

between the constrained global fit and the average profiles. The constrained fit matches the average

profiles well in the majority of the mass and redshift bins and the deviations arewithin ∼ 10% of the

mean. The upturns at large radii are due to contributions from substructure and nearby clusters.
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5.5.1 Fitting Pressure Profiles from the Simulations

We apply the following four-step algorithm to compute the average thermal pressure profiles in our simu-

lations. First, we find all clusters in a given snapshot using a friends-of-friends (FOF) algorithm (Huchra

& Geller, 1982) using a linking length of 0.2 and anMFOF mass cut of 1.4× 1013M⊙. Second, starting

with a position and radius derived from the FOF results, we find the final cluster positions by recursively

shrinking the radius of the sphere examined, and re-center on its center of mass. Given the cluster center,

we then calculate the spherical-overdensity mass and radius,M∆ andR∆. Third, we calculate the thermal

pressure profile for the entire sample of clusters in spherical shells, with the shells defined relative toR∆

(for the pressure profiles, we use∆ = 200). To facilitate profile comparisons and cluster stacking, we

normalize each profile by the self-similar amplitude for pressureP∆ ≡ GM∆∆ ρcr(z) fb/(2R∆) (Kaiser,

1986; Voit, 2005), withfb = Ωb/Ωm. Finally, we form a weighted average of these profiles by stacking

clusters in a given redshift and mass bins. We use the integrated Comptony-parameter as our weighting

function,

Y∆ =
σT

mec2

∫ R∆

0
Pe(r)4πr

2 dr ∝ Eth(< R∆) , (5.8)

The stacked average profiles̄Pth = 〈Pth/P∆〉 are then fit to a restricted version of the Generalized NFW

profile,

P̄fit = P0 (x/xc)
γ [1+ (x/xc)

α]−β , x ≡ r/R∆, (5.9)

where the fit parameters are a core-scalexc, an amplitudeP0 and a power law indexβ for the asymptotic

fall off of the profile. There is substantial degeneracy between fit parameters,so we fixα = 1.0 and

γ = −0.3 (as suggested by Nagai et al., 2007; Arnaud et al., 2010). We find that fitting for all parameters

did not provide a significantly better fit than whenα andγ were fixed. However, without fixingα andγ,

a direct comparison of fit parameters between different mass and redshift slices was not meaningful. We

find the best-fit parameters using a non-linear least squares Levenberg-Marquardt approach (Levenberg,

1944; Marquardt, 1963). We weight each radial bin by the internal variance of the cluster profiles within

that bin.

In Figure 5.1, we show the mass and redshift dependence of the average cluster thermal pressure

profile and the corresponding parametrized fits to these profiles. We scalethe pressure profiles byx3,

such that the height corresponds to the contribution per logarithmic radial interval to the total thermal

energy content of the cluster (cf. horizontal purple and pink error bars for the radii that contribute 68%

and 95% of the cluster thermal energy). In the bottom panels of Figure 5.1,we highlight the residuals

from the smoothed fitting function by showing the relative difference,∆Pth = 100
(

Pfit − P̄th

)

/P̄th. The

fitting function, Equation 5.9, provides an accurate fit over all mass and redshift ranges, with a majority

of the deviations from the average profile being< 5%.
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We find that there are subtle dependencies on the cluster mass and redshift (cf. Table 5.1), which

suggests that excluding these dependencies would not yield the required5− 10% precision needed for

calculations of tSZ power spectrum. We also find that there are contributionsto the average pressure

profile at larger radii from substructure and nearby clusters, which cause deviation from the mean profile

to be greater than 5%. In a companion paper, we also show that substructure affects the kinetic support in

cluster outskirts and the shape of the ICM shape at similar radii (Battaglia et al., 2011). In these regions

(redshift dependent, but typically& 2R200) Pfit often deviates from̄Pth by more than 5%. We chose not

to model this behavior because of two reasons. First, the problem of double-counting SZ flux: the large

volume contained within the radius that contains 95% of the total SZ flux,r < 4R200, necessarily leads

to overlapping volumes of neighboring clusters, especially at high-redshift. Second, the total SZ flux

of an increasing pressure profile, scaled byx3, does not converge and an arbitrarily chosen radial cutoff

would substantially contribute to the resulting power of the tSZ power spectrum.Because we weight by

the variance within radial bins, these contaminated regions are naturally down-weighted in the profile

fits.

5.5.2 Constrained Thermal Pressure Profile Fits

In this section we derive a global fit to our pressure profiles as a function of mass and redshift. We

find treating each parameter as a separable function of mass and redshiftgives good results, with the fit

parameters constrained to be of the following form: For generic parameterA, we have

A = A0

(

M200

1014 M⊙

)αm

(1+ z)αz . (5.10)

For each ofP0, β, and xc, we findαm by fitting to thez = 0 snapshot, and we findαz by fitting to

clusters with 1.1 × 1014M⊙ < M200 < 1.7 × 1014M⊙. The weights used in the fits were the inverse

variance of the fit parameters when fitting each individual cluster in that mass/redshift bin. With these

fit parameters, presented in Table 5.1, and using Equations (5.9) and (5.10), we now have a global

model for the average electron pressure as a function of cluster radius, redshift, and mass. Hereafter we

refer to this global empirical description as the constrained pressure profile. In Figure 5.2 we compare

the constrained fits to the stacked averages. With fewer degrees of freedom, the constrained fits will

naturally not be as accurate as fitting each mass/redshift bin completely independently, but we do find

that the mean recovered profile is accurate to the 5− 10% accuracy with which we wish to measure the

tSZ power spectrum.

In Figure 5.3, we present projected 30 GHz temperature maps of 4 sample clusters (cut at a spherical

radius of 6R500), their expected maps from the global constrained fit, and the errors in thepredicted

temperature. A quantitative comparison of the tSZ power spectrum is deferred until Section 5.6.1.

Hereafter, we refer to the predicted temperature maps as pasted profile maps. Note that this is not a

representative sample of the difference between the pasted profiles and the simulations. Instead, we
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Figure 5.3: A comparison of four projected pressure maps of simulated galaxy clusters to the projected

pasted-profile maps. From left to right, the panels show the simulated clusters(cut at a spherical radius

of 6R500), the projected pasted profiles from the constrained fit, and the difference map between the

two. The maps show the temperature decrement−∆T in units ofµK, at a frequency of 30 GHz. The

difference maps,δT, illustrate the scales and amplitudes of the residuals between the simulated clusters

and the projected pasted profiles. Note the color scale is logarithmic for the left two panels (from -0.1

µK to -100µK), while it is linear for the difference map (from−30µK to 30µK). For all panels the left

and top axes are in units of Mpc and the bottom and right axes are in units of arc-minutes.
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Table 5.1: Mass and Redshift Fit Parameters from Eqns. (5.9) and (5.10).

Parameter Am = Az αm αz

P0 18.1 0.154 -0.758

xc 0.497 -0.00865 0.731

β 4.35 0.0393 0.415

The input weights are chosen to be the inverse variances of fit parametervalues from the

individual pressure fits for each cluster within the bin.

attempt to show different size clusters across different redshifts and illustrate the scales of the deviations

from the constrained fit, primarily resulting from substructure4. In the rightmost panel of Figure 5.3, we

show the residuals amplitudes between the simulated cluster projections and the pasted profile from the

constrained fits. We find that these profiles are within∼ 10% of the actual simulated cluster, which is

similar to the differences found in the bottom panels of Figure 5.2. These substructures are significant

on scales of tens of arc minutes for nearby massive clusters and scales of arc minutes for higher redshift

clusters, corresponding toℓ ∼ 1000− 10000.

5.5.3 Analytic Assumptions in the Thermal Pressure Profile

Analytic and semi-analytic models typically rely on assuming an equation of state and some form of

hydrostatic equilibrium (HSE), possibly including non-thermal support terms. Fully analytic models,

(e.g., Komatsu & Seljak, 2002; Shaw et al., 2010), apply HSE to theoretical, spherically symmetric

dark matter potentials. Semi-analytic models, (e.g., Sehgal et al., 2010; Trac et al., 2011), take dark

matter simulations, and paste baryons on top of the dark matter potential wells, again using (possibly

corrected) HSE and an equation of state. The results from both classes of models, then, rely critically

on the input equation of state and are sensitive to departures from HSE. In contrast, empirical fits to the

average cluster pressure profile derived from simulations have a key advantage over analytical models

because the simulations naturally deal with kinetic pressure support from non-thermalized bulk flows

which provide substantial support in the outer parts of clusters, but do not contribute to the tSZ. They

also make no assumptions about HSE (which is grossly violated during, for instance, mergers), and

rather than force an equation of state onto the gas, they track the flow of energy into and out of the ICM.

The (semi-)analytic calculations cast the equation of state in terms of a pressure law P ∝ ρΓ, and

usually assume a constantΓ, whereP can be either the thermal pressurePth which is the source for

the tSZ effect, or the total pressure,Ptot ≡ Pth + Pnt, wherePnt is any non-thermal support, principally

4There is also some mis-centering, since the cluster center of mass does not necessarily line up with the peak of the
projected pressure.
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Figure 5.4: The assumption of a constant thermal or total adiabatic index, asmost analytic models

assume, is not consistent with the results from our simulations. The thermal (Γth solid line) and total

adiabatic indexes (Γtot dashed line) are shown as functions of radius atz= 0 andz= 1 from simulations

with AGN feedback. For comparison, we show the total adiabatic index usedby Shaw et al. (2010), and

we find that the differences increase at larger radii, especially at high redshifts.

kinetic motion of the ICM5. The total pressure is the input to the equation of hydrostatic equilibrium:

dPtot / dr = −GM(< r)ρ / r2. (5.11)

We present the effective adiabatic index,Γ = d logP/d logρ, as a function of cluster radius in Figure

5.4. We find that the assumption of constantΓ is grossly violated, particularly in the outer parts of

clusters, and forPth. These results stress the importance of deriving pressure profiles from observations

and hydrodynamical simulations, particularly as good-quality observational data from cluster outskirts

is in short supply.
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Figure 5.5: In the left panel, we show a comparison of the current predictions for the tSZ power spectra

at 150 GHz from our simulations with AGN feedback (red line) and the analytical calculations using the

constrained pressure profiles in this work (blue line). The standard deviation among our 10 simulations

is shown with a light grey band. We also include the semi-analytical simulations bySehgal et al. (2010)

(pink dotted line) and Trac et al. (2011) which includes enhanced non-thermal pressure support (dark

green dashed line) and the fully analytical calculations by Komatsu & Seljak (2002) (orange dotted

line) and Shaw et al. (2010) (light green dashed line). The full-width half-max values appropriate for

the Planck, ACT and SPT beams are also plotted. At low-ℓ, our two methods of calculating the tSZ

diverge because our simulations happen to contain a large number of high mass objects driving the

power up, though the excess is consistent with expected Poisson fluctuations. At high-ℓ the discrepancy

is the result of substructure and asphericity, as demonstrated in Sections 5.6.1 and 5.6.2. The right panel

shows a comparison between the current analytic calculations for the tSZ power spectra and how the

power spectrum changes with the variation of the lower redshift limit of integration. The variance of

the full-sky power spectrum (cf. Equation (5.6)) is illustrated by the grey bands for the highest and the

lowest redshift limits of integration.
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5.6 The tSZ power spectrum in detail

In this section we compare three different ways of calculating the tSZ power spectrum: directly project-

ing the electron pressure in the simulations, taking the simulation cluster catalogs and projecting our

constrained global pressure profile onto the cluster locations (the “pasted profile” maps), and using a

completely analytical halo calculation. For the analytic calculation, we use the formalism described in

Section 5.4 and the constrained pressure profile from Section 5.5. For thesimulation and pasted pro-

file, the thermal Compton-y maps are obtained by performing a line-of-sight integration of the electron

pressure through the entire simulation box at each redshift output, covering z = 0.07 to z = 5. For

each redshift-output map we compute the average power spectrum for our ten simulations and add these

differential power spectra up6. This procedure uses all the information within the simulation volume

and decreases the variance of the power spectrum, especially at low redshifts. One benefit of this tech-

nique is that by summing over redshift slicesafter taking the power spectra, we ignore any correlations

between different redshift slices, as effectively happens in nature. With more traditional methods that

stack redshift slices (such as were used in Battaglia et al. (2010)), care must be taken that different red-

shift slices do not project the same objects to the same locations, as that induces artificial correlations,

potentially altering the tSZ power spectrum.

In the left panel in Figure 5.5, we plot the tSZ power from our analytical halo calculation and that

from the AGN simulations. For reference, we include other tSZ power spectrum templates (Komatsu

& Seljak, 2002; Sehgal et al., 2010; Shaw et al., 2010; Trac et al., 2011). We choose the cosmological

parameters for the halo calculation to match the simulations and integrate fromz = 0.07 to z = 5,

so that the only possible sources of differences are the mass function and the pressure profile. There

are clear differences between the analytical halo calculation and the complete simulation maps.The

main difference at lowℓs results from shot noise within the sample of simulated boxes, where we

had more (though consistent within the expected error) high-mass clustersthan expected, but this is

only a 6% effect in the total power spectrum (cf. Appendix). The differences at higherℓs arise from

deviations about the average pressure profile, including from cluster substructure and asphericity. We

see these variations in the residual maps of individual simulated cluster projections and pasted profile

projections (cf. Fig. 5.3). We further explore these differences in the power spectrum between the

analytic calculation and the simulations in the following Sections 5.6.1 and 5.6.2. It ischallenging to

determine the causes for all the differences between our calculations and other calculations for the tSZ

power spectrum (Komatsu & Seljak, 2002; Sehgal et al., 2010; Shaw et al., 2010; Trac et al., 2011), since

the thermal pressure profile we use is different from the ones used by the other calculations. However,

the reasons for the differences we find between our three methods, will be generally applicable to the

5Some older models have ignored kinetic support entirely, in which casePtot = Pth.
6We have selected the redshifts at which we write out the simulation snapshotsto be the light crossing time of the simula-

tion; hence, the total power spectrum is the sum of the differential power spectra.
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other methods of calculating the tSZ power spectra.

The right panel of Figure 5.5 shows a direct comparison between our analytical model and the

Shaw et al. (2010) model. In both calculations, the same cluster mass functionwas used and the power

spectra are scaled to the same cosmological parameters, so the differences are related to the model

for the thermal pressure profile. We investigate the redshift integration limits7, but find they do not

significantly affect the differences atℓ & 1000. We present the expected mean and standard deviation

of a full-sky tSZ measurement as a function of lower redshift cutoff, and find that the low-ℓ variance is

substantially suppressed by raising the low-z cutoff. On the scales where the tSZ peaks, we find both

the mean spectrum and the variance are only weakly affected by varying the redshift limit fromz=0.01

to z=0.14. Similar results have been found when making intensity cuts on sky maps (Shaw et al., 2009).

We now present power spectra calculated directly from the simulations. In addition to projecting the

full electron pressure from all particles, we also take advantage of the information from the simulation

cluster catalogs. By doing this, we can employ mass, redshift, and radius cuts to explore the dependence

of the full tSZ power spectrum. By pasting our global pressure profile to locations and redshifts of

simulated clusters, we can also explore, without having to worry about sample variance, the effects of

using our profile instead of the full simulation results.

We use the cluster catalogs described in Section 5.5.1, and remind the readerthat MFOF is roughly

equal toM200, though with large scatter.8 Our cluster mass function becomes incomplete belowM200 ∼
4 × 1013M⊙ (cf. Appendix) primarily due to ourMFOF cutoff in the original cluster finding of 1.4 ×
1013M⊙, but partially due to the linking length merging some clusters/groups into nearby larger clusters

at the 10− 15% level (e.g., Davis et al., 1985; Bertschinger & Gelb, 1991; Cole & Lacey, 1996; Cohn

& White, 2008). For these reasons we examine only cluster withM500 > 4.2 × 1013 M⊙ when we bin

clusters in mass.

In Figure 5.6 we show the cumulative distribution function (CDF) for the tSZ power for a CDF(M >

, z <) at ℓ = 3000. The CDF illustrates where the relative amount of power originates atthe 25%,

50% and 75% percentile levels. Half the power atℓ = 3000 comes from clusters withz > 0.6 and

half originates from clusters with massM500 < 2 × 1014M⊙. This result is in general agreement with

other work (Komatsu & Seljak, 2002; Trac et al., 2011). We note that the particulars of these mass and

redshift ranges are sensitive to the input modeling of the ICM. The comparatively low mass and high

redshift of the clusters and groups that make up the bulk of the tSZ signal mean that they have not been

as well studied as more massive and nearby objects. Thus, the tSZ angularpower spectrum can provide

a statistical constraint on the astrophysical processes of importance at high redshift and in low-mass

clusters.

7For the remainder of this paper, we use a low redshift cutoff of z = 0.07, so that we can directly compare our analytic
calculation to the simulations.

8For detailed work on comparing the mass definitions ofMFOF to M∆ and the resulting halo mass catalogs from these
definitions see More et al. (2011) and the references therein.
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Figure 5.6: Shown is the cumulative distribution function for the thermal SZ power spectrum as a

function of mass and redshift atℓ = 3000. The curves show the lower mass and upper redshift cutoffs

that contribute [25, 50, 75]% to the tSZ power spectrum. Atℓ = 3000, half the power of tSZ power

spectrum comes from galaxy clusters withz > 0.6, and half comes from clusters withM500 < 2 ×
1014M⊙. For comparison, the dashed green lines show the semi-analytical results of Trac et al. (2011),

which include enhanced non-thermal pressure support.
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5.6.1 Contribution to the tSZ Power Spectrum in Cluster MassBins

In this subsection, we calculate the power spectrum in mass bins. This allows us to isolate the differences

between the simulations, the pasted profile maps, and the analytic calculation, asfunctions of cluster

mass, integrating in redshift betweenz = 0.07 andz = 5. We explore both, cumulative and differential

mass bins. We consider all gas particles (or radii) within 6R500 when projecting the thermal pressure

of the simulations. In Figure 5.7, we show the power spectrum broken downinto cumulative (left

panel) and differential (right panel) mass bins. The bottom panels show the relative differences, where

∆Cℓ = 100
(

Cℓ,sim−Cℓ,i
)

/Cℓ,sim, with Cℓ,sim denoting the power spectra from the simulations and the

Cℓ,i are the power spectra from either the projected pasted profile maps or the analytic calculation.

The largest deviations between our analytic/pasted profile spectra and the full simulations are for the

highest mass (M500 & 7×1014M⊙) clusters, particularly on small angular scales. The deviations between

the pasted profiles and the simulations in this mass range arise from the increased level of substructure

and asphericity in massive clusters in comparison to smaller objects due to the more recent formation

epoch of large systems in a hierarchical structure formation (Wechsler etal., 2002; Zhao et al., 2009;

Pfrommer et al., 2011; Battaglia et al., 2011). The high-mass difference between the fully analytic tSZ

spectrum and the simulation results reflects our overabundance of high-mass clusters due to shot noise

relative to the mass function used in the analytic calculation. The agreement between all three methods

is excellent for masses below 7× 1014M⊙ until our cluster catalog becomes incomplete at low masses.

In the most massive cluster bin, the relative differences between the power spectra are∼ 30− 60% for

ℓ ∼ 2000− 9000 (cf. Fig 5.7). For the lower mass bins the differences fluctuate between±10%, with

the pasted profiles generally agreeing better with the full simulation results.

5.6.2 Contribution to the tSZ Power Spectrum in Redshift Bins

In this subsection we calculate the power spectrum in redshift bins and compare the results from the

simulation, the pasted profile maps, and the analytical calculation to aid in understanding the differences

between these approaches. In Figure 5.7, we show the power spectrumbroken down into cumulative (left

panel) and differential (right panel) redshift bins. Here we fix the mass range to beM500 > 4.2×1013M⊙
and set the lower redshift integration bound for the cumulative spectra to be z= 0.07. We use the same

definition for∆Cℓ to show the differences between power spectrum calculations. In contrast to the mass

cuts, the differences between the projected simulated maps and the pasted profile maps aresimilar across

all the redshift slices (cf. Fig. 5.8). Forℓ < 5000, there is a∼ 5 − 10% difference between the pasted

profiles and the simulations, rising to∼ 20% atℓ = 10,000. This results suggests that the contributions

from substructure and asphericity to the power spectrum are similar across the redshift range explored,

with the exception of one redshift binz ∼ 0.4 which contains a rare merger event. The large deviations

between the analytic and simulation/profile-paste spectra in the highest redshift bin are likely due to the
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Figure 5.7: The tSZ power spectrum sorted into bins of cluster mass. Left: we show the cumula-

tive tSZ power spectrum in mass bins (Cℓ,tSZ (M500 > Mcut) from the AGN feedback simulations, the

pasted profile maps and the analytical calculation. Right: we show the differential tSZ power spec-

trum Cℓ,tSZ (Mcut,low < M500 < Mcut,high) for the same power spectrum calculations. In the bottom of

both panels we show the relative difference,∆Cℓ = 100
(

Cℓ,sim−Cℓ,i
)

/Cℓ,sim, whereCℓ,sim is the power

spectrum of the simulated maps andCℓ,i is that from the pasted profile maps and the analytical calcu-

lation. The differences between the simulations and the pasted profile maps result from the absence

of substructure and asphericity in the pasted profile maps, which is larger for more massive clusters.

The larger differences found between the analytical calculation and the simulations are the result of the

mass catalog of the simulations having an excess of high mass clusters and deficit of lower mass cluster

compared to the analytic mass function (cf. Fig. 5.11).
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Figure 5.8: The same as Figure 5.7, however for redshift slices. Left: we show the cumulative tSZ power

spectrum in redshift binsCℓ,tSZ (z < zcut) from the AGN feedback simulations, the pasted profile maps

and the analytical calculation. Right: we show the differential tSZ power spectrumCℓ,tSZ (zcut,low < z <

zcut,high) for the same power spectrum calculations. In the bottom of both panels we show the relative

difference,∆Cℓ = 100
(

Cℓ,sim−Cℓ,i
)

/Cℓ,sim, whereCℓ,sim is the power spectrum of the simulated maps

andCℓ,i is that from the pasted-profile maps and the analytical calculation. The agreement between the

pasted profile and simulation spectra is excellent belowℓ ∼ 5000 for all redshifts. On smaller scales,

cluster substructure contributes similarly across all redshift bins examined.
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incompleteness of the cluster catalogs at the lowest masses, which are preferentially more important

at high redshift. At low redshift, we attribute the difference between the analytic and the profile-paste

power spectra to the shot noise in the most massive clusters.

5.6.3 Contribution to the tSZ Power Spectrum within given Cluster Radii

In this subsection we apply radial truncations to the full simulated pressure maps, using clusters with

M500 > 4.2 × 1013M⊙ at 0.07 < z < 5. The procedures for making real space radius cuts in maps or

analytical calculations are not trivial, since any sharp cut in real spaceproduces ringing in Fourier space,

potentially transferring power from large to small angular scales. To reduce ringing and the potential to

artificially increase the high-ℓ power spectrum, we use a Gaussian taper when truncating the pressure

profile. We place radial tapers atr = R500, 2R500, 3R500, and 6R500 in the maps, adopting 6R500 as the

reference radial taper9. The form of the taper is

T (r) = exp















−
(

r − rt

80× R500

)2












(5.12)

for r greater than the taper radiusrt, and unity otherwise. In the bottom panel of Figure 5.9 we show

the relative difference,∆Cℓ = 100
(

Cℓ,6R500 −Cℓ,i
)

/Cℓ,6R500, whereCℓ,6R500 is the power spectrum from

the 6R500 radial cut andCℓ,i are power spectra from the other radial cuts. The trend we find is that the

large radii of clusters are only important for the lowℓs, for example the contributions to the tSZ power

spectrum when only integrating out toR500 yields∼ 30− 65% of the total power fromℓ = 100− 1000,

respectively. Atℓ = 3000 only about 10% of the total tSZ power comes from beyondR500. This number

is consistent with previously quoted values (Sun et al., 2011). We note thatthere is some small residual

Fourier ringing, as the tapered spectra rise above the fiducial atℓs of many thousand. Nevertheless,

at higherℓ, the cluster centers begin to be resolved and become the dominant contributors to the tSZ

spectrum since their surface brightnesses are so much larger than any emission in the cluster outskirts.

5.7 Constraints ofσ8 from Current ACT and SPT Data

Using tSZ power spectrum and ignoring any template uncertainty, the constraints onσ8 are competitive

with other cosmological measurements. After accounting for template uncertainty, there is no statisti-

cally significant discrepancy betweenσ8 determined from the tSZ power and that derived from primary

CMB anisotropies, or other the measurements (Dunkley et al., 2010; Shirokoff et al., 2010). Here we

use ourCℓ,tSZ templates at the fiducial parametersσ8 = 0.8 (andΩbh = 0.03096) to define the shape

of the tSZ power spectrum, and content ourselves with determining only the template amplitude,AtSZ,

9We avoid double counting gas particles when we project them into maps. If aparticle lies in the overlap region between
two clusters, we taper the particle with the larger of the two possible taper values, i.e. those particles with a smaller radius
R/R500, to avoid artificially suppressing power in the overlap region.
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Figure 5.9:Cℓ,tSZ (r < Rcut) for the AGN feedback simulations. The thermal pressure distribution has

been tapered as in Equation (5.12) at varying cluster-centric radii before projection. On small scales,

virtually all of the power atℓ > 2000 comes fromr < 2R500. About 80% of the tSZ power is recovered

atℓ = 3000 when tapering atR500, though the deviations become substantially larger at smallerℓ. These

results emphasize the importance of understanding cluster pressure profiles well pastR500 in order to do

high-precision work with the tSZ power spectrum.
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relative to that expected from the background cosmology (e.g., Battaglia etal., 2010; Dunkley et al.,

2010). The amplitude ofAtSZ is proportional to a large power ofσ8 (AtSZ ∝ σ7...9
8 Bond et al., 2002;

Komatsu & Seljak, 2002; Bond et al., 2005; Trac et al., 2011). It follows that values ofAtSZ below unity

imply that theoretical templates overestimate the SZ signal, or else points to a smaller value ofσ8 than

the value derived from primary CMB anisotropies.

The probability distributions of the amplitude,AtSZ, and other cosmological parameters are deter-

mined from current CMB data using a modified version of CosmoMC (Lewis & Bridle, 2002), which

uses Markov-Chain Monte Carlo techniques. We include data from WMAP7(Larson et al., 2010) and,

separately, ACT (Das et al., 2011) and the dusty star-forming galaxy subtracted data from SPT (Shirokoff

et al., 2010). We fit for 6 basic cosmological parameters with the assumption of spatial flatness (Ωbh2,

ΩDMh2, ns, the primordial scalar power spectrum amplitudeAs, the Compton depth to re-ionization

τ, and the angular parameter characterizing the sound crossing distance at recombinationθ) with the

assumption of spatial flatness. We also include a white noise template for points sourcesCℓ,src with

amplitudeAsrc. The primary difference between our analysis and the analysis by SPT Shirokoff et al.

(2010) is that we marginalize overAsrc, allowing for arbitrary (positive) values, and ignore the spatial

clustering component of point sources. We assume a perfect degeneracyCℓ,kSZ ∝ Cℓ,tSZ for the kinetic

SZ (kSZ) component, so we only need the relative amplitude ofAkSZ/AtSZ at a given frequency and

use the kSZ amplitudes from Battaglia et al. (2010), where the ratio of kSZ to tSZ at ℓ = 3000 and

150 GHz is 0.44. As mentioned in Battaglia et al. (2010), these simulations do notfully sample the

long wavelength tail of the velocity power spectrum and do not include any contributions from patchy

re-ionization (Iliev et al., 2007, 2008). Hence this kSZ power spectrum template is a lower limit to the

total power.

In Figure 5.10 we illustrate the 68% allowed confidence intervals for the tSZ power spectrum, given

the shape of our AGN feedback template, our predicted tSZ to kSZ power spectrum ratio, and the current

data from ACT and SPT. We scale our template using the best-fitσ8 value from Keisler et al. (2011) of

0.814 and scale our template (which was calculated atσ8 = 0.8) by (0.814/0.8)8, about 15%. We find

that our template is within the 68% confidence interval region for both ACT andSPT, after correcting

for our predicted kSZ to tSZ power spectrum ratio of 0.44. Note that the semi-analytic and analytic

models without substructure have lower tSZ amplitudes, which would result in higher values ofAtSZ

and higherσ8.

5.8 Discussion and Conclusion

In this work, we found a global fitting function for galaxy cluster thermal pressure profiles using the

simulations presented in Battaglia et al. (2010). We find that this global fit matches the mean pressure

profiles across mass and redshift generally to an accuracy of better than 10%. We have used the profile to
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Figure 5.10: Our 150 GHz tSZ power spectrum of our AGN feedback model, rescaled to the Keisler

et al. (2011) best-fitσ8 value of 0.814 (red line) is contrasted with the bands indicating the 68% range

in tSZ amplitude from ACT (Das et al., 2011, dark grey) and SPT (Shirokoff et al., 2010, light grey).

For comparison, we plot several other models for the tSZ power spectrum,also shifted to the fiducial

σ8 = 0.814. These are Sehgal et al. (2010) (pink dotted line), Trac et al. (2011) (dark green dashed

line), Komatsu & Seljak (2002) (orange dotted line), and Shaw et al. (2010) (light green dashed line).

We include the estimated beam FWHM for ACT, SPT, and Planck.
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Table 5.2: Cosmological constraints onAtSZ andσ8 from ACT and SPT using the AGN feedback tSZ

power spectrum template

Data AtSZ σ8

ACT (Das et al., 2011) 0.85± 0.36 0.784+0.036
−0.053

SPT (Shirokoff et al., 2010) 0.69± 0.29 0.764+0.035
−0.051

reconstruct the thermal Sunyaev-Zel’dovich power spectrum using both fully analytic and semi-analytic

pasted profiles onto cluster position in the simulations, and find we recover thetSZ power spectrum to

∼15% atℓ = 3000 (cf. Figure 5.5). Other analytic and semi-analytic models for the tSZ effect commonly

assume constant adiabatic indices when solving the equation of hydrostatic equilibrium. The assumption

is not borne out in our simulations, where both the thermal adiabatic index andthe effective pressure

adiabatic index (which includes non-thermal support from bulk flows in clusters) break substantially

in cluster outskirts (cf. Figure 5.6). Using both the simulations and the global pressure profile, we

examined the contributions to the tSZ spectrum as functions of cluster mass, redshift, and truncation

radius. We found that the contributions from substructure and asphericity are most important for the

highest mass clusters (M500 & 7×1014M⊙), but remain significant at the 10−15% level across all mass

bins. We find that half the power of the tSZ power spectrum atℓ = 3000 is contributed by clusters with

z> 0.6 and half the power originates from clusters withM500 < 2× 1014M⊙.

We have compared our tSZ prediction to results from the Atacama Cosmology Telescope and the

South Pole Telescope. We found that there is no statistically significant difference between our model

and the data, after accounting for a simplistic correction from the kinetic SZ effect. More complete

component separation should be possible with better frequency coverage (Millea et al., 2011). We note

that our analysis differs from that in Shirokoff et al. (2010) in that we make no prior assumption about

the amplitude of the point source power spectrum, other than that it is non-negative.

The pressure profile presented in this work is derived from themeanelectron pressure in our simu-

lations and we defer the derivation of a mean profile designed to include the effects of substructure and

asphericity in the power spectrum to a future work (Battaglia et al., in prep).This profile will not be

expected to match individual cluster observations, but we hope will allow analytic calculations of the

tSZ power spectrum to an accuracy of significantly better than 10%. With future data sets, such as those

expected from Planck, ACTpol, and SPTpol, it may be possible to constrainnot just the amplitude but

the shape of the tSZ spectrum. In this case, analytic calculations may be usableto constrain not just

cosmology but the important astrophysical processes in clusters with the tSZeffect. Doing so through

the power spectrum has the advantage that it is sensitive to lower mass and higher redshift clusters as

well as cluster outskirts in ways that are complementary to other data sets.
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5.9 Appendix: Comparing the Cluster Mass Catalog to the Mass func-

tion

In this appendix we compare the mass function from our simulations with that of Tinker et al. (2008).

Our cluster mass catalogs were made with spherical overdensity mass with respect to the critical density

and the mass function is with respect to the mean matter density. So, we converted theM200 from the

simulations toM200,m assuming the mass profile is dominated by dark matter and use the concentration-

mass relations from Duffy et al. (2008). We show in Figure 5.11 that there is a clear deficit of low

mass clusters due to the chosen linking length of 0.2 in our FOF finder. At this length, is is well known

that neighboring clusters are sometimes artificially merged together (e.g., Daviset al., 1985). We also

instituted a firm lower limit mass cutoff in the initial FOF catalogs ofMFOF > 1.4×1013M⊙, and so our

mass function is also expected to be incomplete near that mass.

There is a clear excess of high-mass clusters in our simulations, but it is consistent with shot noise

(we only have 6 clusters withM500 > 7.1 × 1014M⊙). We now estimate the excess power in our

full simulation power spectrum due to this upwards fluctuation in the highest mass bin. Where the

cluster catalogs are complete, we expect that over an enormous number ofsimulations, the paste profile

and analytic calculation of the tSZ power spectrum would converge, and indeed see the agreement

is excellent between the two in the right panel of Figure 5.7 for all but the lowest (due to catalog

incompleteness) and highest (due to shot noise) mass bins. We thereforeadopt the ratio of the the pasted

profile spectrum to the analytic spectrum as a quantitative estimate of the over-representation of high

mass clusters in our finite number of realizations. Atℓ = 3000 this value is 2.0, though as can be seen in

Figure 5.7 the specific value is insensitive to the referenceℓ. Since the high-mass contribution to the tSZ

spectrum from the full simulation projections is 0.67µK2 at ℓ = 3000, in the limit of an infinite number

of simulations, we would expect the average contribution from clusters withM500 > 7.1×1014M⊙ to be

0.34µK2 lower. The total power spectrum atℓ = 3000 is 5.78µK2, so this shot noise correction amounts

to just less than a 6% shift in the total power spectrum.



5.9. A: C  C M C  M  143

1013 1014 1015

M200,m

10-8

10-7

10-6

10-5

10-4

dn
 / 

dM

AGN feedback cluster catalog
  Tinker et al. 2008, z = 0

Figure 5.11: We compare the mass function, dn/ dM, for the cluster catalog from AGN feedback sim-

ulations to the mass function from Tinker et al. (2008). The differences at high masses indicates that in

the 10 independent simulations we happen to have more high-mass clusters than is expected on average

(though with only 6 withM500 > 7.1× 1014Msun this is consistent with shot noise). At low masses, our

catalog is incomplete due to our FOF halo finding (see text).



144 C 5. D  T SZ P S



Chapter 6

Conclusions and Outlook

Galaxy clusters have been and will remain among the most interesting of astronomical objects. The

growing appreciation of their complexity continues to foster interest and excitement as astrophysical

laboratories and cosmological probes in the cluster community.

The detailed conclusions of this thesis are given at the ends of, chapters2, 3, 4 and 5, and will only

be briefly summarized here.

• Using radio relics as observational probes we can study the magnetic fieldsin the galaxy clusters

through relic luminosity functions and rotation measure statistics.

• We can determine the Mach numbers of structure formation shocks from the spectral index of the

radio relics.

• A coarse grained stochastic model of AGN feedback in galaxy clusters affects the thermal pressure

profiles of galaxy clusters and the Sunyaev-Zel’dovich angular powerspectrum.

• The SZ scaling relations are affected at the 15% level by non-thermal pressure support in clusters

and by the anisotropic shape of the ICM.

• A constrained fit to the thermal pressure profile provided as a function ofcluster mass, redshift

and radius, is accurate to the level of precision required by current high precision observations.

• We quantified the contribution of sub-structure and asphericity to the SZ angular power spectrum

by comparing three different methods for calculating the power spectrum.

• We constrained the density power spectrum amplitude,σ8, from the latest ACT and SPT mea-

surements of tSZ angular power spectrum.

Understanding the ICM at the level of detail, in this work and even more so, will be extremely important

to interpret results from upcoming cluster missions, such as the imminent X-raysatellite mission, E-

Rosita, ACTpol, SPTpol, Planck, and the optical Dark Energy Survey.
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6.1 Future Work

We are already working on several avenues of clusters astrophysicsand cosmology that flow naturally

from this thesis. We plan to explore the vast parameter space of energetic feedback possibilities, includ-

ing momentum injection and relativistic energy injection, as well as further exploration of the thermal

energy injection like the type used in this thesis. The crucial question to answer is how do these partic-

ular forms of feedback impact the thermal SZ power spectrum and other cluster observables. An urgent

project driven by data already available or coming soon from ACT, SPT,and Planck, is to develop a

fast analytic calculation that properly accounts for sub-structure, bulkmotions, and asphericity. One of

the subjects related to substructure is density and pressure clumping. We have shown in chapter 5 that

the ICM is decidedly non-uniform. The clumping must be included to interpret observations correctly

(Simionescu et al., 2011; Nagai & Lau, 2011). We are in the process of characterizing the sizes of these

density and pressure clumps, and will incorporate these results into semi-analytical models of the ICM.

Another project is to study the growth of clusters from their proto-cluster precursors, focusing on the

build up of entropy in their formation, using high resolution simulations of individual clusters. How

is the information stored in the proto-cluster state encoded into its final cluster configuration? This is

hardly an exhaustive list of projects, only those on the front burner which should reach fruition within

the near future. There is still so much to explore beyond these projects andso many questions to be

addressed and answered in the tight interplay between theory and observations that is cluster science.

And there is an entire Universe of gravitationally collapsed clustered objects of lower mass at higher

redshifts to explore with the sort of hydrodynamical/N-body simulations used here.
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